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Solar eruptions, observed as flares and coronal mass ejections (CMEs), are the most energetic

visible plasma phenomena in the solar system. CMEs are the central component of solar eruptions

and are detected as coherent magnetized plasma structures expanding in the solar wind (SW). If

they reach the Earth, their magnetic fields can drive strong disturbances in the ionosphere, causing

deleterious effects on terrestrial technological systems. The scientific and practical importance of

CMEs has led to numerous satellite missions observing the Sun and SW. This has culminated in

the ability to continuously observe CMEs expanding from the Sun to 1 AU, where the magnetic

fields and plasma parameters of the evolved structures (“ejecta”) can be measured in situ. Until

recently, the physical mechanisms responsible for eruptions were major unanswered questions in

solar and by extension stellar physics. New observations of CME dynamics and associated eruptive

phenomena are now providing more stringent constraints on models, and quantitative theory-data

comparisons are helping to establish the correct mechanism of solar eruptions, particularly the driv-

ing force of CMEs and the evolution of their magnetic fields in three dimensions. Recent work has

demonstrated that theoretical results can simultaneously replicate the observed CME position-time

data, temporal profiles of associated solar flare soft X-ray emissions, and the magnetic field and

plasma parameters of CME ejecta measured at 1 AU. Thus, a new theoretical framework with test-

able predictions is emerging to model eruptions and the coupling of CME ejecta to geomagnetic

disturbances. The key physics in CME dynamics is the Lorentz hoop force acting on toroidal “flux

ropes,” scalable from tokamaks and similar laboratory plasma structures. The present paper

reviews the latest advances in observational and theoretical understanding of CMEs with the

emphasis on quantitative comparisons of theory and observation. Published by AIP Publishing.
[http://dx.doi.org/10.1063/1.4993929]

I. INTRODUCTION

The Sun is the most dominant object in the solar system.

Its mass, M� ¼ 1:99� 1033 g, constitutes approximately

99.8% of the total mass of the system. Most of this mass is in

the form of plasma. To the casual observer, the Sun is con-

stant and placid. To the keen observer, however, it is neither

constant nor placid, sporadically exhibiting “eruptions” that

are observed as coronal mass ejections (CMEs), eruptive
prominences (EPs), or solar flares depending on the method

of observation. CMEs and EPs appear as large plasma struc-

tures of the order of the solar radius, 1R� ¼ 6:96� 105 km,

accelerating and expanding away from the Sun. Their speeds

can reach several hundred to a few thousand kilometers per

second in tens of minutes. Solar flares, detectable in electro-

magnetic radiation ranging from radiowaves to c-rays, appear

as localized quasi-stationary brightening in the low corona.

Figure 1 shows the morphology of a solar flare (solid arrow)

observed in X-rays. Exceptionally powerful flares are visible

in white light against the bright solar disk, but such events

are rare. Most flares are much less energetic and are observed

in limited wavelength bands such as X-rays, extreme ultravi-

olet (EUV), and hydrogen alpha (Ha, k ¼ 6562.8 Å) where

the background is relatively dark (e.g., Fig. 1). These phe-

nomena are the most energetic plasma processes observed in

the solar system: each occurrence expels an estimated

1014–1016 g of mass and 1030–1033 ergs of energy as kinetic

energy of bulk plasma motion (CMEs and EPs) and photon

energy (flares). These processes occur over tens of minutes to

several hours. Still, the mass and energy losses in eruptions

are miniscule compared to the solar mass M� ¼ 2� 1033 g,

steady mass loss of �1012 g s�1 due to the solar wind
(SW), and luminosity L� ¼ 3:8� 1033 erg s�1. The energy

source—presumed to be magnetic—and physical mecha-

nisms of eruption have been long-standing questions in

physics.

Historically, different manifestations of eruptions were

discovered as new observations became available. The first

solar eruption to be recorded as such was a rare white-light

flare serendipitously discovered in 1859 by two astronomers

during independent sunspot observations.1,2 It appeared as

intensely bright patches against the solar disk, lasting for

about 5 min.2 Both observers were surprised, describing the

occurrence as “singular appearance” and “curious appear-

ance.” Some of the bright patches were reported to “move”

�35 000 mile (5.6� 104 km) during the event.1 This trans-

lates to an apparent speed of �200 km s�1, much faster than

the speeds associated with discernible changes in sunspot

features (<1 km s�1). With the advent of spectroheliographs

that could image the Sun at specific wavelengths,3,4 flares

were found to be common at lower brightness levels in
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various wavelength regimes. Flares are often accompanied

by radiowave emissions whose sources move away from

flare sites at upwards of 1000 km s�1 (moving type IV

bursts).5–7

Prominences, which radiate in Ha and would be visible to

the naked eye but for the bright solar disk, had been observed

during solar eclipses as reddish arched structures suspended

above the solar limb. Figure 2 shows in near-natural color a

few prominences (pinkish) and the corona (diffuse white) dur-

ing a total solar eclipse.8 The motion of a prominence would

be difficult to see during the limited duration of an eclipse, but

by early 1900s, it had been determined from Doppler data and

spectroheliographic images that they sporadically erupted at

several hundred kilometers per second.9–11

The first CME was observed relatively recently,12 in 1971

by the space-borne coronagraph on the Orbiting Solar

Observatory 7 (OSO-7): it appeared as a coronal density struc-

ture (a band of bright pixels) moving outward at an apparent

speed in excess of 1000 km s�1. A coronagraph, invented by

Lyot in the 1930s,13,14 is a telescope that uses an occulter to

block the bright solar disk, in effect creating a perpetual artificial

eclipse, so that the faint corona can be observed. Meanwhile,

the existence of the SW, a steady outflow of plasma from the

Sun, was confirmed by satellite observations.15–17

The 1859 flare was followed by a major geomagnetic
storm at the Earth; such storms are characterized by large-

amplitude fluctuations in the ground magnetic field and bright

aurorae around the globe.18 It was suspected to have been

caused by the flare, but this was met with skepticism (“One

swallow does not make a summer”1) although apparent links

between sunspots and aurorae had been noted.19,20 For

example, the “prolonged sunspot minimum”

(1645–1715)21,22—the so-called Maunder Minimum23—was

correlated with a marked dearth of aurorae,19,20 but “it is not

obvious that anyone in solar physics listened” to the message

of Sun-Earth connection and solar influence on the Earth.23

The nature of the suspected solar-terrestrial connection

remained mysterious until the age of satellite observation.

With in situ measurements of the SW plasmas, it became

clear that long durations (several hours) of strong southward

(z< 0) interplanetary magnetic field (IMF) emanating from

the Sun, say, Bz < �10 nT (nanotesla), were correlated with

geomagnetic storms.24–26 Burlaga et al.27 reported observa-

tion of a large magnetized plasma “loop,” dubbed an inter-

planetary (IP) “magnetic cloud” (MC), detected at 1 AU and

2 AU by multiple spacecraft. At the Helios 2 spacecraft near

1 AU, it was inferred to be �0.5 AU in radial extent along

the Sun-Earth line, and the measured magnetic field in the

loop reached Bmax � 20 nT, with the field vector B smoothly

rotating from the southward to the northward orientation

over 36 h. This observation led the way in clarifying the

three-dimensional (3-D) spatial structure of such geoeffective
(storm-causing) unipolar IMF periods, which are distinguish-

able from the rapidly fluctuating background IMF of �5 nT.

These properties are characteristic of MCs at 1 AU.28 If they

impinge on the Earth, MCs can impose long durations (say,

10–20 h) of strong southward IMF on the magnetosphere,

producing major geomagnetic storms.

Subsequent work established a statistical association

between MCs at 1 AU and CMEs and EPs at the Sun.29–31

The association was statistical because coronagraphs had

limited fields of view (FOVs) and could not observe CMEs

propagating toward the space-borne magnetometers and par-

ticle detectors placed at the L1 Lagrange point on the Sun-

Earth line, approximately 10�2 AU from the Earth toward

the Sun. With the launch of the Solar Terrestrial Relations

FIG. 2. Total solar eclipse on 11 August 1999 viewed in France. The corona

(whitish and diffuse) and prominences (reddish) are visible in near-natural

color. The corona is visible because of Thomson scattering of photospheric

light by free electrons. The thin reddish layer along the disk gives a glimpse

of the chromosphere radiating in Ha (6562.8 Å). The white spots in the

prominences are saturated Ha pixels. Credit: Original full-disk image by

Luc Viatour/www.Lucnix.be.

FIG. 1. Yohkoh soft x-ray telescope (SXT) image of a solar flare (solid

arrow) at 15:53 UT on 12 September 2000, showing an “arcade” of bright

loops (solid arrow) against the X-ray dark photosphere, some 3 h after the

peak. The flare erupted in NOAA active region (AR) 9163. The hot X-ray

loops are coronal structures rising well above the solar surface. An earlier

flare occurred on the west limb (right in the image, NOAA AR 9154), pro-

viding a view of an arcade from the side (dashed arrow). By convention, the

west (east) limb is on the right (left) based on the observer in the northern

hemisphere of the Earth.
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Observatory (STEREO) mission32 in 2006, consisting of two

identical spacecraft (A and B) placed in the ecliptic but off

the Sun-Earth line, it became possible for the first time to

directly observe CME ejecta from the Sun to 1 AU, where

under favorable circumstances, the ejecta magnetic fields

could be measured in situ. In some fortuitous cases, the

CME-MC connection has been confirmed.33

Each STEREO spacecraft carries an identical suite of tele-

scopes and in situ detectors—Sun Earth Connection Coronal

and Heliospheric Investigation (SECCHI)34—consisting of

inner Sun-centered coronagraphs COR1 and COR2

(1.3–15 R�), outer side-viewing heliospheric imagers HI1 and

HI2 (12–215 R�), Extreme Ultraviolet Imager (EUVI), a mag-

netometer (IMPACT), and a plasma detector (PLASTIC).

Coronagraph data yield line-of-sight (LOS) integrated density

distributions projected onto the two dimensional (2-D) plane

of the sky and do not show the 3-D magnetic geometry of

CMEs or the magnetic connection between CMEs and the

Sun. Nevertheless, there is observational35 and theoretical36,37

evidence that CMEs maintain their magnetic connection to the

Sun. Thus, the magnetic fields of CMEs impinging on the

Earth provide the key physical connection between solar erup-

tions and strong disturbances in geoplasma space.

Advances in solar physics have been achieved largely by

improvements in remote-sensing observations. Observations

using different parts of the electromagnetic spectrum reveal

different “faces” of the Sun.38 The historical emphasis has

been on understanding spectral data and images. Images—2-D

projections of 3-D density structures—have led to numerous

schematic concepts and mechanical analogs of dynamical sce-

narios (“cartoons”) that are used to help interpet observations,

numerical simulations, and theoretical models.39 Image-based

concepts, however, do not necessarily lend themselves to quan-

titative or testable understanding of data and physical mecha-

nisms. Yet, the legacy of such concepts and biases influences

the interpretation of new observations. A challenge in solar

physics research is to revise the old pictures and construct new

“faces” in quantitative agreement with new data and physical

laws. The present paper will emphasize the macroscopic phys-

ics underlying eruptive processes, particularly the magnetohy-

drodynamic (MHD) forces responsible for observed CME

dynamics and the evolution of CME magnetic fields.

Currently, a constellation of satellites observe the Sun

and heliosphere from multiple vantage points. The two iden-

titical STEREO spacecraft have, for the first time, directly

observed CME dynamics from the Sun to 1 AU and in a

number of events, measured CME ejecta magnetic fields and

plasma parameters in situ. The Solar Dynamics Observatory

(SDO; 2010-present)40 provides high-resolution images of

the Sun from Earth’s vantage in multiple wavelengths. Flare

X-ray emissions are monitored by the Geostationary

Operational Environmental Satellites (GOES) system, and

the SW properties, including the ejecta of CMEs, are mea-

sured by the Advanced Composition Explorer (ACE) placed

at the L1 Lagrange point, �10�2 AU from the Earth toward

the Sun. These datasets can now quantitatively constrain

CME-EP-flare-MC models over the entire 1-AU region. As a

result, new testable answers to long-standing questions are

emerging: (1) what magnetic structures underlie CMEs, (2)

what forces drive CMEs and determine their trajectories, (3)

what physical processes connect the acceleration of CMEs and

energy release in flares, (4) how CME magnetic field evolves

through interplanetary (IP) space, and (5) how CMEs and MCs

are related. The dynamics and structure of solar magnetic flux

ropes play a key role in answering these questions.

There exists an enormous literature on the models of solar

eruptions based on the so-called “standard model” (Sec. III A),

which posits that the energy of eruption resides in the coronal

magnetic fields and evolves into eruptive state by the slow pho-

tospneric boundary motion of the magnetic footpoints. The

challenge is to determine what coronal structures and photo-

spheric conditions can reproduce observed CME acceleration

and propagation to 1 AU. There are several well-established

models, which have been extensively reviewed41 and are a text-

book matter.42 The present paper is not a compendium of such

well-reviewed models nor is it a general review of solar erup-

tions, a subject matter too vast to consider in depth in a reason-

ably finite amount of space: rather, it presents an emerging new

theoretical framework and examines how it answers outstand-

ing questions, together with recent solar observations and the

contrasting traditional interpretation of observed phenomena.

The new theory focuses on the physical mechanism of CME

eruption—the expansion of magnetic flux ropes, the driving

forces, and the evolution of the ejecta magnetic fields—and

produces new testable predictions for CMEs, flares, and MCs.

The objective is to present a physics- and data-based “big

picture” with sufficient depth and breadth to enable the reader

to delve into the existing literature and critically examine physi-

cal issues. Of necessity, plasma physics will be key in the sub-

ject matter. The discussion will emphasize comparison of

theoretical predictions and observed data. In this big picture,

arguably the most important physical difference is that the stan-

dard paradigm places the energy of eruption in the corona while

the new erupting flux rope (EFR) paradigm allow injection of

magnetic flux from the convection zone. In terms of citations,

primary/original references are emphasized, complemented by

those that provide more recent observational findings.

In Secs. I A and I B, a brief history of the understanding

of solar eruptions is given. Section II A summarizes the

known properties of the solar atmosphsere, and Sec. II B pro-

vides specifics of observed eruptions. The reader who is

familiar with the phenomenology of eruption may skip Sec.

II and proceed to Sec. III, where the physics of CMEs is

introduced and theory-data comparisons are discussed. The

new theory is compared with the prevailing “standard mod-

el.” Section IV examines in depth some important open

questions in models of solar eruption, which will provide

stimulating challenges to plasma physics. The canonical

parameters of the solar atmosphere are given in Table I.

A. Solar eruptions: Overview

Solar flares are perhaps the most widely known manifes-

tation of eruptions. They have been observed in various elec-

tromagnetic regimes for over a century and a half, and their

spectroscopic properties are well-documented.42–47 The X-

ray flare in Fig. 1 was captured during the decay phase by

the Soft X-ray Telescope (SXT)48 on the Yohkoh satellite
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(mission: 1991–2005).49 In this image, the flare appears as

an arcade of diffuse “loops,” known as a “post-flare arcade”

or a “post-eruption arcade” (solid arrow). (These historical

terms are misnomers in that the arcade is part of the erup-

tion.) An arcade on the west limb (dashed arrow) from an

earlier eruption provides a view of such loops from the side.

Figure 3 shows the disk-integrated soft X-ray (SXR) inten-

sity I SXRðtÞ measured by the GOES 8 spacecraft in the two

wavelength bands, 1–8 Å and 0.5–4 Å. Note that ISXRðtÞ con-

tains no spatial information, but the Ha and EUV images

during this period show no other eruptions. Thus, the peak in

I SXR is attributable to this flare. The maximum SXR inten-

sity, occurring at �12:20 UT, is one order of magnitude

brighter than is seen in Fig. 1. Also seen in Fig. 1 are several

relatively bright patches. They mark active regions (AR),

which are regions of the order of 105 km characterized by

strong (a few kilogauss) magnetic fields in the photosphere.

The coronal emissions from such regions fluctuate and make

up the bulk of the quasi-steady X-ray background.

The National Oceanic and Atmospheric Administration

(NOAA) maintains a catalog of active regions. This flare

occurred in the region designated as AR 9163 in this catalog.

Flares are classified as A, B, C, M, and X according to the

peak power in the 1–8 Å channel. The right vertical axis

shows the decade of power for each class. With maximum

ISXR ¼ 1:02� 10�5 W m�2, this is an M-class flare.

Closely associated with flares, EPs had also attracted

much attention,50 and their observed morphology and

dynamics are now well known.43,51 Figure 4 is a snapshot

from a sequence of Ha images of the eruption of a promi-

nence, the so-called Grand Daddy prominence. The occulted

solar disk provides the spatial scale. The large-scale

“braided” features suggest nonlocal magnetic organization.

The plasma parameters in quiescent prominences have been

inferred using photon spectra and polarization. Temperatures

are 5� 103–1� 104 K with non-thermal (“turbulent”) broad-

ening of spectral lines corresponding to 5–8 km s�1.52

Electron density of ne � 1010–1011 cm�3 has been obtained

FIG. 3. Soft X-ray (SXR) intensity ISXRðtÞ detected by GOES-8, in units of

W m�2 and averaged over 3 s. ISXRðtÞ, integrated over the solar disk, peaked

at about 12:20 UT with the FWHM duration is 105 min. After the peak,

ISXRðtÞ decayed to the pre-eruption level in about 8 h. The flare classification

(A, B, C, M, and X) is defined by the peak intensity in the 1–8 Å band and is

given on the right axis. This is a small M-class flare.

TABLE I. Solar plasma parameters.a n ¼ particle density; f � ne=nH ¼ degree of ionization, ne ¼ electron density, nH ¼ neutral hydrogen density; T ¼ tem-

perature (Kelvin); B ¼ strong magnetic field; VA ¼ B=ð4pqÞ1=2 ¼ Alfv�en speed; b ¼ plasma beta; kmfp ¼ ion mean free path; qL ¼ characteristic ion Larmor

radius; c=xpi ¼ ion inertial length; and xpi ¼ ð4pne2=miÞ1=2
.

nb (cm�3) fb T (K) Bc (G) VA
c (km s�1) bc kmfp (cm) qL (cm) c=xpi (cm)

Coronad 5� 108 �1 2� 106 10–100 1000 0.01 6� 107 100 700

Chromosphere 4� 1010 0.7 104 102–103 100 0.1 10 10 70

Photosphere 8� 1016 2� 10�4 5800 1k–3k 10 1 10�1 1 10�1

Convection zonee 1� 1023 �1 2� 106 n/a 2:2� 102 n/a 3� 10�7 n/a 7� 10�3

aCanonical values derived from remote observations. All quantities encompass a range of values.
bIonization, f � ne=nH : Photospheric and chromospheric values based on Table 10 of Vernazza et al.150 The optical depth at 500 nm (nanometer)—s500—

decreases from s500 ¼ 1 to s500 ¼ 0:1 in about 150 km above the photosphere. Photospheric values are the approximate averages in this thin layer.

Chromospheric values are given where T � 104 K (�2000 km above the photosphere).
cValues in regions with strong fields. Photospheric values are for sunspots (the LOS component). For the convection zone where no magnetic field is available,

the sound speed CS (model S) is given.152

dEstimated value at the base of the corona.
eAt the base of the convection zone, approximately 2� 105 km below the photosphere. The values are from the model of Christensen-Dalsgaard et al.,152 the

so-called model S. Specifically, the values are from R=R� ¼ 0:7143 measured from Sun center. No model magnetic field information is available; in place of

VA, the sound speed is given: CS ¼ ðcp=qÞ1=2
, where the thermodynamic adiabatic index is c ¼ 1:664 at this depth.

FIG. 4. The “Grand Daddy” eruptive prominence photographed on 4 June

1946. The solar disk is occulted. The image is interpreted as a 2D projection

of a twisted or helical plasma structure organized by magnetic field. The Ha
filtergram, one in a sequence capturing the eruption, was obtained by

Roberts at Harvard College Observatory in Climax, CO.
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from the measured Stark effect in hydrogen Balmer

lines.52,53 The estimated ionization is 0:05 < f < 1,51

f � ne=nH; (1)

where nH refers to the neutral hydrogen density. Various spec-

troscopic methods have yielded similar values of ne in promi-

nences.54 The total plasma density is ne þ nH � 1012 cm�3.

The magnetic field in quiescent prominences is jBj � 10 G,

reaching upwards of 20–30 G.55–57

While the corona was known to vary from eclipse to

eclipse and rocket-borne observations separated by �24 h

had shown changes in the large-scale morphology,58 such

observations did not show motion. The rapid expansion of a

large coronal structure at speeds greater than 1000 km s�1

evidenced by the OSO-7 data had not been expected.59 The

OSO-7 discovery of CMEs was followed by extensive obser-

vations from space-borne Skylab (1973, 1974),60 the Solwind

coronagraph on board the P78–1 satellite (1979–1981),61 and

Solar Maximum Mission (SMM; 1980–1982, 1984–1989),62

and by land-based Mauna Loa Solar Observatory (MLSO)

Mark III K-coronameter (MK3; 1980–2013).63 In the early

literature, the term “coronal transient” was used because it

was not certain whether the observed changes were mass

motion or transient waves, but it is now well-established that

CMEs represent ejection of coronal mass.64–69 The statistical

properties of CMEs observed by the different instruments

over several solar cycles are well documented.64–67,70

Figure 5 shows a sequence of images of a CME71

observed by the SMM coronagraph whose FOV is a quadrant

of the inner corona extending to 6 R�. The dark disk is the

occulter, and the white arc indicates the Sun. A short arrow

located at the center of the Sun (�) points to the solar north.

The quantity observed by a coronagraph is white light from

the Sun that is Thomson-scattered by the free electrons in the

optically thin corona.72 Thus, bright features in these images

show enhanced plasma density integrated along the LOS rel-

ative to the darker regions. Coronagraph data contain no

information on the spatial distribution of electrons along the

LOS: at each pixel, the observed quantity is
Ð

DTneðsÞds,

where DT is the Thomson scattering function, and neðsÞ is

the free-electron density along the LOS. There is no temper-

ature information in DT or ne. These images were obtained

using a broadband filter centered at 5175 Å (green) with a

bandpass of 350 Å.

In an influential study, Illing and Hundhausen71 described

this event and identified several morphological features of

CMEs. Figure 5(a) (10:04 UT) shows the pre-eruption “helmet

streamer” (arrow) that had been slowly expanding for approxi-

mately one day. Streamers refer to bright radial structures

along which coronal material is thought to be streaming from

the Sun; “helmet” refers to the bulge at the base of the

streamer. At 11:54 UT (panel b), the helmet was expanding

more rapidly, manifesting three parts consisting of the bright

rim or CME loop (arrow) encircling a relatively dark “cavity”

and a bright “core.” As the CME expanded, it maintained the

three-part morphology (panel c). By 13:10 UT, the bright loop

had moved out of the FOV, and the expanding core had

revealed its internal structure. The “knotty” and braided

features (arrow) are similar in appearance to those in an Ha
observation of this event71,73 and are reminiscent of the

features in Fig. 4. The mass of the CME loop was estimated to

be comparable to the mass previously in the helmet. This was

interpreted as evidence that the CME loop was formed by the

coronal material expelled by the expanding cavity. Here,

CME/EP mass is estimated from the Thomson-scattered inten-

sity, assuming that the mass is concentrated near the plane of

the sky where the scattering function is peaked.72 The bright

core in a CME-EP structure is interpreted as the coronal coun-

terpart of the prominence observed in Ha.74 At this point, the

prominence plasma was estimated to be about 95% ionized.

This type of CME, an eruption preceded by slow expansion of

a helmet streamer and disappearance thereof, came to be

known as “streamer blowout”67 and “streamer disruption”71

events.

The three-part morphology was interpreted as a 2-D pro-

jection of a 3-D density shell with approximate rotational

symmetry in which the relatively long LOS paths through

the dense shell [Fig. 6(a)] lead to the bright loop: the interior

of the shell is the cavity, with the prominence material (not

shown for simplicity) located inside the dome. The impor-

tance of this concept is that it structurally tied the CME,

cavity, and associated EP together, pointing toward a more

FIG. 5. SMM coronagraph images of an erupting CME on 18 August

1980.71 The images were taken using an unpolarized Dk ¼ 350 Å bandpass

filter centered at k¼ 5175 Å(green). The SMM observed one quadrant at a

time, with Sun center denoted by � and a short arrow pointing to the solar

north. The white circular arc is the solar disk. The brightness measures the

LOS-integrated columnar content of free electrons. The occulter (black cir-

cle) has a radius of 1.63 R�. Certain artifacts have been removed. Courtesy

of the High Altitude Observatory. (a) Shortly before the main eruption

phase. The arrow points to the “helmet stream.” (b) The expanding bright

rim of the CME (arrow) enclosing a relatively dark “cavity” and a relatively

bright “core.” The core can be traced to an erupting prominence. (c) The

rim-cavity-core structure maintains the relative spatial relationships. (d) The

leading edge (LE) of the CME has expanded out of the field of view (FOV),

and the core has unwound itself to reveal the intricate braided density

features.
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unified understanding of CMEs and EPs. In an earlier con-

cept, the bright CME loop [arrow, Fig. 5(c)] was thought of

as a thin current loop,75–77 schematically shown in Fig. 6(b).

This configuration was modeled using a simple metallic cur-

rent loop (minus tensile strength)76 but did not include the

cavity and prominence as integral elements.

Perhaps the strongest evidence supporting the hollow-

dome structure came from the observation of a so-called

“halo” CME78 appearing as a relatively bright, nearly circu-

lar halo around the Sun. This was interpreted as the 2-D pro-

jection of an Earth-directed dome. Statistically, the angular

widths of CME cavities showed no significant dependence

on how the underlying filaments were oriented.79,80

Assuming zero density in the cavity and estimating the con-

trast between the bright loop and the dark cavity, the size of

the cavity in the direction of the LOS was estimated to be

comparable to the transverse width of the cavity.81,82 It was

noted71 that the thickness of the observed CME loops did not

increase as described by the thin loop models,75,76 i.e., as

aðtÞ / RðtÞ, where a(R) is the minor (major) radius of a

loop. These studies helped establish the consensus view of

the SMM era that the bright CME loop is an expanding

shell,69 not a thin planar loop.

The above interpretations were based on 2-D images of

3-D density structures and are inherently non-unique.

Indeed, neither the three-part dome69,71 [Fig. 6(a)] nor the

thin planar loop75,76 [Fig. 6(b)] proved to be the correct inter-

pretation. An important new constraint emerged in the form

of CME dynamics observed by the newly launched Large

Angle and Spectrometric Coronagraph (LASCO).83 LASCO

is a set of three coronagraphs (C1, C2, and C3) on board

the Solar and Heliospheric Observatory satellite (SOHO;

1996–present),84 and has a then-unprecedently large FOV of

radius 32 R� (Sun-centered). The large FOV and high sensi-

tivity enabled detailed observations of CME acceleration and

subsequent propagation through the inner heliosphere. Given

this development, theoretical calculations of toroidal mag-
netic flux rope dynamics85,86 were carried out and compared

with observed CME dynamics, yielding good agreement

throughout the LASCO FOV.87 This pointed to a particular

3-D flux rope configuration—distinct from the earlier thin

planar loops [Fig. 6(b)]—and a specific force as the phys-

ics underlying the CME phenomenon. This has led to

much new research on flux-rope CMEs, and it is now

generally accepted that CMEs are expanding flux

ropes.88–93

In their simplest form, flux ropes are self-organized

plasma pinches (Sec. III D), and the appellation refers to the

braided (twisted) “ropes” of helical magnetic field “lines”

characteristic of such structures. The magnetic fields of

CMEs, however, still cannot be observed. This gap may be

indirectly filled by observed dynamics because the expansion

of CMEs, if they are flux ropes, must be consistent with cal-

culated flux-rope dynamics.87,94–96 Thus, the observed CME

dynamics—in conjunction with physical models—serve as an

added constraint on the interpretation of data. Coronagraph

data also cannot determine if a flux rope exists prior to the

eruption. Recent studies show evidence of pre-eruption cavi-

ties97,98 and flux ropes,99 supporting the flux-rope hypothesis

in the earliest stages of eruption. This also suggests that CME

cavities and bright rims are not necessarily caused by expel-

ling the coronal material as previously thought.71

Occasionally, CMEs observed by multiple instruments

show no identifiable flares (in X-rays) or EPs (in EUV, Ha)

associated with them.100 Such (“stealth”) CMEs are nearly

always slow. Transition Region and Coronal Explorer

(TRACE) also detected a prominence rising up to a maxi-

mum height in the low corona and draining back down (seen

in Ha) with no CME counterpart in the corona.101 Such

events, referred to as “failed eruptions,” appear to be com-

mon.102,103 In some events, seemingly only part of a filament

is seen to disappear (“partial eruption”), which has been mod-

eled as a 3-D flux rope separating into two parts via reconnec-

tion.104 These new observations have significantly refined the

knowledge of the range of the CME phenomenon.

B. Solar eruptions and space weather: Sun-Earth
plasma connection

Approximately 17 h after the 1859 flare,105 large distur-

bances in ground-level magnetic fields and bright aurorae

were observed worldwide even at low latitudes,1,106–108 but

the possible flare-aurora causal connection—even its exis-

tence—remained a matter of speculation for over a century.

The early proposals hypothesized corpuscular agents. On the

basis of the recurrent auroral activities correlated with sun-

spots rotating into Earth-directed positions, Maunder thought

that “electric particles” could be expelled from sunspots,

reaching the Earth and causing aurorae.109 Chapman and

Ferraro110 proposed that neutral streams of charged particles

accelerated in solar flares were responsible for aurorae. The

existence of particles streaming from the Sun (not necessar-

ily from flares) was inferred by Biermann from comet tails

that are directed away from the Sun regardless of the direc-

tion of the comet motion.111,112 Chapman constructed a

model of a static and unmagnetized corona extending past

the Earth based on the high thermal conductivity of a fully

ionized plasma,113 suggesting an explanation for the high

FIG. 6. Schematic of possible CME geometries in three dimensions. (a)

Shell or bubble of dense plasma, the consensus view of the SMM era (1980s

and 1990s). (b) Loop of dense plasma, a concept based on Skylab observa-

tions. Loops are characterized by minor radius a and major radius R. The

thickness of the CME loop would be 2a. Drawings based on Fig. 5.15 of

Ref. 69.
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temperature of the upper ionosphere. Parker, who coined the

term “solar wind,” showed that there is no static equilibrium

solution with vanishing asymptotic pressure and constructed a

model solar atmosphere with steady-state outflows sustained

by an assumed heating function.114 The model includes the

solar magnetic field carried by the expanding plasma, leading

to the configuration with spiral IMF “lines.”115,116

Shortly afterwards, the Soviet satellite Luna 1 detected a

stream of charged particles from the Sun in IP space,15 con-

firming the existence of the SW. Detailed measurements

were made of the IMF and SW plasma parameters by

Pioneer V16 and Mariner 2.17 The large-scale structure of the

IP medium at various heliocentric distances is now well

documented,117,118 including a view of the SW out of the

ecliptic plane.119 The typical SW speed is �400 km s�1 at

low latitudes, which is the “slow” component, and is

�600 km s�1 at the high latitudes, which is the “fast” com-

ponent. Near solar minimum, the fast wind can extend down

to the ecliptic plane at 1 AU. Although the mechanisms for

the heating function—a key question in SW physics—have

yet to be identified, the current understanding of the SW is

substantially based on Parker’s model. Instead of local heat-

ing, nonlocal thermal conduction from the hot corona

through the nearly collisionless SW medium may play a sig-

nificant role.

As mentioned earlier, CME ejecta (i.e., MCs) are now

known to be the primary SW structures responsible for large

geomagnetic storms. Figure 7 (top) shows a 2.5-day period

of IMP-8 satellite SW data at L1, illustrating a prototypical

MC at 1 AU and its relationship to such a storm. Panels (a)

and (b) show, respectively, the By (east-west) and Bz (north-

south) components of the IMF, and panel (c) shows the rota-

tion angle #ðtÞ of the magnetic field vector in the y–z plane,

defined by

#ðtÞ � sin�1ðBz=ByzÞ; (2)

where ByzðtÞ � ðB2
y þ B2

z Þ
1=2

, and þx points sunward from

the Earth. Here, j#j ¼ 0 corresponds to Bz¼ 0 (By 6¼ 0) and

j#j ¼ p=2 to By¼ 0 (Bz 6¼ 0). These plots show that the IMF

fluctuated with the typical amplitude of �5 nT prior to 00:00

UT, 14 January 1988, when the IMF increased and turned

northward (Bz > 0, # > 0) for about 16 h. It then turned and

remained southward (Bz < 0; # < 0) for the next 18 h, reach-

ing �20 nT. The maximum of jByzj coincided with maxi-

mum jByj and Bz¼ 0. The observed magnetic field is

consistent with that of a simple magnetic flux rope with its

axis (Bz¼ 0) in the ecliptic as illustrated in Fig. 7 (bottom), a

pinch having both an axial (By) and azimuthal (Bz) magnetic

field components. (Also see Fig. 8 of Ref. 27.) The period

between the maximum and minimum # (vertical lines) is the

MC as defined by Burlaga et al., which is the current channel

of the flux rope.86 At the leading edge (LE) of the structure,

the measured SW plasma speed (panel c) increased to about

700 km s�1, then decreasing to about 500 km s�1 and roughly

the earlier background conditions (�10:00 UT, 15 January

1988). This is consistent with the minor radius of the mag-

netic flux rope expanding at �100 km s�1 about its axis

(Bz¼ 0). The proton density np in the MC is shown in panel

(e). The proton temperature was Tp � 5� 104 � 1� 105 K

(not shown). Overall, the data show a large plasma structure

that was well organized by a magnetic field much stronger

than the background IMF. At an average speed of 600 km

s�1 and observed duration of 36 h, the structure had a per-

ceived size of �1/2 AU. MCs are often so well organized

that it is possible to infer the magnetic field profile of one

given only 10%–15% of the data near the LE.120–122

FIG. 7. Solar wind (SW) data measured by the IMP-8 satellite at 1 AU on

13–16 January 1988 (left). An organized magnetic structure—a magnetic

cloud (MC)—is inferred (schematic, right). (a) By (east-west) component, in

the Geocentric Solar Ecliptic (GSE) coordinates (þz is north in the ecliptic

and þx points from Earth to the Sun). Data gaps are left blank. (b) Bz (north-

south) component. (c) The IMF “clock angle” defined by Eq. (2), showing a

smooth field rotation of d# ’ p in 36 h. The vertical line segments demar-

cate the MC proper,27 corresponding to the current channel of the larger flux

rope. (d) The SW speed VSW toward the Earth. The nearly linear decrease in

VSW indicates that the structure was expanding. The duration of 36 h (00:00

UT, January 14–12:00 UT, January 15) and average VSW ’ 600 km s�1

imply a spatial size of �1/2 AU. (e) Proton density, np. Proton temperature

(not shown) in the MC: Tp � 5� 104 � 1� 105 K. (f) Associated Dst index

value. The maximum excursion of Dst¼ –150 nT indicates a moderate geo-

magnetic storm. Dst(t)< 0 is most directly correlated with BzðtÞ < 0. The

increases in VSW and np were not directly associated with significant changes

in Dst.
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Figure 7(f) shows the Dst (“Disturbance storm time”)

index123 for this time period. This is the standard measure of

geomagnetic storm strength: the more negative Dst is, the

stronger the storm. Dst is an hourly average of the ground

magnetic field relative to the quiet state (Dst¼ 0), computed

monthly using the data from several magnetometer stations

around the globe. It is clear that Dst(t) is most closely corre-

lated with the southward BzðtÞ. It reached the peak distur-

bance level of Dst ’ �150 nT, a moderately strong storm.

The substantial increase in the SW ram pressure (qSWV2
SW)

did not cause Dst to deviate from the quiet-time values

(Dst � 0). A storm typically decays in several hours to a few

days after the passage of southward IMF structures.

The above relationship between the IMF and Dst is con-

sistent with the hypothesis that the southward IMF (Bz < 0)

reconnects with the Earth’s magnetic field, resulting in large-

scale disturbances in the magnetospheric fields and energetic

particles producing aurorae.124 The weaker but recurrent

form of storms is correlated with high-speed SW streams

(not associated with flares or CMEs) whose source regions

rotate with the Sun.125,126 While it had been known in

magnetospheric physics that major geomagnetic storms are

caused by strong southward IMF,24–26 the adage that flare-

generated particles and SW disturbances (e.g., shocks127) cause

aurorae and geomagnetic storms persisted in the solar physics

literature. Only recently did CME ejecta and their magnetic

fields come to be recognized as the primary solar drivers of

large storms.128,129 Solar energetic particles (SEPs)—electrons

and protons accelerated to more than tens of MeV—can

impinge on the Earth for days, much longer than flare dura-

tions; a major contribution to SEPs comes from particles

accelerated by shocks generated by expanding CMEs.130

Aurora borealis (northern lights) and aurora australis (south-

ern lights) result from particles accelerated in the nightside

magnetotail.131,132

The interplanetary MCs are usually modeled as force-

free (J� B ¼ 0) flux ropes.31,133–136 The specific form used

is the Lundquist solution given by J ¼ kB with k ¼ const.137

To the lowest order, the Bessel function profiles can approxi-

mate many observed MC profiles, but the Lundquist solution

has a fixed ratio of Btðr ¼ 0Þ=jBpjmax � 1:7. The observed

MCs exhibit a wide range of values for this ratio. The force-

free simplification is usually given the physical rationale that

the plasma b of MCs is small. A small b� 1, however, is

not equivalent to J� B ¼ rp ¼ 0. Accordingly, non-force-

free MC flux ropes have been constructed (no ambient pres-

sure treated).139 Non-force-free flux ropes in equilibrium in

an ambient medium of finite pressure (pa) subject to the

“minimum complexity” constraint have been obtained.138

Non-force-free and force-free Lundquist profiles need not be

remarkably different,138 but flux ropes generally do not

evolve in a force-free manner (Sec. III F 2).

Geomagnetic storms with large-amplitude disturbances

in magnetic fields and ionospheric plasma density can

adversely affect micro-electronics and globally integrated

technological infrastructure; outages of communications and

navigation systems, air traffic control system, and electric

power grids are but a few examples.140–143 SEPs do not

cause storms but are a significant hazard to spacecraft,

astronauts, and airline crew. Thus, understanding the physi-

cal mechanisms of CME eruption, subsequent propagation

and evolution of the magnetized ejecta, and the physical pro-

cesses by which magnetospheric dynamics are driven by

CME ejecta has become a grand-challenge scientific objec-

tive of societal importance, providing a focal point of solar-

terrestrial plasma physics, sometimes referred to as “space

weather.”

Although it is now generally accepted that MCs are the

CME ejecta in the heliosphere, i.e., the structures resulting

from CME eruptions, it should be remembered that this con-

nection was mostly statistical, not direct, until the STEREO

mission because the propagation of a CME from the Sun to a

point of observation could not be fully observed. In early

research, counterstreaming SW electrons (identified by

pitch-angle distributions) were used as a proxy for the inter-

planetary manifestation of the CME ejecta largely based on

statistical evidence.144 Such SW signatures were often

referred to “CME,” “solar wind CME,” or “interplanetary

CME (ICME).” Other interplanetary particle signatures of

CMEs have been studied, but the association of such plasma

particle features with CME structures is ambiguous (e.g., see

Ref. 145). In the present paper, the term “CME” will be used

to denote the structure observed by coronagraphs, while

“CME ejecta” will denote the heliospheric counterpart of the

evolved CME; CME ejecta and magnetic clouds will be used

interchangeably depending on the context. The focus will be

on the magnetic field structure. The term “ICME” is often

used in the literature to denote disturbed SW features that

are presumed to result from solar eruptions but do not have

flux-rope like magnetic fields.

II. OBSERVATION OF THE SUN: DIFFERENT FACES
OF THE SUN

Solar observations are remote-sensing measurements. In

interpreting such data, it is important to understand the

underlying assumptions used to relate the detected photons

to the physical quantities of interest. Here, solar observations

relevant to eruptions are summarized with a brief historical

account of the observational advances.

A. Solar atmosphere

1. Photosphere

In ancient times, the solar disk was regarded as an

“unblemished” circle. The solar surface, however, is not

unblemished. Dark “spots” on the disk are occasionally

observed. They were recorded by Chinese astronomers in

official imperial documents dating back to 28 before the cur-

rent era (BCE). Written descriptions of spots exist from the

fifth century BCE.146 These dark spots are now understood

to have been large sunspots or sunspot groups, which are vis-

ible to the unaided eye under certain conditions, e.g., through

haze, thin cloud, or dust that acts as a neutral density filter.

Telescopic observations of sunspots started around 1610,147

yielding detailed drawings of sunspots. Three centuries later,

George E. Hale discovered the Zeeman splitting in the pho-

ton spectra from sunspots,148 demonstrating the existence of
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solar magnetism, arguably the most important discovery in

modern solar physics.

The solar disk is the projection of the hemispherical

photosphere (“light sphere”), the visible solar “surface.”

Below the photosphere is the convection zone in which the

energy generated by nuclear fusion in the core drives con-

vective plasma flows that carry the energy to the surface,

where the upwelling plasma radiatively cools and begins to

flow down; the photosphere is where the atmosphere makes

the transition from an optically thick (optical depth s¼ 1) to

an optically thin state. It is, therefore, the inner most layer of

the solar atmosphere that can be directly observed. Its effective

(black-body radiation) temperature is Ts ’ 5800 K (kTs ¼ 0:5
eV). Here, subscript s refers to the photospheric “surface,”

which is a highly nonuniform and dynamic layer with an esti-

mated thickness of �150 km (i.e., one gravitational scale

height). This is also approximately the photon mean-free-path

in the photosphere.149 The canonical particle and mass densi-

ties are ns � 1016–1017 cm�3 and qs � 2� 10�8 � 10�7 g

cm�3, respectively. The temperature decreases to Tmin ’ 4000

K at �500 km, where n � 2� 1015 cm�3.150

The photosphere is not a fixed surface, and its position

and observed properties are determined by the last interac-

tion of the detected photons with the optically thick plasmas.

The photosphere is weakly ionized with ionization of

f � 10�4.150,152 Below the surface, both n and T increase

with depth: at the base of the convection zone, the estimated

values are ncz � 1023 cm�3, qcz � 10�1 g cm�3, and Tcz

� 2� 106 K (2 MK), corresponding to kTcz¼ 172 eV,

so that pcz � 6� 1013 dyn cm�2.152 For comparison, the

Earth’s neutral atmosphere at 1 atm has particle density �2:5
�1019 cm�3 and mass density �1:2� 10�3 g cm�3. The

weakly ionized ionosphere has daytime maximum electron

density ne � 106 cm�3 and temperature 0.2 eV at 250–300 km

(F layer). This region is inside the hot but tenuous magneto-

sphere (T � 1 keV, n � 1–10 cm�3).

The most prominent features in the photosphere are sun-

spots, which appear dark due to the relatively low tempera-

ture, Ts � 4500 K (viz., the Stefan-Boltzmann law, Is / T4
s ).

Figure 8 shows one half of a sunspot, observed by the

Swedish 1-m Solar Telescope (SST) on La Palma in the

Canary Islands.153 The dark central region is the umbra,

which is surrounded by filamentary features making up the

penumbra of the spot. The axes are marked in units of

1000 km, indicating that spatial features of �100 km are

resolved. This is the current limit of resolution.154 The image

also shows the presence of relatively bright small features

(“dots”) containing dark cores well inside the umbra. They

are interpreted as the footpoints of penumbral filaments

aligned in the LOS direction. These filaments, many of

which also contain dark cores, are assumed to be thin mag-

netic flux ropes fanning out as they rise into the low pressure

corona, but there is no established interpretation for the

dark cores. Given the small scales in photospheric plasmas

(Table I), these filamentary structures support the expecta-

tion that fundamental physical processes in the photosphere

occur on scales smaller than 100 km.153 The cellular features

beyond the penumbra are granules that are the tops of con-

vection cells. The darker edges of granules correspond to

colder plasmas flowing downwards. Granules are typically

�1000 km across and last several minutes. The granular size

is determined by the upflow and radiative cooling of the con-

vection cells.

The convection zone cannot be directly observed

because photons are collisional at all wavelengths. This is

unfortunate because the ultimate source of magnetic

energy—the solar dynamo—is thought to reside deep in the

convection zone (e.g., Ref. 155). Nevertheless, the large-

scale structure of the convection zone such as its depth—

approximately 2� 105 km—has been inferred using helio-
seismic techniques based on observations of oscillations in

the photosphere.152,156–159 Recent work is beginning to yield

quantitative insights into magnetic structures in the convec-

tion zone below active regions.160

Most of the radiative energy from the Sun (L� ’ 3:8
�1033 erg s�1) is in “white light” at �5800 K. Figure 9(a)

shows a white-light image of the Sun obtained by the

Kanzelh€ohe Solar Observatory (KSO) in Austria. The

FIG. 8. Image of a half of a sunspot in Active Region 10 030 observed by

the Swedish 1-m solar telescope (SST). This image, obtained using adaptive

optics and a filter centered at 4305 Å, resolves features down to slightly less

than 100 km. The tick marks are placed in units of 1000 km. The spot con-

sists of the dark umbra (Ts � 4500 K) and the penumbra, characterized by

filamentary rays emanating from the umbra. The penumbral filaments are

presumed to be organized by magnetic fields. Most of these filaments—

width of 150–180 km resolved by 5–6 pixels—contain dark cores. This

image suggests that the sunspot consists of highly localized and filamentary

elements. Beyond the penumbra, cellular features of �1000 km across are

evident. They are referred to as granules, corresponding to the top of con-

vection cells. Reproduced with permission from Scharmer et al., Nature

420, 151 (2002). Copyright 2002 Springer Nature.151
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observed intensity exhibits a pronounced decrease toward the

limb due to the so-called “limb darkening” effect:161 the disk

center is relatively brighter because photons from deeper and

hotter layers of the photosphere reach the observer, and near

the limb, photons have longer paths through an opaque

medium. Thus, observed photons from different parts of the

disk correspond to slightly different heights in the atmo-

sphere. The white square marks a compact group of large

sunspots. The light and dark mottled appearance is caused by

temperature—thus intensity—variations on the granular scale

of �1000 km (convolved with noise).

Figure 9(b) is a photospheric magnetogram obtained by

the Michelson Doppler Imager (MDI)162 on SOHO. This

image, captured shortly after Fig. 9(a), is a map of the LOS,

or longitudinal, component of the magnetic “field” inferred

from the longitudinal Zeeman effect (Stokes I and V). Here,

white is positive (toward the observer) and black is negative

(away from the observer). The magnitude is shown on a grey

scale. The image shows that strong LOS field (both black

and white) occurs as small unipolar features clustered into

large bipolar regions. In one such region, marked A, a thick

white curve is drawn to indicate the polarity inversion line
(PIL) or neutral line across which the LOS polarity is

reversed. Both terms are used in the literature, but in defer-

ence to the prevalent use of the term “neutral line” to refer to

field-reversed current structures, we will use the term

“polarity inversion line” (PIL). The LOS magnetograms do

not detect unresolved magnetic flux of opposite polarity and

do not contain information on the component perpendicular

to the LOS. This transverse component requires linear polar-

izations from the transverse Zeeman effect (Stokes Q and

U).163 At disk center, the transverse component is horizontal

in the surface. At the limb, it is the LOS component that is

horizontal. Thus, a magnetogram gives different views of a

given structure in different parts of the disk.164 The trans-

verse component given in a vector magnetogram has a 180	

ambiguity and greater uncertainties than the LOS compo-

nent. The former requires additional assumptions to

disambiguate.

2. Photospheric magnetic field data

It is important to keep in mind that what is actually

shown in a LOS magnetogram such as Fig. 9(b) is the net

magnetic flux through each pixel because the circular polari-

zation (Stokes V) from the unresolved positive and negative

field elements cancels. Here, Stokes V is the intensity differ-

ence between the right- and left-handed circular polarization

when observing along B. Thus, the “magnetic field” data are

the pixel-averaged net flux per unit area, and “zero” field

[grey in Fig. 9(b)] may result from cancellation of oppositely

directed strong fields.149 In addition, the inversion algo-

rithms used to infer the strength of magnetic field from the

measured Stokes data require a parameter, referred to as the

filling factor, which is the fraction of the area occupied by

unresolved magnetic fields within a pixel. If the filling factor,

which is usually denoted by a, is assumed to be unity (as in

calculations of LOS fields), the inferred field strength and

flux are the lower limits. The thin penumbral filaments in

Fig. 8 and the small plasma length scales (Table I) suggest

that the filling factors in sunspots are much less than unity.

The full-disk MDI image in Fig. 9 has angular resolution of

400 (arcsec), where 100 is 727 km on the solar surface, so that

a pixel is approximately 3� 103 km.

Furthermore, the longitudinal and transverse compo-

nents are defined relative to the LOS. A given B vector will

exhibit different longitudinal and transverse components if

viewed from different angles. If a contribution to the vector

B varies in time while the others do not, the measured flux

will be the sum of the contributions from the time-varying

and static components along the LOS. Thus, the relative

magnitude of detectable changes will depend on the viewing

angle with respect to the component that varies.

Photospheric magnetic fields are observed in small con-

centrations (unipolar patches), which disperse or disappear

in time. The higher the spatial resolution, the greater the

amount of magnetic flux (energy) and magnitude of field that

can be detected. A detailed analysis of flux concentrations in

quiet regions (high-resolution MDI data, resolved to 0.600)
showed that the smaller the patch size, the faster the dis-

persal process.165 The average (quiet-region) concentrations,

�2:5� 1018 Mx, were found to last 20 min, with larger ones

lasting up to approximately 10 hrs (4� 104 s). Estimates

based on data and numerical simulations suggest that flux

concentrations occur on scales at least one order of magni-

tude smaller than can be resolved at this time (100–200 km),

possibly smaller than 20 km.167,168 There is evidence that

FIG. 9. Different faces of the Sun: the

photosphere. (a) White light (KSO).

White square encloses a group of large

sunspots. North is up. (b) Magnetic field

component along the LOS (MDI

SOHO). White/black indicates the field

polarity out of/into the solar surface,

respectively. Region A is NOAA Active

Region 9163. The polarity inversion

line (PIL) is indicated for one active

region. Angular resolution is 400, where

100 (arcsec) corresponds to 727 km on

the solar surface.
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photospheric magnetic fields follow a scale-free power law

(frequency versus flux) on all currently observed scales over

five decades.169 This implies that the photospheric magnetic

flux budget may be significantly underestimated.167 Much of

the small-scale magnetic features and their dynamics is

understood on the scale of 100–200 km, obtained by, for

example, the Solar Optical Telescope (SOT)170 on board

Hinode166 and the SST (e.g., Fig. 8). In addition to the SST,

ground observatories using adaptive optics are now routinely

producing high-resolution images of the solar surface. The

newly operational New Solar Telescope (NST) of the Big

Bear Solar Observatory (BBSO) with adaptive optics has a

0.08300 spatial resolution (60 km), and the next-generation

Daniel K. Inoue Solar Telescope (DKIST) (under construc-

tion) of the National Solar Observatory (NSO) with adaptive

optics is expected to have a better resolution. High resolution

observations, however, are limited by the small FOVs. For

example, the NST spectropolarimeter—Near-Infrared

Imaging Spectropolarimeter (NIRIS)—has an FOV of 8500

across (�6� 104 km). The slit-based Vector

Spectromagnetograph (VSM) of the NSO can image the

solar disk in 20 min at 100 resolution (2048 pixels across).163

3. Corona

From the photosphere to the base of the corona, the

atmospheric properties change by many orders of magnitude.

There is a thin boundary region consisting of the chromo-
sphere (“color sphere”), an irregular layer of average thick-

ness �2500 km, and the transition region, which is an even

thinner sheath region between the chromosphere and the

corona. Identified by the characteristic Ha radiation,

the chromosphere has the canonical temperature T � 104 K

and density n � 1011 cm�3.150 It is partially ionized with

ionization f � 10�3 in the lower chromosphere and f � 1 at

the top (Table I). The transition region is nearly fully ionized

(f
 1) and is identified by EUV emissions at �105 K. The

plasma density rapidly decreases to nc ’ 109 cm�3 at the

base of the corona where the temperature is Tc ’ 1 MK–2

MK (kTc ¼ 86–172 eV). In active regions, it is significantly

hotter, reaching as high as �6 MK (0.5 keV).42 High coronal

temperatures (T > 106 K) have also been inferred from the

presence of the Fe XIV and Fe X lines and from the

gravitational density scale height of Hg ¼ 2kT=mig � 1R�
observed during eclipses.

Figure 10(a) is an Ha image of the Sun, showing the chro-

mospheric layer of the atmosphere above the photosphere

shortly after the magnetogram in Fig. 9(b) was obtained.

Bright patches are called plage (French for “beach”) and are a

characteristic chromospheric signature of active regions with

strong magnetic fields. Plage map to faculae in the photosphere

below, which refer to much smaller bright patches. There are

numerous dark filamentary features, referred to as filaments.
They are dense and cool plasma structures in the low corona

and absorb Ha radiation from below, giving them the dark

appearance.171,172 A large filament (P) lies above the PIL in

region A [Fig. 9(b)]. When filaments are on the limb viewed

from the side against the Ha-dark (fully ionized) corona, they

appear as bright prominences radiating in Ha (e.g., Figs. 2 and

4). Filaments and prominences refer to the same structures

viewed from different vantage points, and the two terms are

interchangeable. Filaments can remain quasi-stationary for

weeks and abruptly erupt.

Figure 10(b) is an image obtained by the Extreme

Ultraviolet Imaging Telescope (EIT)173 on SOHO shortly

before Fig. 10(a). It is a map of EUV at k ¼ 195 Å, arising

from Fe XII in the hot corona at T � 1:5� 106 K. The

brightness is proportional to the LOS integration, IEUV

/
Ð

DEUVn2ðsÞds, where n(s) is the EUV emitter density and

DEUV depends on the source plasma temperature and instru-

ment sensitivity. Filaments are absorption features with simi-

lar appearances in both Ha and EUV [Figs. 10(a) and 10(b)].

Figure 1, obtained several hours after Fig. 9(b), shows

that the axis of the X-ray arcade is aligned with the pre-

eruption PIL. Other bipolar active regions are similarly asso-

ciated with enhanced emissions in X-rays, EUV, and Ha
(plage). When observed on or near the limb, bright EUV

loops (thin flux ropes) are seen to extend into the corona

[Fig. 10(b)]. This indicates that hotter, denser material can

be confined by magnetic field into loops. Figure 11 shows a

better resolved image of an arcade of thin loops in an active

region after an eruption. This image was obtained by the

Transition Region and Coronal Explorer (TRACE) satel-

lite174 (1999–2010) at k¼ 171 Å, which is primarily at T
� ð1� 2Þ � 106 K but may contain contributions from

107 K plasmas.175 Such bright loop structures are typically

FIG. 10. Different faces of the Sun:

the chromosphere and corona corre-

sponding to the surface shown in Fig.

9. (a) Ha image (KSO). A large fila-

ment (P) in AR9163 is visible. (b)

EUV image k ¼ 195 Å (EIT/SOHO.

The filament in AR 9163 is visible as a

dark absorption feature (P).
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quasi-stationary, occasionally buffeted by nearby eruptions

causing characteristic damped oscillations.176–181 Individual

loops can show activities such as rapid variation in bright-

ness associated with oscillations, which may be in both verti-

cal and horizontal directions.

Thin plasma loops in X-rays and EUV were first exten-

sively observed during the Skylab era (1970s) and led to a

significant revision of the understanding of the corona: ear-

lier, the corona was thought of as a nearly homogeneous

atmosphere (Fig. 2),182–184 but EUV185 and X-ray186 obser-

vations revealed that it is made up of loops at different tem-

peratures around 6� 106 K. These thin coronal loops are

104–105 km in height and exhibit near-uniformity along their

axes187,188 and are thought of as “field lines.” Based on the

assumption that the loops follow closely spaced current-free

(potential) lines that fan out, the nearly uniform thickness—

perhaps 30% thicker at the apex on the average—was

regarded as inexplicable in terms of radiative and thermal

properties.188 The quasi-stationary loops are presumed to

confine X-ray and EUV emitting plasmas, which suggests

that they are thin current-carrying flux ropes. At 2 MK to 6

MK in active regions, the gravitational scale height is Hg �
ð1� 4Þ � 105 km. The observed thickness variation may be

consistent with the magnetic forces balanced by the ambient

pressure along a loop if it carries nonzero electric current.

See Ref. 189 for a review of coronal loops.

The photosphere is often regarded as the Sun’s surface,

but it is merely an optical layer in the atmosphere where

radiation becomes decoupled from the plasma. The entire

region encompassing the dense convection zone, the tenuous

corona, and the SW may be regarded as the Sun’s plasma

atmosphere, with the macroscopic plasma dynamics gov-

erned by the same basic MHD physics subject to different

energy equations. The convection zone is heated from below

by the radiative core, and the convective motion is

describable by MHD coupled to gravity, radiative transfer,

and solar rotation.152,190–193 For observed plasma dynamics,

the following ordering is generally valid:

qi

‘

� �2

� 1

sxci
� 1; (3)

where qi is ion Larmor radius, ‘ the relevant scale length, and

s the macroscopic dynamical time scale. Observable photo-

spheric features resulting from magnetic structures rising

through the photosphere have been modeled by MHD cou-

pled with radiation.191–193 In the corona above, the optically

thick photosphere, radiation plays a negligible role in the

macroscopic plasma dynamics, and standard non-radiative

MHD is a good approximation.

4. Active regions

An active region is “born” as a pair of sunspots of oppo-

site magnetic polarity, which is interpreted as the footpoints

of a flux rope that has risen into the corona.43,194,195 Often,

multiple pairs of sunspots appear over a few days’ time. This

process has been extensively studied by MHD simula-

tions.192,196–199,201 A recent radiative MHD simulation of a

single emerging flux rope replicated the appearance of exten-

sive patches of small bipolar features in otherwise “quiet”

photosphere around the new spots,192 which were observed

by the high-resolution Hinode SOT Spectro-Polarimeter

(SP).170 The bipolar features are much smaller than the

underlying well-organized flux rope (Sec. IV D).

After emergence, the photospheric magnetic field of a

new active region slowly disperses over larger areas. The

compact cluster of spots in Fig. 9(a) (square) was a relatively

new region. The large and diffuse extent of AR 9163 [A, Fig.

9(b)] indicates that this region had evolved for some time.

The plasma structure in the corona above an emerging

or a newly formed pair of sunspots is not observable in white

light against the solar disk. When an active region emerges

near the limb, however, Ha observations show a complex of

rapidly rising loops with plasma flows at a few tens of kilo-

meters per second.203 Such a structure is referred to as an

arch filament system (AFS),202 which also has a similar

appearance in EUV.178 Although a newly formed active

region evolves over days, systems of loops and bipolar fea-

tures appear over several minutes to a few hours,43 indicating

the timescale on which significant amounts of magnetic flux

and energy of the order of an active region can emerge. It is

thought that AFSs trace out the underlying emerging

magnetic flux ropes,204 which would leave numerous small

bipolar footpoints. Until the Hinode SOT observation, little,

if any, indication of such fine photospheric magnetic

structures during flux emergence had been detected in

magnetograms.

Because the photospheric pressure ps is higher than the

coronal pressure pc (ps=pc � 5� 105, Table I), individual

magnetic flux tubes in the photosphere (dimension ‘s) map

across the chromosphere to larger coronal counterparts

(dimension ‘c), by a factor of

FIG. 11. An arcade of coronal loops observed by the transition region and

coronal explorer (TRACE) satellite after a solar eruption. The image is taken

at 171 Å corresponding to �1 MK. The plasma was already cooling from

the height of flare. The spatial resolution is 0.5 in./pixel. One arcsecond

(1in.) corresponds to �727 km on the solar surface. Data courtesy of the

TRACE team.
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‘c

‘s
� ps

pc

� �1=4

(4)

in the transverse direction. Averaged across a magnetic

structure supported by the local ambient pressure (J� B

�rp ¼ 0), one finds p � B2=8p, be it in the corona or pho-

tosphere. The above scaling follows from B‘2 ¼ const. Thus,

the flux-rope footpoint at the base of the corona af maps to a

region of the order of as � af ðpc=psÞ1=4
. If ps=pc � 5� 105,

then as ’ 3:8� 10�2af . This is consistent with the interpre-

tation that bright patches of chromospheric plage map mag-

netically to much smaller photospheric faculae. Conversely,

small bipolar features in the photosphere correspond to much

larger coronal loops.

Equation (4) assumes that the footpoints in the photo-

sphere are similarly organized by the magnetic field as in the

corona. Magnetized photospheric regions (e.g., sunspots),

however, are typically made up of thin filamentary structures

that rapidly expand into the corona (e.g., Fig. 8), each of

which may be treated as a flux rope. Fields in the photo-

sphere likely are not monolithic but are filamented beyond

the limit of resolution.169 The above scaling then applies to

individual structures.

B. Solar eruptions: A unified view

Early observations of CMEs showed that the three erup-

tive processes—CME, EP, and flare—were closely associ-

ated, but the physical relationships were difficult to establish

because of the limited FOV and time cadence.69,210 Initially,

CMEs were thought of as the coronal response to the thermal

energy released in flares,211–214 implying that the flare onset

should precede the initiation of CME acceleration. Attempts

were made to establish the CME initiation time by extrapo-

lating the observed CME trajectories to the solar surface

below the occulter assuming constant speeds. Extrapolating

downward to the lower heights where (unobserved) compli-

cated dynamics prevail is problematic, and comparisons

of extrapolated CME launch times and the observed onset

times of the associated flares yielded inconsistent correla-

tions.74,210,215–218 Spatially, flares—the source of presumed

pressure pulses—were often seen to occur in one or the other

footpoint of the expanding loops, not centered in the cavities

as might be expected if they resulted from flare-centered

heating.210 It was also suggested that the erupting promi-

nence “drove” the CME from below, but EPs generally lag

behind associated CMEs:71 Figure 12 shows the SMM data

of the CME-EP eruption combined with the ground-based

Ha observation of the initial rise of the EP. It is clear that the

apex of the prominence (solid symbols) has a slower speed

than the CME LE. This was confirmed as a general property

by the LASCO-EIT data. The new observations were instru-

mental in clarifying many of the persistently ambiguous

associations between different eruptive phenomena, leading

to a more unified view of eruptions.

The eruption of 2000 September 12 (Fig. 1) manifested

a CME, EP, and flare. It was well-observed by multiple

instruments and has been widely studied.205–209 Figure 13(a)

is an enlarged view of the filament P shown in Fig. 10(b).

This filament, which had been visible for a number of days,

started to exhibit increased changes (“activation”) at �09:00

UT and significant motion at �11:10 UT.208 Figure 13(b)

shows the prominence shortly after its liftoff. The apex (P,

arrow) is assumed to be expanding in the solar radial direc-

tion, which implies a true speed of �1600 km s�1.209 The

prominence evidently retained its large-scale structural cohe-

sion. There are thin strands connecting the two ends of the

dark prominence to stationary bright features (f1 and f2)

during the eruption. Such features are common and are inter-

preted as the prominence footpoints, suggesting that EPs

remain magnetically connected to the Sun. Notice the two

bright “ribbons,” one on each side of the initial position of

the filament (R, dashed arrows). Such a brightening is

referred to as a two-ribbon flare and appears in Ha and EUV

after the onset of eruption.

After leaving the EIT FOV of radius �1.3R�, the promi-

nence was observed by the LASCO C2 and C3 corona-

graphs, with Sun-centered circular FOVs of radius 2R�–6R�
and 3.7R�–32R�, respectively. Figure 13(c) shows a C2

image (southern half). Here, the circular disk is the C2

occulter, and the white circle marks the solar limb. The faint

concentric bands around the occulter are an artifact. In this

image, which shows the LOS-integrated Thomson-scattered

white light from the photosphere, the eruptive prominence

appears as a bright (dense) feature (P), expanding behind a

much larger well-organized density structure, i.e., the CME

LE (arrow). The evident large-scale coherence suggests mag-

netic organization. A nearly circular cavity is visible on the

right, reminiscent of the three-part morphology (Fig. 5).71

The CME-prominence structure is consistent with being a

2-D projection of a 3-D magnetic flux rope viewed from the

side (Fig. 22; see Sec. III D), a concept distinct from either

the dome or thin planar loop of the SMM era (Fig. 6).69

These images show that the three-part feature is a small part

of the larger CME structure.

Figure 13(d) is a C3 image (southern half) of the CME.

The white circle marks the Sun, and the black disk is the C3

FIG. 12. Height-time profiles of several associated features observed in a

CME event observed by SMM and a ground observatory. The distance

between the CME LE and prominence LE increases with time. Figure 6 of

Illing and Hundhausen71 (redrawn).
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occulter (radius 3.7 R�). The dark feature on the left is the

shadow of the pylon supporting the occulter. The apex P of

the EP and the LE of the CME are noted. The EP expanded

slower than the CME LE, as in the case shown in Fig. 12.

The three-part feature to the right is discernible in the same

relative position as in Fig. 13(c). Evidently, the CME main-

tained its large-scale flux-rope structure.

Following the onset of the eruption, EIT recorded the

formation and evolution of an arcade of thin bright loops.

Figure 14 shows the arcade at 15:48 UT. This is the EUV

counterpart of the X-ray arcade in Fig. 1 (5 min earlier).

Comparing Figs. 9(b) and 10(b) to Figs. 13(b) and 14 we see

that the two rows of footpoints of the arcade loops are on

either side of the PIL. The two-ribbon flare observed in Ha
closely coincides with the two-ribbon brightening in EUV

[Fig. 2(c) of Ref. 208).

Regarding the CME-flare temporal relationship, GOES

SXR and LASCO data including those from the innermost

C1 coronagraph—a narrow passband Fabry-Perot interfer-

ometer imager observing from 1.1 R� to 3 R�—showed that

the acceleration phase of a number of CMEs, including the

above 2000 September 12 event, coincided with the rise

phase of the associated flare SXR emission,219–222 This is

consistent with the result of an earlier comparison of filament

height-time data in Ha and impulsive hard X-ray (HXR)

intensity curves.223

Note that CMEs represent relatively minor perturbations

of the corona: C2 and C3 images are constructed by taking the

ratio of an image to the time-averaged background corona.

This “subtracts” the non-erupting corona, enhancing the contri-

bution from Thomson-scattering off free-electrons (K-corona)

relative to the dusty plasma component (F-corona). For the

SMM images, filters and polarizers were used to suppress the

F-corona contributions.

III. PHYSICS OF CORONAL MASS EJECTIONS

The LASCO-STEREO era observations established a

unified phenomenological understanding of the structure and

dynamics of CMEs, EPs, flares, and MCs in the 1 AU region,

providing new challenges to theoretical and numerical mod-

els. In particular, the CME dynamics observed over the 1 AU

region impose stringent constraints on any models of CME

driving mechanisms. It is generally assumed that the Lorentz

force drives CMEs, but the actual forces acting on CMEs has

been unclear until recently. The most important model ele-

ment is the magnetic geometry of CMEs because the Lorentz

force depends on the structure of currents and magnetic

fields. Yet, these quantities cannot be measured. CME accel-

eration, however, is directly measurable and can constrain

the driving force and therefore the model magnetic structure.

Observed dynamics in the LASCO FOV and calculated

flux-rope expansion were both essential in establishing the

flux-rope CME concept. In this section, the physics of CMEs

will be examined. The key observables are (1) CME/EP

position-time data from which the net force per unit mass—

acceleration—is determined, (2) temporal profiles of CME

acceleration and flare SXR emissions, constraining the

FIG. 13. EIT/SOHO (195 Å) images of

the Sun (southern hemisphere) on 12

September 2000. (a) EIT image at

11:00 UT. The large filament (arrow

P) has just started to show motion. (b)

EIT image at 11:48 UT. The apex or

the LE has moved significantly (P).

Dashed arrows R point to two ribbons

of the flare. (c) C2/SOHO image at

12:30 UT. The CME exhibits the

three-part morphology71 (bright rim,

cavity, and prominence core on the

right), which is a 2-D projection of the

minor cross-section. The actual CME

is much larger. (d) C3/SOHO image at

15:18 UT. The CME LE has expanded

to approximately 22R� (projected),

corresponding to 42R� true distance

from Sun center. C2 and C3 images

are constructed with the background

corona subtracted from C2 and C3.

FIG. 14. Arcade of bright loops observed in EUV by EIT (195 Å), at 15:00

UT, 12 September 2000. The EUV arcade is co-located with the X-ray

arcade shown in Fig. 1. The loops are similar in appearance to those seen in

the TRACE image (Fig. 11) resolved at a finer resolution and viewed near

the limb. The footpoints of the arcade loops correspond to the two-ribbon

flare in Ha (Fig. 10) and EUV (Fig. 13).
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relationship between the forces on CMEs and electric fields

that may accelerate particles, and (3) in situ magnetic field

and plasma properties of evolved CME ejecta at, say, 1 AU,

which test the relationships between the plasma dynamics

and magnetic field embodied in model equations.

A. Magnetic arcades: “Standard model”

Based on the consensus view shown in Fig. 6(a), various

“cone models” of CMEs were proposed, bearing such names

as “ice-cream cone”81 and “light bulb.”224 These models are

descriptive with no physical magnetic field ascribed to them,

although they are still used to interpret 2-D images of CMEs

propagating to 1 AU.225–227 In the cone geometry, however,

magnetic fields would have singularities,228 and applied to

observed density features of CMEs, cone models are prob-

lematic.229 A non-singular magnetic configuration is that of

the 2-D (linear or Sun-encircling) arcade of field “lines”

anchored in the photosphere, schematically depicted in Fig.

15. A mathematical simplification is to treat the photosphere

(z¼ 0) as an infinitely massive and infinitely conducting

boundary of the half space, z � 0. This photospheric bound-

ary condition decouples the coronal magnetic energy from

the solar interior and has been standard in flare models.230–249

In its basic form, the field component Bn normal to the

surface is specified at the photosphere (z¼ 0). The magnetic

footpoints are assumed to move according to ideal MHD,

v? x; tð Þ ¼ c
E� B

B2
; (5)

with specified Eðx; tÞ at z¼ 0. Conceptually, v? is taken to be

the convective fluid motion in the photosphere to which mag-

netic footpoints are “tied” via Eq. (5). A simple “shearing”

motion of the footpoints (v?) is illustrated in Fig. 15, but con-

verging flows may be required to produce eruptions.250,251

Different models differ in the ways Bn and v? are specified at

z ¼ 0. This is the so-called B-v paradigm.243 The objective is

to find a Bnðx; yÞ and v?ðx; tÞ that can cause an arcade to

quasi-statically evolve from a stable configuration to an erup-

tive state. Mathematically, such a “catastrophic” transition

from equilibrium to eruption may be characterized by bifur-

cations in quasi-static evolution.230–232,237,239,252

The concept of coronal energy build-up and storage can

be traced to Carrington,1 who noted that the sunspots being

observed exhibited no unusual changes before, during, or

after the white-light flare and that the brightening appeared

to occur above the sunspot group. He concluded that the

energy of the flare was stored in the corona. The form of

stored energy was not specified. With the discovery that sun-

spots contained strong magnetic fields,148 it was hypothe-

sized that the energy of eruption was in the magnetic field;

Giovanelli proposed the seminal idea that the merging or

annihilation of oppositely directed magnetic field lines—

now known as magnetic reconnection—could release energy

stored in the sunspot magnetic field to power solar

flares.253,254 Merging of sunspots255 and current loops256 of

opposite polarity that can annihilate the magnetic fields has

been proposed to explain flare energy release. The magnetic

energy, i.e., electric current, was taken to be built up by the

differential rotation of the footpoints, a particular form of

Eq. (5). The “collision” of two current loops was deemed to

be a low-likelihood scenario. Interruption of the current in a

single loop by the formation of double layers as a means to

annihilate magnetic field has also been proposed.257,258

The current prevailing paradigm is attributed to the con-

cept of Carmichael,259 expanded by Sturrock,260 Hirayama,261

and Kopp and Pneuman.262 Much subsequent work has been

done to refine this concept, which is often referred to as the

Carmichael-Sturrock-Hirayama-Kopp-Pneuman (CSHKP)

model263 or the “standard model” of solar flares. In numerical

simulations, the initial structure is typically specified as an

arcade. Similar structures have been considered for promi-

nence formation with the sheared arcades producing flux ropes

via reconnection.250,251,264,265 Within this framework, promi-

nences are thought of as current sheets or flux ropes within

arcades, supported by the repulsive Lorentz force from the

image currents in the photosphere against gravity and the

downward magnetic tension of the arcade field,266–269 and if

the tension is reduced or removed, prominences erupt upward

because of this repulsive force.252,270,271

Figure 16 shows a qualitative comparison of the CSHKP

concept with observation:272 panel (a) is a Yohkoh image of

a flare in SXR, compared with panel (b), a pictorial interpre-

tation based on the CSHKP concept. Figure 16(c) shows

another version,273 which is a composite of selected features

from various CSHKP models and interpretations of images

and spectroscopic data. The arcade footpoints marked “flare

ribbon” in the lower panel would correspond to the EUV rib-

bons R in Fig. 13(b) or the footpoints of the arcade field

“lines” in Fig. 14 (see Fig. 15). The assumed magnetic field

as well as the actual conditions of and implied mechanisms

for the features in Fig. 16(c) (e.g., Petschek and termination

shocks) are not directly observable. A broad discussion of

particle acceleration by reconnection in the CSHKP picture

is given in Chap. 12 of Ref. 42.

Figure 17249 illustrates a 3-D resistive MHD simulation

of the topological evolution from an initial current-free

arcade to a current-carrying flux rope due to prescribed foot-

point motion at z¼ 0. In this model, a current sheet is formed

below the flux rope, and reconnection occurs according to

FIG. 15. Magnetic arcade. The photosphere is taken to be an infinitely mas-

sive and infinitely conducting surfaces where Bn and V? in the surface are

specified. The magnetic field “line” footpoints are anchored in the

photosphere.
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specified resistivity, leading to the reduction of the overlying

field and allowing the evolving flux rope to rise.

Figure 18274 shows the evolution of a 2-D (Sun-encir-

cling), initially current-free arcade with the morphology of a

helmet streamer. The magnetic footpoints undergo specified

“shearing” motion along the PIL, resulting in nonzero

currents (r� B 6¼ 0) and increased magnetic energy. The

footpoint motion is generic, chosen for “convenience” to

produce a sheared arcade field. Subsequently, an electric

field Et0 is specified in the lower boundary in such a way as

to produce a converging flow toward the PIL and reduce the

arcade magnetic flux, where Et0 � @Bz=@t. This is used to

mimic “flux cancellation” due to reconnection with sur-

rounding field, likened to the cutting of overlying “tethers”

holding the structure down.275 The main energy release

occurs between t ¼ 1380sA and t ¼ 1420sA, an 8-h period,

where sA ¼ 12 min is the Alfv�en transit time. The synthetic

coronagraph images (bottom) resemble the CSHKP sche-

matic [Fig. 16(c)], and the three-part CME feature is evident.

The above simulation was extended to 3-D where flux-rope

formation, similar to Fig. 17, can be seen. In 3-D, the flux

rope has footpoints connected to the Sun and can no longer

be thought of as a detached plasmoid. Figure 4 of Ref. 274

shows their 3-D flux rope interpretation.

Figure 19276 displays four time steps from a 2-D MHD

simulation of the “breakout” model,244 showing the normal-

ized current density perpendicular to the figure. This model

uses a quadrupolar magnetic configuration with three parallel

arcades. This simulation imposes a shear flow on the

footpoints of the center arcade parallel to the PIL (e.g., Fig.

15). This is shown as color-coded bands along the solar

equator, with maximum Vs ¼ 620 km s�1. This causes the

center arcade to rise and reconnect with and “cut” the tether-

ing magnetic field [panel (a)], converting the center arcade

into a plasmoid, a detached flux rope, that expands away.

This is followed by reconnection below the newly forming

flux rope, which becomes detached from the Sun (in 2D).

Following the “explosive eruption phase” due to “fast flare

reconnection,” the LE of this 2-D CME reaches 360 km s�1,

which would be a slow CME. Figure 19 shows the normal-

ized current density as in Fig. 18. Figure 18 shows that the

current density in that simulation is spatially correlated with

the computed MHD density. The breakout CME shares a

number of similarities with the model CME in Fig. 18. In

both models, the initial rise of the magnetic structure is an

ideal MHD process. The evolution of the driving force in

these simulations depends on reconnection.

Eruptive scenarios involving multipolar structures were

hypothesized in early models,255,256 and later, MHD simula-

tions were used to study plasmoid formation in 2-D (linear)

multi-arcade structures.233,234,241 Mikić et al.233 found that

shearing the footpoints of periodic double-arcades can cause

an ideal MHD instability and lead to rapid formation of plas-

moids via resistive reconnection. Using non-periodic config-

urations, Biskamp and Welter234 showed that an isolated or

laterally unrestricted double-arcade only expands quasi-

statically under specified footpoint shearing and that it was

necessary to have a minimum of three interacting arcades—a

FIG. 16. Comparison of the Carmichael-Sturrock-Hirayama-Kopp-Pneuman (CSHKP) concept with observation. (a) Yohkoh SXT image of a flare. (b) Artist’s

conception of the CSHKP configuration for the event. From Ref. 272. (c) Schematic of CSHKP refined with numerous features motivated by observational and

simulation interpretations. The features such as Petschek and termination shocks, condensation downflows are not directly observable. From Ref. 273.
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quadrupolar configuration—to confine the central arcade and

produce eruptive behaviors. They concluded that the fast

plasmoid formation in the periodic arcades233 was caused by

the artificial lateral confinement due to the symmetry and

periodic boundary condition. Finn et al.241 simulated non-

symmetric double arcades and obtained fast plasmoid forma-

tion when the footpoint shearing is alternated between the

two neighboring arcades. They also showed that inserting

unsheared flux between simulation (“hard”) boundaries and

the arcades, which effectively renders the numerical walls

“softer,” significantly reduced the instability producing the

plasmoids. This suggests that if the arcade were in an open-

boundary system, the instability could be absent. More

recently, MacTaggard and Hood277 carried out a 2.5-D simu-

lation in which the initial “breakout” configuration is estab-

lished with the central arcade rising through the boundary

between the two side arcades (flux ropes). This simulation

produced no eruption in the corona. They attributed this dif-

ference to the fact that the side arcade footpoints in their sim-

ulation can react to the motion of the central arcade while in

the breakout simulations,276,278 the shearing motion is

restricted to the central arcade footpoints (Fig. 19).

These works234,241,277 identified a number of hidden

constraints due to symmetry and boundary conditions that

can qualitatively alter the arcade stability and dynamics. In

nonsymmetric 3-D systems, the greater degree of freedom

allows energy to be distributed in less constrained and there-

fore more stable ways. Even in symmetric 2-D geometry, an

arcade whose footpoints undergo infinite shearing does not

tend to a configuration in which all the current is in the cur-

rent sheet.237 This contradicts an influential conjecture by

Aly.279,280 In this limit, the current density vanishes every-

where except at the current sheet,279 but the current of the

sheet becomes a vanishingly small fraction of the total

current.

Although the specific magnetic field structures may be

different, the basic process described by CSHKP models

such as those shown above is the same—quasi-statically

build up and confine magnetic energy in the corona and then

“cut” the tethering field by reconnection to release

“plasmoids.” In all simulations to date, including those with

adaptive mesh refinement, reconnection is due to numerical

diffusion or prescribed resistivity. One fundamental gap

between such simulations and reality is that the known phys-

ical length scale c=xpi and timescale x�1
ci of reconnection in

both fluid and particle models including the Hall physics281

differ by many orders of magnitude from the scales mani-

fested in observed eruptions, �105 km and tens of minutes.

Here, xpi � ð4pnie
2=miÞ1=2

and xci � eB=mic are the ion

plasma and Larmor frequencies, respectively, and c=xpi is

the ion inertial length at which ion motion decouples from

magnetized electrons. In the corona, c=xpi � 1–10 m and

x�1
ci � 10�6 s (Table I), to be contrasted with the length

scale of 104–105 km and timescale of tens of minutes in erup-

tive processes in the corona. Dynamics on the much smaller

electron inertial length may also be important.282 There is as

yet no demonstrated sub-grid physical dissipation required

of reconnection. The above model results are 2-D, and in

3-D, reconnection dynamics are expected to be significantly

different. It is noted that the ion Larmor radius qL is orders

of magnitude smaller than the collisional mean-free path in

the corona (Table I). Reconnecting current sheets are likely

to be kinetic in nature.

Simulation models based on the CSHKP concept study

the eruption of arcades caused by specified footpoint motions.

Simulations have also shown that such motion can result in

response to the emergence of erupting flux ropes through the

photosphere, representing transport of magnetic energy.297

Numerically, the simulation boundary is effectively placed at

the base of the corona, and high footpoint speeds are imposed

[Vs ¼ 9 km s�1,246 65 km s�1,278 and 20 km s�1 (Ref. 276)]

Because photospheric and chromospheric features nearly co-

rotate, these speeds would map down to the photosphere. The

true quasi-static limit and catastrophic transition to eruption in

such CSHKP models are not known, but the simulations do

show separation of timescales between the boundary condi-

tions and simulated coronal dynamics. Photospheric features

do not exhibit motion faster than �1–2 km s�1.283,284

FIG. 17. A magnetic field-line representation of an expanding flux rope that

has evolved from an initial current-free arcade, resulting from specified foot-

point motion VðxÞ in the photosphere. Reproduced with permission from

Amari et al., Astrophys. J. 529, L49 (2000). Copyright 2000 IOP

Publishing.249
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Based on the quadrupolar configuration required by the

breakout model, Antiochos et al.244 proposed that CMEs

associated with high-latitude polar crown prominence erup-

tions, which originate from bipolar source regions, should

not be classified as CMEs. They argued that such CMEs tend

to be “slow,” comparable to the slow SW speeds of �400 km

s�1. The typical source, however, is a bipolar region with a

prominence aligned with the PIL [e.g., A in Fig. 9(b)], and

polar crown prominence CMEs may be “fast” (much faster

than, say, 600 km s�1, the fast SW speed).285,286 The average

speed of CMEs is 400 km s�1.64

Physically, the most difficult feature of the CSHKP pic-

ture to validate is the reconnection region, indicated by

“reconnection inflow” and “reconnection outflow” in Fig.

16: the scale of reconnection c=xpi cannot be resolved by

observation, and the relationship between the plasma pro-

cesses on this scale and the macro-scales of eruption has not

been established. Recent studies examining specific signa-

tures of coronal reconnection in high-resolution data from

SDO and Hinode, for example, timing and locations of flare

heating and associated motions of emission sources,287,288

concluded that the data were consistent with the primary

flare heating taking place in the inflows and outflows outside

the inferred reconnection sites but that no specific mecha-

nisms for the observed heating could be demonstrated.

B. Photospheric plasma motion

The standard photospheric boundary condition used in

the CSHKP models assumes infinite conductivity (r ¼ 1)

and mass density (q ¼ 1) and that the magnetic footpoints

can be specified via Eq. (5), typically given by a continuous

function Eðx; tÞ. This boundary condition does not specify

the vertical fluid motion vz or vk ¼ v � B=jBj at z¼ 0.

Photospheric plasma (fluid) elements generally move in 3-D,

so that the apparent motion of an observed feature such as

the footpoint of a magnetic element may not correspond to

the actual fluid velocity v. Macroscopically, a plasma ele-

ment remains in the photosphere for less than �1000 km and

10 min, the typical size and lifetime of granules, respec-

tively. In addition, magnetic features appear and disappear

on a time scale much shorter than the quasi-static shearing

time scales of days and weeks.165 Thus, the notion that a

fluid element or magnetic feature can be given a continuous

or non-singular velocity field in the photospheric surface

beyond the granule time and length scales is generally

FIG. 18. Structural evolution of a 2-D sheared arcade, evolving into a plasmoid (flux rope). The stripes (top) show projected field lines. The current density out

of the plane of the figure (middle) is shown. The initial arcade has maximum current in the core of a helmet streamer like structure, developing a current

“sheet” high in the corona. The synthetic polarization brightness images (bottom) are based on the MHD density distribution. Time is shown in units of the

Alfv�en transit time across 1R� � sA ¼ 12 min for this simulation. A uniform resistivity is specified. The Lundquist number on the scale of R� is 2� 105.

Reproduced with permission from Linker et al., Phys. Plasmas 10, 1971 (2003). Copyright 2003 AIP Publishing.274
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invalid. The photospheric boundary condition has also

been interpreted to mean that Bz is constant,289 which is

used in some simulations (e.g., Ref. 291). Physically, infi-

nite conductivity only requires constancy of magnetic flux

enclosed by a closed contour moving with plasma ele-

ments. The field strength may change as the contour

changes. If resistive, footpoints may be dissipated away.

Thus, care must be exercised in formulating simulation

boundary conditions.

Magnetized photospheric plasmas move in response to

energy rising from the convection zone at the local magneto-

sonic speed VM:290 neglecting gravity and radiation, we have

the scaling

q
dv

dt
¼ 1

c
J� B�rp � q

V2
A þ C2

s

� �
a

¼ q
VM

sM
; (6)

where VA ¼ B2=ð4pqÞ and Cs are the characteristic Alfv�en

and sound speeds, VM � ðV2
A þ C2

s Þ
1=2; sM � a=VM, and a is

the spatial scale. Here, VA and Cs are based on deviations of

macroscopic magnetic field and pressure from equilibrium.

The basic scaling of MHD processes in the solar atmosphere

takes on the form d~v=d~t � 1, where ~v � v=VM and ~t � t=sM

are the characteristic local velocity and time scales of

changes.

Equation (6) reflects the fact that the basic MHD equa-

tions are scale invariant. Physically, if a quantity of energy

rises through the photosphere, the plasma medium will

respond at VMs. If this energy reaches the corona, the coro-

nal plasma will respond at VMc according to the local coro-

nal parameters. For MHD processes, VMc 
 VMs. For the

canonical magnetized coronal and photospheric plasma

parameters, VMc � 103 km s�1 and VMs � 1 km s�1. On the

scale of observed magnetic elements (<100 km, Fig. 8),

sMs � 100–200 s.

The rationale for ideal-MHD line tying in the weakly

ionized photosphere is that the resistive diffusion time across

dimensions of 105 km (e.g., active regions) is much longer

than the eruptive timescale. Magnetic and electric current

elements in the photosphere, however, are generally highly

filamented (<100 km, Fig. 8), and the dissipative timescale

on that scale would be shorter by a factor of 10�6, possibly

contributing to the disappearance of small magnetic features

in tens of minutes.165 Ideal MHD is difficult to justify.

C. MHD simulations of flux ropes

In contrast to the above simulations using arcades as the

initial structure driven by quasi-static footpoint shearing, Wu

et al.37 earlier carried out the first 2.5-D MHD simulation of

FIG. 19. “Breakout” model simulation in 2.5-D using adaptive-mesh refinement. Black curves: field lines. The yellow band along the solar equator shows

specified photospheric shear. The images show normalized coronal current. (a) Onset of the “breakout reconnection” at the apex of the central arcade. (b)

“Breakout” of the central arcade. (c) and (d) Subsequent evolution. Reconnection is due to numerical diffusion. Reproduced with permission from Karpen

et al., Astrophys. J. 760, 81 (2012). Copyright 2012 IOP Publishing.276
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a flux rope expanding away from the Sun and compared the

resulting flux rope at 1 AU with an observed MC. This was

associated with a CME observed by C2/LASCO on 6

January 1997. The MC—the presumed CME ejecta—was

detected four days later by the WIND spacecraft at 1 AU.

The C2 and EIT images indicated that the CME trajectory

had a significant southward component. The Sun-encircling

flux rope, initially in equilibrium with a model helmet

streamer, was driven by the injection of poloidal flux. They

calculated the expansion of the model flux rope to 1 AU and

compared the results with the observed CME expansion and

the magnetic structure of the ejecta detected by WIND.

Figure 20 shows the simulated CME expansion velocity ver-

sus position from Sun center (curve) and the observed data

(asterisks) corrected for projection (pluses). The simulated

flux rope is qualitatively consistent with the LASCO CME

data in expansion speed and with the observed MC in struc-

ture at 1 AU. The LASCO data, however, does not show the

initial acceleration for comparison, and the 2.5-D model

does not have a physical initiation mechansism.

Similarly, Manchester et al.199,200 simulated a 3-D

flux rope inserted into a model corona. The flux rope, ini-

tially out of equilibrium, has footpoints anchored in the

photosphere and expands to 1 AU, yielding flux-rope

properties consistent with those of observed MCs at

1 AU. The simulated flux rope also shows considerable

deformation. The time evolution of the model structure is

shown in Fig. 21. White curves indicate the magnetic

streamlines and the color scale gives the fluid plasma

speed, ranging from 300 km s�1 (blue) to 780 km s�1

(red). All the magnetic energy of the eruption is in the

initial nonequilibrium flux rope, and the initial accelera-

tion in the inner corona that leads to an MC-like solution

at 1 AU is faster and more peaked near the Sun than is

observed for CMEs (Fig. 11 of Ref. 199).

The simulations proved in principle that a CME-like

flux rope can evolve to an MC-like structure, consistent with

the predicted CME-to-MC connection.86,320 This connection

was more directly established for the first time by STEREO

observation.33

FIG. 20. Measured CME LE velocity versus height in the plane of the sky

(asterisks), corrected for projection (pluses). The CME LE could be tracked

to about 15R�. The solid curve is the computed CME LE speed versus

height. Reproduced with permission from Wu et al., J. Geophys. Res. 104,

14 789 (1999). Copyright 1999 Wiley.37

FIG. 21. Time evolution of a flux-rope

CME at (a) t¼ 8 h, (b) t¼ 16 h, (c)

t¼ 32 h, and (d) t¼ 64 h. Solid white

lines display magnetic streamlines and

the color scale shows the MHD fluid

speed. Reproduced with permission

from Manchester et al., J. Geophys.

Res. 109, A02107 (2004). Copyright

2004 Wiley.200
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D. Magnetic flux rope hypothesis

Instead of arcades, one may hypothesize that pre-

eruption structures are equilibrium magnetic flux ropes with

their footpoints anchored in the photosphere.85,291,293,294

Eruption of flux ropes upon emergence without first estab-

lishing equilibrium has also been simulated.295–297 Some

models start with nonequilibrium or unstable flux ropes in

the corona.199,200,298 In general, however, observation sug-

gests that pre-eruption structures exist in quasi-equilibrium

[e.g., Fig. 13(a)].

Figure 22 illustrates a solar magnetic flux rope.86 It is a

self-organized toroidal pinch made up of a current channel

and its self-magnetic field. The current density has toroidal

(locally axial, Jt) and poloidal (locally azimuthal, Jp) compo-

nents, related to Bp and Bt by J ¼ ðc=4pÞr � B. The flux

rope is anchored in the photosphere with its current assumed

to be closed in or below the photosphere (dashed curves),

with the footpoints separated by distance Sf. The subsurface

current structure cannot be observed, and none is specified.

With no eruption, the entire structure is assumed to be in

steady state, with dissipative losses balanced by the dynamo

deep in the convection zone (indicated by “D”). The flux

rope is in equilibrium with the ambient coronal pressure, pc,

overlying field Bc, and gravity. Here, Bc is due to an electric

current separate from the flux-rope current. At any given

point in space, the magnetic field is a linear superposition of

the contributions from all sources and may be more complex

than is depicted. The polarity of Bc in the photosphere is

indicated by “þ” and “�” signs and is drawn in such a way

that the Lorentz force ItBc is downward. In the photosphere,

this configuration would be a bipolar region similar to region

A in Fig. 9(b) (but opposite polarity). Topologically, the

toroidal field Bt is normal to the surface, and the poloidal

component is tangential to the surface. The actual poloidal

field “lines,” however, may be undular and go in and out of

the high-b photosphere as depicted.

In the corona, the prominence material is partially ion-

ized (0:05 < f < 1). With np � 1011 cm�3 and Tp � 104 K,

the ion-neutral collision frequency is �in � 4:5� 102 s�1. If

B ¼ 10 G,55,56 the ion Larmor radius is qL � 10 cm and

b ’ 7� 10�2. Thus, on the scale of 105 km and tens of

minutes, the neutral hydrogen is coupled to the magnetic flux

rope via the ionized plasma. The visible prominence is

assumed to be organized by the relatively strong magnetic

field in the low-b core of the flux rope.86 Figure 23 schemati-

cally depicts the internal structure of a flux rope with the

prominence material providing an observable proxy for the

trailing edge (TE) of the current channel, as indicated by

the short vertical lines (P). A similar concept is depicted in

Fig. 5 of Ref. 300.

The above configuration is of the so-called “inverse”

polarity type,51,266 in which the polarity of the magnetic field

threading the prominence is opposite to that of the photo-

spheric field (þ to � in Fig. 22). This is distinct from the

so-called “normal” polarity configuration,268 which may be

FIG. 23. Cut-out view of a model flux rope showing one leg through the

chromosphere and photosphere (the bottom surface). The toroidal current

(It), poloidal magnetic field (Bp), and overlying coronal field (Bc) are indi-

cated, with “þ” and “�” indicating the polarity of Bc or Bp in the photo-

sphere (cf. Fig. 15). The current channel has minor radius a, apex is at point

A, trailing edge of the current channel is C, and B is the centroid. The trail-

ing edge of the flux rope is below C. Bp is the poloidal field due to It, and Bc

is due to currents other than that of the flux rope. (The poloidal current Ip is

not shown for simplicity.) It; Ip;Bt ¼ 0 for r> a. Pressure is smoothly con-

tinuous at r¼ a, with pc the asymptotic value. The flux-rope field is taken to

extend to D ¼ 2a. Part of the field line may be embedded in the chromo-

sphere (dashed arc). Topologically, at the footpoints, the toroidal field

(Bt¼ const) is vertical, but the poloidal component (Bp) is horizontal. Along

the PIL, Bp is vertical. The short vertical line segments (P) indicate the

prominence material. From Ref. 86.

FIG. 22. Solar flux rope in the corona with pressure pc and overlying coronal

magnetic field Bc perpendicular to the flux rope, consisting of a current chan-

nel of minor radius a and the self magnetic field (Bp, Bt). The toroidal (It)

and poloidal (Ip) currents are indicated. Footpoints of Bc are indicated byþ’s

and �’s. The flux-rope footpoints are separated by distance Sf. The toroidal

current It is closed in or below the photosphere, ultimately connected to the

solar dynamo schematically indicated by “D.” Subphotospheric current

structure cannot be observed, and no specific structure is specified. In steady

state, the dynamo balances dissipative energy losses. The set of three smooth

poloidal field lines are newly “injected” into the flux rope by the dynamo. A

3-D version of Fig. 5 of Ref. 220.
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visualized by loading the filament on the arcade top (Fig. 15)

and creating a “dip” at the top of the field lines to prevent the

filament from sliding off. Observationally, inverse-polarity

prominences are far more numerous.51 For good reviews of

early models, see Refs. 51, 301, and 302 Note the remarkable

resemblance between the CME in Fig. 13(c) and this model

configuration. We will return to it later.

The initial flux rope has nonzero current satisfying

ð1=cÞJ� B� rp� qr/g ¼ 0, where /g is the gravita-

tional potential and B includes Bc. The traditional adage,

however, holds that current structures in the corona must

start as “potential” magnetic field lines (r� B ¼ 0) and

that nonzero currents are generated by twisting the field-

line footpoints. Under ideal MHD, such structures must

maintain zero net current by generating return currents.

Early loop models appealed to this notion256 as do arcade

models such as those discussed earlier (Sec. III A).

Nevertheless, vector magnetograms of active regions show

the presence of nonzero net electric currents in bipolar

regions,303–305 and there is morphological evidence that

pre-formed flux ropes with nonzero net currents rise

through the photosphere.306–309 Theoretically, if poloidal

flux is allowed to emerge into an existing flux rope, the

toroidal current can increase with no need of any neutraliz-

ing return current. This is possible if the photosphere is

finitely massive or conducting.

E. Flux-rope CMEs

The macroscopic MHD forces in this configura-

tion85,330 and application to CME/EP dynamics86 have been

theoretically treated. The key physics in this theory, now

known as the erupting flux rope (EFR) theory of CMEs, is

the major radial Lorentz hoop force.299 Initially, the univer-

sal consensus was that CMEs were dome-like density shells

instead of thin (“planar”) loops [Fig. 6(a), Sec. I A), which

led to a broad rejection of flux ropes as CMEs. The applica-

tion of the hoop force to solar flux ropes85,310 was also

regarded as a “laboratory” technique inapplicable to solar

structures. With the new LASCO observations, however,

the consensus shifted to the flux rope geometry (Fig.

23),87–89,93,291,295 and the hoop force is now incorporated

into models of CMEs.199,289,295,298,311,312 In this section,

we examine the details of the 3-D magnetic topology under-

lying CMEs and EPs and the macroscopic forces acting on

them.

1. Observed morphology

Figure 24(a) shows the image of the first CME to be

identified as an expanding flux rope,87 obtained by the

LASCO C2 coronagraph on 13 April 1997 shortly after

LASCO commenced routine observation in late 1996. The

CME was observed to be erupting off the west limb (to the

right; see Fig. 1) and slightly south of the ecliptic plane. A

nearly circular rim A is evident, with the LE a, trailing edge

(TE) c, upper rim d1, and lower rim d2 indicated. The cen-

troid of A is denoted by b and is determined by the average

of the coordinates of a, c, d1, and d2. Close examination

shows that A contains concentric striations, with a concave

up feature at c. The circular rim encloses a relatively dark

cavity and a bright core. There is a pair of relatively bright

features E1 and E2 connected to the rim A. Figure 24(b) is a

C2-C3 composite of the CME: the LE of the CME had

reached �15 R� and the width D ¼ jd1 � d2j had increased

to �8 R�. The bright concave up feature at c was still located

at the TE of A, which remained nearly circular. It is evident

that the CME maintained its structural integrity and by

implication its magnetic topology. The CME structure

remained identifiable until the LE reached �25 R� beyond

which it was too faint to track accurately. Significantly, E1

and E2 remained continuous in the C2-C3 FOV and showed

little change relative to the occulter for as long as they could

be discerned.

Although this CME exhibited the prototypical three-part

morphology [Fig. 5(c)], it was interpreted as an expanding

toroidal flux rope as shown in Fig. 25(a): the Sun is viewed

from the north and the flux-rope major axis lies in the

FIG. 24. CME observed on 13 April 1997. (a) C2 image of a three-part

CME at 16:36 UT, 13 April 1997, exhibiting a bright rim, cavity, and a core.

No C1 or C2 data exist prior to 16:00 UT. (b) C2-C3 composite of the CME,

with the C2 image obtained at 21:15 UT and C3 image at 20:58 UT. The

bright white dots in the C3 FOV are stars. From Ref. 87.
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ecliptic plane. Here, “toroidal” means that the structure can

be approximated as a segment of a torus. The circular

rim A in Fig. 24(a) is interpreted as the projection of

minor circumferences, a few of which are illustrated. The

striations can result if any nonuniformity from one cir-

cumference to the next is present. Figure 25(b) shows a

synthetic coronagraph image of a model 3-D flux rope

with a hollow density distribution peaked near the outer

edge, r ¼ 2a (Fig. 23). Its footpoints are located slightly

south of the equator. The assumed density distribution is

convolved with the Thomson scattering function72 and

integrated along lines radiating from an observer at 1 AU

’ 215 R� [indicated by OBS in Fig. 25(a)]. The method

is described in the Appendix in Ref. 95. The synthetic

image exhibits all the salient features of the CME in the

C2 data, showing that the observed CME is consistent

with being a magnetic flux rope. The prominence has

been omitted for simplicity, but one located in the flux

rope [short line segments, Fig. 25(a)] would appear as a

bright feature in the cavity extending toward the Sun

[Fig. 24(a)]. In the earlier planar loop concept,75,76 the

circular rim A would be the CME loop, orthogonal to the

new flux rope configuration.

While the specified hollow density distribution in Fig.

25(b) is ad hoc, theoretical calculations show that flux ropes

naturally develop density peaks near the edge at r ’ 2a.294,313

The 2.5-D MHD simulation shown in Fig. 18 (bottom panels)

also shows similar features.

The presence and persistence of the bright features

E1 and E2 is significant. Similar long-lasting bright rays/

streamers following CME eruptions were also observed in

the more limited SMM FOV,71 but the structural relation-

ship to the expanding CME loop could not be ascertained.

The large-FOV LASCO images show that E1 and E2 cor-

respond to the outer edges of the legs projected on to the

plane of the sky. This provides evidence that expanding

CMEs remain connected to the Sun, contrary to the

notion that CMEs are plasmoids detached from the Sun.

Certain observed bright rays and concave upward Y-

shaped features, for example, those at c in Fig. 24(a) and

its C3 counterpart in Fig. 24(b), have been interpreted as

current sheets and disconnection.314–316 Numerical simula-

tions in 2D have also shown field reversal below flux

ropes248,274,276 (e.g., Figs. 18 and 19). Figure 26 shows a

synthetic image of the same 3-D flux rope as in Fig.

25(b) except that the two footpoints are placed such that

the line connecting them is at 25	 with the solar equator.

The figure shows a Y-shaped bright feature that results

from the overlap of the projections of the two legs and

TE of the apex (concave up). In fact, these legs are more

than a solar radius apart with no current sheets. This fig-

ure provides a specific 3-D magnetic topology and an

alternative to the current-sheet interpretation of Y-shaped

features. Recall that the corona is optically thin, and

brightness in coronagraph images is proportional to the

LOS-integrated column density of free electrons.

Figure 27 shows another CME, this one having the mor-

phology of a hollow flux rope viewed from the side (LE a
and TE b). The bright feature at the TE is the prominence,

with the same spatial relationship to the CME flux rope as

the event in Fig. 13. Figure 28 is a high-resolution view of

an eruptive prominence, whose “legs” remained virtually sta-

tionary during the eruption. This image was obtained by EIT

using the He II 304 Å emission line, and the intensity is pro-

portional to n2 integrated along the LOS. The emission indi-

cates a temperature of 5� 104 to 6� 104 K and does not

show the hot corona or the associated CME. In interpreting

this image, keep in mind that an observed prominence is

only a small part of a flux rope [Figs. 5(c), 13(c), 13(d), and

27]. Prominences are sometimes modeled as “kinked” flux

ropes,317 but a prominence may simply occupy a helical

“bundle” of field lines in an un-kinked magnetic flux rope

(e.g., Figs. 13 and 28).

FIG. 25. (a) Interpretation of the CME of 1997 April 13, viewed from the

solar north. The outermost magnetic surface of a flux rope lying in the eclip-

tic plane is indicated by two minor radial circumferences. The velocity of

the apex (Vcme) and the line of sight from the observer are indicated. The

short line segments represent the prominence, the counterpart of P in Fig.

22. (b) Synthetic C2 coronagraph image: both footpoints are placed on the

solar equator. A quantitative realization of the schematic given in (a) using

Thomson scattering function. The prominence is not included.
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2. Identification of flux-rope CMEs: Observed
dynamics

The LASCO images of the CME shown in Fig. 24

exhibit features virtually identical to those of the SMM event

in Fig. 5(c) that were interpreted as the projection of a dome-

like structure. Although the recent morphological studies

support the flux rope interpretation,88,89,91,92 absent a direct

observation of the 3-D magnetic and density structures, an

interpretation based on 2-D images is ultimately insuffi-

ciently constrained and non-unique. The key additional con-

straint in the flux rope identification was the observed CME

dynamics, i.e., if a CME is an erupting flux rope, then the

theoretically calculated flux-rope dynamics must agree with

the observed CME expansion.87 The wide FOV of LASCO

allowed one to track features such as a, b, c, d1, and d2

through the initial acceleration and beyond. An important

quantity is the aspect ratio, defined by

K tð Þ � Rb tð Þ
D

; (7)

where Rb � ZbðtÞ þ R� is the distance of b from Sun center,

Zb the height b from the photosphere, and DðtÞ ¼ jd1 � d2j
the transverse width. The aspect ratio K embodies the cou-

pled expansion in two orthogonal directions. The EFR solu-

tions (below) were shown to simultaneously fit the

trajectories of a, b, and c as well as the aspect ratio KðtÞ.87

This comparison is more stringent than if only the LE motion

is considered.

A more complete view of CME dynamics was afforded

by a CME observed by the ground-based MK3/MLSO and

LASCO instruments, yielding detailed data from 1:2R� to

32R�. Morphologically, this CME was similar to the CME

shown in Fig. 24 with the exception that the inferred flux-

rope axis was more inclined relative to the ecliptic plane.

Figure 29 shows the position-time data for the LE (squares)

and centroid (circles) and the EFR solution for this event.

These features are the counterparts of a and b in Fig. 24. (TE

c, not shown to avoid clutter, is slower than the centroid.)

Panel (a) shows the observed LE (solid) and centroid

(dashed) trajectories. The theoretical solution replicates both

trajectories throughout the FOV. Panel (b) shows the aspect

ratio KðtÞ and the flux injection function dUpðtÞ=dt for this

event (see Appendix for dUpðtÞ=dt). The data show that the

observed KðtÞ is maximum early in the MK3 FOV (t <
19:30 UT), decreasing after this time. The calculated KðtÞ
replicates the data except for the first few data points. For

these early times, the full width of the CME was not

observed, so that the true values of K are equal to or less than

the data points (squares). Panel (c) gives the speed of the LE

a. The calculated TE speed (dashed curve) shows a compara-

ble degree of agreement with data. The early acceleration

phase was blocked by the occulter. The peak acceleration

ended by 20:00 UT.

FIG. 27. CME observed on 20 August 2000. A C2-C3 composite image of a

flux-rope CME viewed from the side, with the LE (a) and TE (b) of the flux-

rope CME indicated. The bright feature at b is the coronal counterpart of the

prominence, similar to that shown in Fig. 13(c). Viewed end-on, e.g., from

the right, the prominence material would appear as a bright vertical structure

in the cavity, as in Figs. 5(c) and 24. The saturated bright feature is a planet.

FIG. 28. Erupting prominence, observed in He 304 Å by EIT on board

SOHO. The “legs” of the prominence are visible, denoted by “1” and “2.”

Footpoint “1” is in front of the limb.FIG. 26. Synthetic coronagraph image of a flux rope oriented at angle with

respect to the solar equator. The footpoints are placed so that the line seg-

ment connecting them is at 25	 to the equator. Otherwise, the flux rope is

identical to that in Fig. 25(b). The cavity contains a Y-shaped density feature

resulting from the overlap of flux-rope legs that are separated by 1/2–1R�.
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The EFR solution replicates the correlation between the

enhanced value of K and the acceleration peak, which

approximately coincides with the rise phase of dUpðtÞ=dt.
Similar temporal relationships have also been found in other

events.96,209 In the EFR model, the initial increase in KðtÞ is

caused by the increase in pinch force arising from an increas-

ing UpðtÞ that reduces the rate of increase in D(t), and the

subsequent decrease in KðtÞ results from the faster expansion

of D(t) than RðtÞ. This is characteristic of 3-D flux ropes

with stationary footpoints expanding under the Lorentz hoop

force, as will be discussed below. The calculated flux rope

expansion in the two orthogonal directions is consistent with

the observed CME dynamics.

Following the identification of the first flux-rope CME,

much support for the new CME concept has been found based

on dynamics94–96,220,318 and morphology.88,219,221,222,285,319–321

Thernisien et al.88 constructed synthetic images of flux ropes95

from a wide range of vantage points and showed that images

of CMEs are generally consistent with being projections of

3-D hollow flux ropes. Similarly, the so-called halo CMEs78

can be interpreted as projections of Earth-directed flux

ropes.320 It is now believed that most, if not all, CMEs are flux

ropes.89,92 Perhaps the most important observational improve-

ment was the large FOVs of LASCO and SECCHI instruments

that have allowed observation of CME dynamics in the entire

1 AU region. This is a unprecedented testbed for any proposed

CME models.

F. Dynamics of solar flux ropes

As noted earlier, the Lorentz force is generally regarded

as the “most likely force” driving CMEs and EPs.271 The

idea is that a current loop in the corona induces an image

current in the infinitely conducting metal-like photosphere

and experiences a repulsive Lorentz force. In equilibrium,

this is balanced by the downward magnetic tension force due

to the overlying Bc field. As the arcade footpoints are

sheared, the current and the repulsive force increase quasi-

statically. An eruption results when the forces are unbal-

anced by some “MHD instability,” “catastrophic loss of

equilibrium,” “tether cutting” by reconnection, or some com-

bination thereof. These concepts underlie essentially all

models of CMEs and interpretations of simulation

results.233,238,239,244–246,248–250,252,264,269,270,292,322 In its basic

form, the image-current force is treated using a linear current

sheet or flux rope parallel to the photosphere.236,252,266,271

Yet, the repulsive force due to a photospheric image current

as the driver of CMEs has not been tested against observed

CME dynamics, and possible image currents in the weakly

ionized photosphere have not been evaluated.

In reality, a solar flux rope with its footpoints rooted in

the photosphere is necessarily curved. Such a structure expe-

riences a self force, the so-called hoop force, which arises

from the self magnetic field of the current (It � Bp). It is

dependent on the major radial curvature j � 1=R and is

identically zero in a straight flux rope (R!1). This

Lorentz force has a textbook counterpart for a metallic cur-

rent ring where pressure and toroidal field are absent.323 The

application to plasma structures was originally derived for

axisymmetric equilibria in tokamaks299,324 and introduced

into the solar physics literature in a study of macroscopic

equilibrium of 3-D solar loops with nonzero pressure.310 It

was later extended to the dynamics of nonaxisymmetric flux

ropes with stationary footpoints.85 For the solar application,

the minor radial dynamics, minor radial variation along the

flux rope, and the stationary footpoints during expansion are

found to be essential.

In the first application to solar eruptions85 and recent

studies of the hoop force,289,298,311,312 the minor radius was

taken to be uniform along the flux rope. It was found early

on that with this assumption, no solution could be found to

simultaneously replicate CME dynamics near the Sun and
MCs at 1 AU, the presumed counterpart of CMEs. This sim-

plification becomes invalid as the flux rope expands because

the apex minor radius grows much larger than the footpoint

minor radius (Fig. 24). Extending the theory to allow the

minor radius to be nonuniform, the calculated flux-rope

dynamics were shown to be consistent with those of

observed CMEs and MC structures at 1-AU.36

FIG. 29. Trajectory of the LE and transverse dynamics of the CME on 1997

September 9. MK3 and LASCO data (squares for LE and circles for the cen-

troid) and the EFR model solution (solid curves for LE and dashed curves

for the centroid). Solid symbols for the MK3 and C3 data and open symbols

for the C2 data. (a) Projected heliocentric positions (in R�). Error bars are

�1%–2%, roughly the size of the symbols. (b) Observed and theoretical

aspect ratio K, Eq. (7). The error in K is �10%. The first few points are

most uncertain—probably too large—because the full width of the CME

might not have been observed. Calculated flux injection dUpðtÞ=dt for this

solution is shown in units of 6� 1018 Mx s�1. (c) The projected speed V of

the LE a (squares) and the centroid b. From Ref. 95.
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The above model-data consistency was still limited in

that the evolved flux ropes at 1 AU could only replicate small

MCs. The reason was traced to the fact that the tenuous but

hot cavity plasma and the relatively cold but dense promi-

nence mass were treated as one fluid. This is not physical:

the former is coupled to the pressure force while the latter to

gravity. The theory was extended to treat the two compo-

nents separately.86 The revised theory was shown to repro-

duce observed CME dynamics and CME ejecta at 1 AU

consistent with the observed range of MCs, provided some

prominence mass is included in the initial equilibrium.

Specifically, the prominence mass affects the initial equilib-

rium magnetic field and therefore the Lorentz force and

CME dynamics to 1 AU. This reinforces the concept that

prominences are an integral part of CMEs.

This theory, now known as the EFR theory, has been

tested against CME/EP trajectories observed by SOHO and

STEREO with good agreement.33,87,94–96,209,220,318 It has

been shown that the solution that best matches the observed

trajectory of a CME also predicts the measured magnetic

field and the plasma parameters of the ejecta at 1 AU (Ref.

33) and the temporal profile of the associated SXR flare

emissions in the low corona.209

The EFR equations evidently capture (1) the essential

macroscopic physics of CME-prominence dynamics mani-

fested in coronagraph data, (2) the evolution of the CME

magnetic field, and (3) the physical connection between

CME acceleration and associated solar flare energy release

(SXR data) as manifested in close temporal correlation. The

EFR theory is discussed in detail below.

1. Inductance and magnetic energy of solar flux ropes

Consider a toroidal magnetic flux rope in equilibrium as

illustrated in Fig. 22. The poloidal magnetic flux enclosed by

the partial torus and the photosphere is given by

UpðtÞ �
Þ

BpdA?, where dA? is an area element of integra-

tion. This quantity can be written as

UpðtÞ ¼ cLðtÞItðtÞ; (8)

where the total toroidal current is It � 2p
Ð

JtðrÞrdr, c is the

speed of light, and L(t) is the inductance, which depends on

the geometrical size of the current structure.323 If the minor

radius aðhÞ increases exponentially or linearly in h from af at

the footpoints to aa at the apex, the self-inductance is220,325

L tð Þ ¼ 4pHR

c2
L þ Dð Þ; (9)

where 2pHR is the arc length of the flux rope, HðtÞ is the

fraction of a complete circle,

L R; aa; afð Þ �
1

2
ln

8R

af

� �
þ ln

8R

aa

� �" #
� 2þ ni

2
; (10)

and R(t) is the major radius and is assumed to be uniform

along the flux rope. The additive quantity DðtÞ is determined

by how a increases from af to aa. For exponentially increas-

ing aðhÞ36,86—motivated by the exponential decrease in the

stratified pressure pcðZÞ—we have DðtÞ ¼ 0, and for linearly

increasing minor radius,325

D tð Þ � 1� � þ 1

2 � � 1ð Þ ln �ð Þ; (11)

where �ðtÞ � aaðtÞ=af is a geometrical factor. Without

affecting the basic physics and equations of motion, we will

assume aðhÞ to be exponential so that D¼ 0. Thus, L ¼
ð4pHR=c2ÞL is used in the remainder of the paper. (If aðhÞ
is linear, jD=Lj < 0.2–0.3 for CMEs within 1 AU).

The dimensionless internal self-inductance is

ni �
2

a2B2
pa

ða

0

rB2
p rð Þdr; (12)

which is typically of order unity. For hollow surface current

distributions, ni ¼ 0. For non-force-free distributed JtðrÞ;
ni ’ 1.86 Here, Bpa � Bpðr ¼ aÞ is the poloidal component

at the edge of the current channel. The dimensional form is

Li ¼ ð2pHR=c2Þni. The external self-inductance Le is then

Le ¼ L� Li. The total poloidal magnetic energy is323

Up ¼
1

8p

ð
B2

pd3x ¼ 1

2
LI2

t : (13)

As the structure expands, minor radius aa at the apex

becomes much greater than af at the footpoint (aa 
 af ), and

Eq. (10) shows that

L tð Þ ’ 2pHR

c2
ln

8R

af

� �
: (14)

This means that the poloidal magnetic energy Up of an

expanding flux rope resides predominantly in the legs where

the field is strong (Bp / It=a) and L! Le. In contrast, the

hoop force is determined by the local values of lnð8R=aÞ.
This is an essential 3-D effect, permitting the EFR equations

to model the macroscopic dynamics of flux ropes in 3-D.

The fact that L mainly depends on R=af rather than R/a is

important: RðtÞ=af / R varies more rapidly than RðtÞ=aðtÞ,
leading to the characteristic Sf-scaling law of expanding flux

ropes manifested in the observed CME acceleration profiles318

(Secs. III G 2 and III G 3). It also gives rise to an observable

difference in the magnetic field pitch at the apex CaðtÞ and the

footpoints Cf ðtÞ (CaðtÞ ¼ const and Cf ðtÞ 6¼ const, Appendix),

indications of which can be found in observed prominen-

ces.326,327 For the apex, observed CME data show that R/a—

equivalent to K, Eq. (7)—increases significantly during the

acceleration phase95,96 (Appendix). See Fig. 29(b).

2. MHD forces on solar flux ropes: Equations
of motion

Within the framework of ideal MHD, the local force

density is given by fðxÞ ¼ ð1=cÞJ� B�rp� qr/g, where

J ¼ ðc=4pÞr � B, q is the mass density, and /g is the gravi-

tational potential function. The major radial force per unit

length of the flux rope is approximately85

FR ¼
U2

P

c4RL2

� �
fR tð Þ þ Fd þ Fg; (15)
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where Fd and Fg are the drag and gravitational forces, Up is

given by Eq. (8), and fR is J� B=c�rp integrated over a

toroidal segment of unit length. Here,

fR tð Þ � ln
8R

a

� �
þ 1

2
bp �

1

2

�B
2
t

B2
pa

þ 2
R

a

� �
Bc Zð Þ
Bpa

� 1þ ni

2
;

(16)

is a dimensionless function of order unity.220 Defining

hRðtÞ � lnð8R=aÞ � 1þ ni=2; (17)

the hoop force is Fhf ¼ ðjI2
t =c2ÞhR, with j ¼ 1=R. The aver-

age toroidal self-field �BtðtÞ gives the tension force Ftens ¼
�ja2 �B

2
t =8 along R, and bpðtÞ arises from rp

bp tð Þ � 8p �p � pcð Þ
B2

pa

; (18)

where �p and pc are the average internal and coronal pres-

sures. Thus, bp is the pressure differential across the minor

radius, which leads to the major radial force Fp ¼ ðjI2
t =c2Þ

bp. The Bc term is the downward Lorentz force Fc ¼ ItBc=c
(Fig. 23). Note that Fc has no curvature dependence. The

form of JtðrÞ enters the analysis only through ni and does not

explicitly affect the other terms. For simplicity, JtðrÞ is taken

to have the same functional form throughout the flux rope

and ni ¼ const is assumed.

The system of equations is closed by an adiabatic index

of c ’ 1:2. This value is ad hoc but is found to yield SW

properties consistent with in situ data out to about 4 AU.

Reasonable coronal properties are also obtained near the Sun

with c ¼ 1:05.328 These values correspond to good thermal

conduction from the hot corona.

As the flux rope expands in response to increasing

UpðtÞ, L(t) varies according to Eq. (9), and the magnetic field

components evolve according to

BpðtÞ ¼ 2ItðtÞ=caðtÞ; �BtðtÞ ¼ Ut=pa2ðtÞ; (19)

where a¼ aa, ItðtÞ ¼ UpðtÞ=cLðtÞ, and Ut ¼ const.
The expression (16) is familiar in tokamak research

and was derived by Shafranov299 for an axisymmetric

toroidal flux rope equilibrium (i.e., tokamak plasma) con-

fined in a toroidal vacuum (pc¼ 0) vessel. The character-

istic lnð8R=aÞ dependence of the “hoop force” on the

major radial curvature j ¼ 1=R is evident. The overlying

field Bc plays the role of the “vertical” field that balances

the hoop force in tokamaks. Solar flux ropes, however,

have a number of essential differences from tokamaks:

they are embedded in the corona of pressure pc with no

metallic walls, non-axisymmetric with stationary foot-

points, and highly dynamic. The finite ambient pressure,

pc 6¼ 0, means that bp < 0 is possible, which allows equi-

librium flux ropes even with Bc¼ 0 without violating the

virial theorem.310 In axisymmetric structures, there is no

counterpart of the length scale Sf.

Applying Eq. (15) to the apex, the major radial motion

is determined by

M
d2Z

dt2
¼

U2
p

c4RL2

� �
fR tð Þ þ Fg þ Fd; (20)

where Z(t) is the height of the centroid of the apex, MðtÞ �
pa2�qT is the total mass per unit length, and �qTðtÞ � mi�nTðtÞ
is the total mass density averaged over the minor radius, con-

sisting of the cavity plasma (mi�n) and prominence material

(mi�np) so that �nT � ð�n þ �npÞ. Mass M is ascribed to the cen-

troid of a toroidal section (no spatial distribution).

The minor radial dynamics are approximated by

M
d2a tð Þ

dt2
¼ I2

t

c2a

� �
�B

2
t

B2
pa

� 1þ bp

 !
: (21)

Given Eq. (18), this equation simply states that �Bt and �p tend

to expand the minor radius a(t) while Bpa and pc tend to

decrease the minor radius.

Equation (16) is based on the conjecture that the hoop

force acting on a section of a nonaxisymmetric torus is deter-

mined by the local curvature j. Accordingly, the local hoop

force per unit length was obtained by dividing by 2pR the

total force on an axisymmetric torus.85 Subsequently, the

local hoop force on a flux rope with arbitrary R=a
 1 was

rigorously derived.330 The derivation, which uses the princi-

ple of virtual work, shows that the local circular approxima-

tion, Eq. (16), is valid with error of Oða=RÞ. Equation (15)

shows that the hoop force vanishes in a straight flux rope:

FR / R�1lnð8R=aÞ ! 0 as R!1. The curvature at a point

on a curve is a non-local quantity because it depends on

neighboring points and that magnetic field as well as the

inductance is non-local.

Recall that Bc is the overlying coronal field perpendicular

to the plane of the flux rope. In general, there is a toroidal com-

ponent of the coronal field, Bct, which is due to a current

source external to the flux rope. This component enters the

major and minor radial force equations as �B
2
t � B2

ct,
299 where

Bt refers to the toroidal self-field. The equations can be rewrit-

ten by replacing �B
2
t with B
2t � �B

2
t � B2

ct everywhere without

affecting the solutions. If a component Bct 6¼ 0 is given, it is

B
2t that is directly computed, from which the flux rope field �Bt

must be obtained using BctðZÞ. For CMEs, the EFR model has

been used with Bct¼ 0. For thin coronal loops in an arcade

(e.g., Fig. 11), Bct 6¼ 0 may be more appropriate, which should

make such loops “stiffer.” In an axisymmetric flux rope

model,312 a dipole magnetic field due to a (subsurface) line

current along the axis of symmetry was used to model Bct. An

MHD simulation of this configuration found it necessary to

turn off the line current (Bct¼ 0) to produce eruption.291

3. Gravitational force on CMEs

Gravity is weak relative to the Lorentz hoop force but

does significantly affect the long-time dynamics through the

initial magnetic field (Sec. III G 1). The gravitational force

per unit length at the apex is

FgðtÞ ¼ pa2migðZÞðnc � �nTÞ; (22)

where ncðZÞ is the coronal density, �nT ¼ �n þ �np,
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gðZÞ ¼ g�=ð1þ Z=R�Þ2; (23)

and g� ¼ 2:74� 104 cm s�2 at the solar surface. Gravity

acts primarily on the cold prominence component of mass in

the initial equilibrium, increasing the downward force with-

out affecting the flux rope pressure. This is directly coupled

to the magnetic field via the Lorentz force (Sec. III G 1). A

parametric study in which v0 � �np0=�n0 is varied shows that

the values 5 < v0 < 30 produce results compatible with

observed CME/EP dynamics near the Sun and properties of

MCs at 1 AU.86 Here, the prominence component is assumed

to drain out and fall back to the Sun with about 15%

entrained by the expanding flux rope, which is consistent

with observational estimates. With v0 < 5 or v0 > 30, no

solutions consistent with observed MCs are found. This

clearly shows the CME flux rope and prominence mass must

be integrally coupled to correctly model the CME-MC

evolution.

4. Drag force

The drag force Fd describes the momentum coupling

between the expanding flux rope and the ambient medium.

For a flux rope of effective minor radius 2a presenting an

area of 4a per unit length at the LE,320

FdðtÞ ¼ �2cdaqcðVLE � VSWÞjVLE � VSW j; (24)

where cd is the drag coefficient, VSWðZÞ is the speed of the

ambient SW (or corona), VLEðtÞ � dZLEðtÞ=dt ¼ V þ 2w is

the speed of the LE. This follows from ZLE ¼ Z þ 2a, where

wðtÞ � daðtÞ=dt. If the CME LE is faster than VSW, then

Fd < 0 so that the SW retards the CME. If the SW overtakes

the CME, then VLE is replaced by VTE ¼ V � 2w, and Fd >
0 so that the SW adds to the outward driving force.

Equation (24) assumes that in a fully ionized corona-

SW medium, a magnetized flux rope of minor radius 2a
having a speed differential of DV � VLE � VSW relative to

VSW displaces momentum density DP ¼ qcjDVj per unit

time. With the cross-sectional area of 4a per unit length, the

flux rope transfers momentum at the rate of 4aDPDV.

Defining cd in the usual form Fd ¼ �ð1=2Þcdð4aÞDPDV, Eq.

(24) follows.

The original drag model was couched in terms of aero-

dynamic drag for a solid cylinder (w¼ 0).85 Its applicability

to CMEs, which are deformable structures, is predicated on

the validity of the scaling Fd / DV2, which was shown to be

valid for a straight cylindrical flux rope in 2.5-D MHD simu-

lations.332,333 It was found that cd strongly depends on the

orientation of the ambient magnetic field BSW relative to the

flux rope axis: cd is smaller (cd � 1) if BSW is parallel to V

than if BSW is aligned with the flux rope. The results showed

that the values cd � 1–3 are reasonable for CME flux ropes.

The 2.5D simulation could not realistically treat BSW draped

around the flux rope. Simple momentum transfer models, for

example, deflection or specular reflection of fluid elements at

the boundary surface yield cd¼ 1 and cd ¼ p, respectively.

In reality, the simplification w¼ 0 (solid cylinder) is

invalid for expanding CMEs (w 6¼ 0). Yet, with cd ¼ 1–3,

the theory successfully replicated CME dynamics observed

within the LASCO FOV.86,87,94–96 Beyond this distance

(�32R�), however, the theory was found to be inadequate:

regardless of the choice of cd and input parameters, no solu-

tion could be found to replicate both LASCO and STEREO

data. This was traced to the fact that with w 6¼ 0, the LE of

the expanding CME displaces more ambient mass and faster,

i.e., greater momentum transfer. This difference is cumula-

tive and becomes pronounced over distances of a few tens of

R�. With wðtÞ 6¼ 0 in the revised Eq. (24) and the previously

used values cd ¼ 1–3, the EFR theory was able to replicate

the observed CME trajectories in both the LASCO and

STEREO FOV extending to 1 AU.33,209 This is an example

of the strong constraint imposed by observed dynamics over

a sufficiently large distance. In the earlier analysis of a halo

CME and associated MC,320 w 6¼ 0 was also found to be nec-

essary to match both the observed near-Sun dynamics and

the MC at 1 AU, but no data along the CME path were avail-

able to test the calculated trajectory.

The original drag model with w¼ 0 has been used to

model the deceleration of CMEs adopting equations of the

form MdV=dt ¼ Fd,334–338 and the value of cd has been esti-

mated by fitting the solutions to observed CME trajecto-

ries.334,338 This assumes that there are no significant forces

other than drag on CMEs, but the observed data provide no

evidence to support this. More to the point, the comparison

is between different quantities: the computed CME motion is

due to the drag force only while the observed CME motion

is governed by the net force. Theoretical analyses show that

CME dynamics in the SW are determined by the competition

between the Lorentz force and drag force.86,220 See Sec.

III G 2.

Finally, the so-called “snow plow” effect can also pro-

duce a contribution that depends on ðDVÞ2. The plowed

material is then shed, which limits the total amount of mate-

rial that can be accumulated. Some observational evidence

of the snow-plow effect exists.93 This effect has been mod-

eled using the so-called virtual mass332 in analogy to fluid

dynamics,339 with cd replaced by cd=ð1þ qc=2�qÞ.332,333,337

This mass-loading factor may be absorbed into the definition

of cd, provided qc=�q is slowly varying. For CMEs, the factor

“2” is ad hoc, and the mechanism of virtual mass in CME

drag has yet to be studied. Drag coupling to the SW is mani-

fested in the MC speed distributions at 1 AU, showing a nar-

rower spread than the CME speeds near the Sun,340

supporting the theoretical prediction.86

5. 3-D geometrical constraint on the hoop force

During the expansion of a flux rope, the footpoints are

assumed to be stationary (Sf¼ const), and for simplicity,

major radius is taken to be uniform along the flux rope, i.e.,

RðhÞ ¼ const. In contrast, aðhÞ 6¼ const. With Z(t) given by

Eq. (20), the major radius is

R tð Þ ¼
Z2 tð Þ þ S2

f =4

2Z tð Þ : (25)

Together with a(t) from Eq. (21), Eq. (9) yields the induc-

tance L(t). Given Up (Sec. III G), the toroidal current ItðtÞ
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¼ UpðtÞ=cLðtÞ and poloidal magnetic field BpðtÞ ¼ 2It=caðtÞ
are calculated. Although the model equations only treat Z(t)
and a(t), the resulting dynamics are fully 3-D because

the inductance L(t) is for a 3-D flux rope. Thus, L(t) self-

consistently couples the magnetic field and expansion of the

flux rope—the “M” and “HD” in MHD, respectively.

The above equation states that the toroidal axis is a cir-

cular arc, which implicitly assumes that the net major radial

force, including the drag force, is symmetric around the flux

rope. This is generally not the case. In particular, the ambient

SW medium imposes a preferred direction on flux-rope

dynamics via the drag force, and R/a is expected to be non-

uniform along the flux rope. A more general treatment has

been developed in which the transverse expansion is self-

consistently and separately calculated.331 Correctly modeling

the transverse expansion is important for predicting the CME

ejecta impact on the Earth, but it does not alter the nature of

the forces. In the present paper, the simpler circular axis

approximation is used.

6. Stationary footpoints of flux ropes

An important constraint on the flux-rope dynamics is

that the flux rope footpoints be stationary in the photosphere,

which is much denser (ns � 1017 cm�3) than the corona

(nc � 109 cm�3 at the base). If the major radial force FR on

the footpoints is comparable to that on the apex, the charac-

teristic (“terminal”) speeds at the apex V
a and at footpoints

V
f are related by

FR � 4cdaf qsV

2
f � 4cdaaqcV
2a ; (26)

where qs (qc) is the surface (corona) mass density. If cd is

comparable in both mediums, we obtain

V
f
V
a
� aaqc

af qs

� �1=2

� 10�4; (27)

where Eq. (4) has been used. With V
a � 103 km s�1 and

aa � af near the Sun during the initial acceleration, Eq. (27)

gives V
f � 10�4V
a � 100 m s�1, indistinguishable from the

ubiquitous “slow” speeds in the photosphere and consistent

with Eq. (6). In the EFR theory, the footpoints are stationary

in this sense, to be distinguished from ideal MHD “line

tying” with infinite conductivity, Eq. (5). Note that the TI

equation is a limiting case of Eq. (20) based on a number of

important assumptions (next section).

In the solar physics literature, the flux-rope footpoints

are often said to be “line-tied” to the photosphere (r; q ¼ 1)

via ideal MHD (Sec. III A). Isenberg and Forbes proposed to

incorporate the line-tying of the footpoints into the deriva-

tion of the hoop force,289 using a current loop with the foot-

points embedded in an equipotential (E ¼ 0) surface and

applying a magnetostatic image-current method. They

required Bt¼ const in the boundary. The derivation includes

the Lorentz hoop force (JtBp) with the usual lnð8R=aÞ term

and the repulsion from the image current, but assumes Bt¼ 0

and rp ¼ 0. An unusual feature in this work is that the

current enters (and leaves) the infinitely conducting surface

at the embedded footpoints. The standard method of

images323,341,353 excludes charges and currents from the con-

ducting surface. It is based on the uniqueness theorem for

boundary-value problems. Mathematically, the limit of phys-

ical charges entering the surface is singular, E!1, which

is not the physical limit in which the real and image charges

would cancel, resulting in E! 0. The method was not

shown to be applicable to the configuration where the current

enters the conducting surface.

The repulsion due to the image current has been invoked

as the force responsible for eruption of EPs and

CMEs,236,252,266,271,354 and is regarded as an essential part of

the toroidal hoop force.289,354 This image current method

was taken to be mathematically equivalent to the derivation

of Garren and Chen.330 For the case in which the flux rope is

low and the return current is shallow below the photosphere,

the repulsion from the return current has similar effects; see

Fig. 8(b) of Ref. 330 for the calculated force. The return cur-

rent is the physical current required to maintain conservation

of current. If the flux rope is high or the return current (or

image current, if any) is deeper below the photosphere, the

repulsion, which rapidly decreases with distance, is insignifi-

cant relative to the hoop force due to the local curvature at

the apex. This is because the hoop force is determined by the

local curvature j, with a correction of Oða=RÞ. In eruption,

ItðtÞ also decreases in time as the flux rope expands

(Appendix), further reducing the long-range interaction with

the photosphere.

Physically, if the surface has finite resistivity, the mag-

netic field can enter the surface, and any image current

would be dissipated unless it is driven (Sec. III B). The

condition V
f =V
a � 1 is also taken to imply that the photo-

spheric and coronal timescales are “strictly separated,”

justifying the decoupling of subphotospheric and coronal

dynamics. Different parts of a magnetic structure threading

both regions have their respective velocity scales, Eq. (27),

and dynamical decoupling need not be implied by

V
f =V
a � 1. Simulations such as those of Refs. 297 and

277 provide a glimpse of the plasma/MHD dynamics

involving this two-region system. The above analysis

shows that regardless of dissipation, photospheric foot-

points of a coronal structure generally move more slowly

by a finite factor due to inertia.

7. MHD stability of flux ropes

In the 2D straight-cylinder geometry, flux ropes were

found to be unstable, and it was regarded as puzzling that

coronal loops were observed to be long-lasting.342,343 Of the

instabilities, the kink was proposed as a mechanism for erup-

tion.344–346 In 3-D toroidal equilibria with finite R/a, the

force-balance conditions (d2Z=dt2 ¼ 0 and d2a=dt2 ¼ 0,

Sec. III G 1) were found to constrain ð�p � pcÞ and Bp=Bt in

such a way as to render the flux ropes stable.310 Linearly,

local Suydam stability348 and the external kink stability349

are both satisfied. Nonlinearly, 3-D flux rope tends to

become more stable to the kink as it expands because twist

per unit length tends to decrease.347 This is favorable for

application to solar flux ropes, which typically are quasi-
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stationary for extended periods of time (days). Filaments and

by implication the underlying flux ropes can be set into sta-

ble and damped oscillations (“winking” filaments) by large-

amplitude perturbations from nearby eruptions,350,351 which

attests to their stability and robustness.

With Bc¼ 0 and Up held constant, the nonaxisymmetric

solar flux rope with stationary footpoints is absolutely stable

to major radial expansion.85 The timescale of oscillation and

acceleration is sR ¼ R=VAa, where VAa is based on Bpa and �n
of the flux rope. If Up is increased by a limited amount, the

flux rope can expand and reach another equilibrium at a

greater height. The new equilibrium is established by the

balance between the upward hoop force ItBp and the down-

ward tension IpBt and pressure gradient bp. During the

expansion, ItBp does work against tension, and the ratio
�B

2
t =B2

p increases, increasing tension relative to the hoop

force. The linear stability analysis was extended to the case

with Bc 6¼ 0.329 With BcðZÞ providing a potential barrier, a

slow increase in Up and the flux rope magnetic field can

cause the flux rope to rise and overcome the potential bar-

rier. Once the stability threshold is exceeded (Z > Zcrt), the

flux rope expands. This scenario, termed “magnetic energy

release,” has been modeled.325 Similarly, the torus instabil-

ity (TI) model298,352 calculates the “instability” conditions

for specific forms of BcðZÞ; using the field profile

BcðZÞ / Z�n, the critical value ncr has been derived such

that a flux rope is unstable to major radial expansion for

n > ncr .

G. EFR theory of solar eruptions

In this section, the EFR theory described above is

applied to CMEs, and the physical results are discussed with

emphasis on the relationship between the equations of

motion and observed dynamics.

1. Magnetic field of initial structure

The pre-eruptive coronal structure is assumed to be

an equilibrium flux rope defined by a number of geomet-

rical parameters, the important ones being Sf, Z0, and

R0=a0, where subscript “0” refers to the initial flux rope at

t¼ 0. The model corona and IP medium into which the

flux rope expands are based on empirical models and

are specified as functions of Z.86 These quantities

are ncðZÞ; TcðZÞ; pcðZÞ; BcðZÞ, and VSWðZÞ. Here,

pcðZÞ ¼ 2nckTcðZÞ, where k is the Boltzmann constant and

TcðZ ¼ 0Þ ¼ 2� 106 K (¼ 172 eV) at the base of the

corona. The coronal and SW outflow velocity VSW is

taken to be radial, with VSWðZ ¼ 0Þ ¼ 0 and

VSWðZ ! 1Þ ¼ V
SW . At 1 AU, the canonical asymptotic

values are V
SW ¼ 400 km s�1 for the slow wind and

V
SW ¼ 600 km s�1 for the fast wind.117

In the initial flux rope, the magnetic field is deter-

mined—not specified—by the force-balance requirements:

d2Z=dt2 ¼ 0 and d2a=dt2 ¼ 0 at t¼ 0. Including a Bct 6¼ 0,

the minor radial equilibrium yields

�B

2
t

B2
pa

¼ 1� bp; (28)

where �B

2
t ¼ �B

2
t � B2

ct. Eliminating �B

2
t from d2Z=dt2 ¼ 0,

we obtain Bpa in terms of Bc0 � BcðZ0Þ and pressure differ-

ential �pT0 � pc0 at the initial apex height Z0:

Bpa0 ¼
R0

a0

K�1
R �Bc0 þ B2

c0 �
a0

R0

� �2

KR 8p �pT � pcð Þ þ 4pmiR0g0 nc � �n � �npð Þ
� �( )1=2

2
4

3
5; (29)

where Bpa0 ¼ BpaðZ0Þ; KR � lnð8R0=a0Þ � 3=2þ ni=2, and

g0 ¼ gðZ0Þ. Here, the external field Bct is included to show

how it can be eliminated. The total pressure is �pT ¼ 2�nk �T

þ 2�npk �Tp, where subscript p on scalar quantities refer to

prominence while unsubscripted quantities refer to the hot

cavity plasma. On vector quantities, p designates

poloidal component or direction. Note that �Tp � �T , with the

bar denoting quantities averaged over the minor radius.

The above equation shows that for given Bc0, the

poloidal field for the initial equilibrium is Bpa0 �
�ð2R0=a0ÞBc0 so that jBpa0j > jBc0j for typical CME flux

ropes for which R0=a0 ’ 2.96 Equilibrium is also

possible for Bc¼ 0 provided bp < 0 (i.e., �p < pc).310

Equation (29) is characteristic of toroidal flux rope equilibria

with finite R/a.

Inserting �T ¼ Tc ’ 2� 106 K and Bc ’ 1 G into Eq.

(29), we find Bpa0 � 3 G. For CME-like flux ropes, Bðr ¼ 0Þ

’ 3Bpa
33,86 so that Bðr ¼ 0Þ ’ 10 G, which is comparable to

the estimated magnetic fields in quiescent prominences.55,56

Significantly, prominence magnetic fields were found to

increase with height.55 This is consistent with the model

flux-rope structure (Fig. 22), having maximum field on the

axis (r¼ 0).133,138

2. Main and residual acceleration phases

The observed acceleration of CMEs provides a direct

measure of the net force. Two observed quantities of impor-

tance are the profile of acceleration and geometrical dimen-

sion of the eruptive structure, in particular Sf. CME

acceleration is well documented based on the data from sev-

eral space-borne and ground-based telescopes.67,70,355–358

The data show that CMEs exhibit one main acceleration

peak close to the Sun, typically below 4R�,70,321,356,358 fol-

lowed by slower acceleration or deceleration extending to
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30R� (SOHO)285 and beyond. To understand the forces, one

must establish the equations of motion whose physical solu-

tions can correctly replicate the observed CME dynamics.

To show the spatial and time dependence of CME accel-

eration, write Eq. (20) as

d2Z

dt2
¼

U2
p

8pMTHR2L2
fR þ Fd þ Fgð Þ=M; (30)

where MTðtÞ � 2pHRM and Fd and Fg do not depend on

curvature or magnetic field. This can be written as

d2Z

dt2
¼ R

s2
R

fR þ Fd þ Fgð Þ=M; (31)

where sR � R=VAa; VAa � BpaðtÞ=ð4p�qTÞ1=2
, and �qTðtÞ is

given following Eq. (20). Defining

kR �
1

R ln 8R=af

� � (32)

and using Eq. (14), Eq. (30) has the form

d2Z

dt2
¼ 1

2pHMT
k2

R tð ÞU2
p tð ÞfR þ Fd þ Fgð Þ=M: (33)

The factor k2
R arises from 1=R2L2 above and captures the

inductive and geometrical properties of the hoop force acting

on an expanding flux rope. With the major radial curvature

j � 1=R, we have the dominant scaling

d2Z

dt2
� j2 ln 8R=af

� �� ��2
fR; (34)

where fd and fg with no dependence on curvature, as well as

Up, MT and H have been dropped for simplicity; this does

not affect the scaling discussion here.

Evaluating dR=dZ ¼ 0 using Eq. (25), we find that j is

maximum at Z ¼ Z
 where

Z
 ¼ Sf=2: (35)

At this height, the toroidal axis is semicircular. Consider an

initial flux rope and its expansion. Figure 30 shows how

geometry determines the curvature and therefore the hoop

force during the expansion. If the initial flux rope is flatter

than a semicircle (loop 1), Eq. (25) shows R1 > Sf=2. As the

flux rope apex rises, R decreases, reaching minimum, i.e.,

maximum j and kR, at Z ¼ Z
 (loop 2, R2 ¼ Sf=2 < R1).

Thus, acceleration peaks at Z ’ Z
, Eq. (34).

Past this peak (loop 3, Z > Z
; R3 > R2), acceleration

decreases with kR according to

d2Z

dt2
’ k2

R tð Þ
k2

R


d2Z

dt2

� �


¼ QR tð Þ d2Z

dt2

� �


; (36)

where the asterisk denotes values at Z ¼ Z
, with

kR
 � kRðZ
Þ ¼ ½ðSf=2Þlnð4Sf =af Þ��1
. Thus, the CME accel-

eration is rapidly “quenched” by the factor

QR tð Þ � k2
R

k2
R

¼

Sf=2
� �

ln 4Sf=af

� �
R ln 8R=af

� �
" #2

: (37)

This quenching factor—QR � ðSf =RÞ2ðlnSf=lnRÞ2—is sig-

nificantly stronger than R�2ðtÞ, and the quenching occurs on

the scale Sf in height. For concreteness, define Zm as the

height where the acceleration is 1/4 of the maximum, i.e.,

QR ¼ 1=4. This condition can be solved for Zm, yielding

Zm ’ 3Z
 ¼ ð3=2ÞSf : (38)

Thus, the bulk of acceleration is limited to below Zm, and

CME acceleration generally should have one main peak.

This phase is referred to as the main acceleration phase.220

The subscript “m” refers to “main.” In this phase, the net

force is predominantly determined by the competition

between the hoop force (ItBp) and the downward Lorentz

force ItBc, with a significant but smaller contribution from

the tension IpBt.

For Z > Z
, the Lorentz hoop force monotonically

decreases with expansion, with the net acceleration now

determined by the competition between the hoop force and

the drag force Fd. This phase is referred to as the residual
acceleration phase.220 The “main” and “residual” accelera-

tion phases are distinguished by the dominant contributors to

the net force. These phases correspond to the empirically

identified “acceleration” and “propagation” phases,

respectively.219

Note that the actual height ~Z
 of maximum acceleration

is determined by k2
RðtÞU2

pðtÞfRðtÞ. While k2
R decreases with

time t, Up and fR both increase for Z > Z
. Thus, the observ-

able ~Z
 is slightly greater than Z
.
It is instructive to examine the individual force terms in

Eq. (16) applied to an observed CME. Figure 31(a) shows

the individual forces calculated for the CME of 9 September

1997. The EFR solution for this event from which these

terms are computed has been presented in Fig. 29. In the ini-

tial flux rope, the equilibrium is established mainly by the

balance between the hoop force Fhf (curve 1), Eq. (17), and

FIG. 30. Schematic of a rising flux rope represented by arcs 1, 2, and 3, hav-

ing radii of curvature R1, R2, and R3, respectively. Curvature is j � 1=R.

Curvature is maximum for arc 2: j2 > j1;j3. Reproduced with permission

from J. Chen and J. J. Krall, Geophys. Res. 108, 1410 (2003). Copyright

2003 Wiley.220

090501-31 James Chen Phys. Plasmas 24, 090501 (2017)



Fc ¼ ItBc=c (curve 2), with tension Ftesn (curve 3) playing a

smaller but significant role. The flux rope is initialized to be

nearly neutrally buoyant and nearly force-free: Fg;Fp � Fhf

(Fp is comparable to Fg and is not shown). The predicted

total initial mass of the flux rope is MT ¼ 2:8� 1016 g, of

which a half is taken to be the cavity mass. The hoop force

Fhf peaks at t � 19:45 UT (�2:7� 1021 dyn cm�1), which is

quenched to 1/4 of the maximum value at about t ¼ 21:29

UT (dashed vertical line). This defines the end of the main

acceleration phase. The ensuing residual acceleration (t >
21:29 UT) is mainly the net of the hoop force and drag force

(see Ref. 86). The decrease in Fd after t � 20 UT is mainly

due to the decreasing qc. Figure 31(b) gives the net minor

radial force Fa, Eq. (21). The maximum value of Fa is com-

parable to that of the net radial force FR.

The calculated net force is consistent with a recent

observational determination of the driving force on a CME

of estimated mass �3� 1015 g:364 the net force reached

�3� 1019 dyn at R � 3R�, rapidly decreasing to and

remaining at �3� 1018 dyn from 7R� to 18R�. This is a fac-

tor of 10 smaller than the net force on the 9 September 1997

CME with a calculated MT ¼ 2:8� 1016 g.

The minor radial dynamics are important. A number of

models have used only the major radial equation.76,266,289,298

Often, the minor radial equation (21) is neglected. The TI

model298 explicitly eliminates this equation by assuming

d2aðtÞ=dt2 ¼ 0 and bp ¼ 0. Equation (28) shows that these

two simultaneous conditions constrain the self-fields such

that �B
2
t ðtÞ=B2

paðtÞ ¼ 1. Furthermore, in order to remove the

explicit occurrence of a(t) in Eq. (15), they impose R=a
¼ const. Figure 31(b) shows that d2a=dt2 6¼ 0 and Fig. 29(b)

shows that both theoretical and observed aspect ratios KðtÞ,
which is directly related to R/a, are not constant. The inabil-

ity to physically evolve Bt in the flux rope has adverse impli-

cations in terms modeling eruptions, in particular, the so-

called failed eruptions.365 It is noted that the system does not

evolve in a force-free manner even if a flux rope is force-free

(J� B=c ¼ 0) at one instant of time. This is because the

expansion of the flux rope volume pa2ðtÞRðtÞ generally

causes �pðtÞ to evolve differently from pcðZÞ where Z(t) is the

apex centroid height. Therefore, bpðtÞ is not constant in time.

In the linear regime, however, d2ðdaÞ=dt2 � ða=RÞðd2ðdZÞ=
dt2Þ allows one to use the approximation d2a=dt2 � 0, but

bpðtÞ 6¼ 0 must be allowed.85 This approximation is invalid

beyond the linear regime.

3. Constant-Sf flux-rope scaling law

The above analysis led to the observable prediction that

CME acceleration peaks at Z ¼ Zmax satisfying

Z
 < Zmax < Zm: (39)

This Sf scaling and the quenching factor QR are geometrical

effects characteristic of the hoop force, independent of the

magnitude of acceleration and flux rope size.

In this section, we examine how the Sf-scaling law can

be manifested in the observable CME and EP trajectory data.

First, Sf refers to the footpoints of the magnetic flux rope,

which cannot be directly observed. We therefore use a num-

ber of observational proxies to estimate Sf. See, for example,

the PIL in Fig. 9(b): Sf is the chord connecting the two ends

of a PIL or prominence footpoints. Second, for prominences

(e.g., Fig. 28), the model CME structure (Fig. 22) defines a

geometrical relationship between the magnetic field and the

prominence density structure: Sf ¼ Sp þ 2af .
318

For CMEs and EPs, the footpoint separation Sf and the

apex height Zmax at which the acceleration is maximum can

be observationally determined. Such measurements were

made for 17 CMEs and EPs, and the relationship between

the measured Zmax and Sf was investigated. The CMEs were

observed by LASCO, and the prominence data were derived

from LASCO observation or the Nobeyama Radioheliograph

(NoRH) observation at the Nobeyama Radio Observatory

(NRO, Japan).366 Figure 32 shows the results, where the ver-

tical axis is the measured Zmax and the horizontal axis is the

measured Sf based on observed proxies. The solid circles

(open triangles) show the data for the observed EPs (CMEs).

The Sf-scaling law, Eq. (39), requires that the data points lie

between two straight lines, Zmax ¼ Sf=2 (line A) and Zmax

¼ ð3=2ÞSf (line B). See Eqs. (35) and (38). This figure

implies that the acceleration profiles of all the CMEs and

EPs in this set of events satisfy the Sf-scaling law. The open

diamond marked by S is an MHD simulation of a flux rope

with stationary footpoints,291 which is consistent with the

predicted Sf-scaling. It has also been noted that the main

FIG. 31. Forces on the apex of the CME of 1997 September 9. The forces

are calculated using the best-fit EFR solution shown in Fig. 29. The solution

yields MT ¼ 2:8� 1016 g, of which a half is the cavity mass, and

Sf ’ 0:7R�, a typical CME source dimension. (a) Major radial forces [Eq.

(15)]. The initial equilibrium is dominated by the Fhf (curve 1) and Fc (curve

2), with Ftens (curve 3) making a significant but relatively small contribution.

The vertical line marks the end of the main acceleration phase. (b) Minor

radial force [Eq. (21)] at the apex.
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acceleration duration is proportional to the source region

dimensions,367 in agreement with Eq. (38).

The parameter aðtÞ � RðtÞ=aaðtÞ refers to the magnetic

flux rope and is not directly measurable. For the prominence,

it is derived from the CME-prominence geometrical relation-

ship Sf ¼ Sp þ 2af assumed in the EFR theory. For the

events in Fig. 32, the average value of a is �a ¼ 2:360:3.

Values of a ¼ 2–2.5 have been found in previous stud-

ies.87,94,96 The quantitative agreement seen in Fig. 32 sup-

ports the assumed geometry [Figs. 22 and 25(a)] and

observed CME-EP morphology (Fig. 27).

In a study of CME kinematics observed by the MK3 K-

coronameter between 1.2 and 2.4R� (projected),356 it was

reported that CMEs associated with flares showed little

acceleration in the FOV while those associated with promi-

nences exhibited significant acceleration (say, greater than

40 m s�2). The interpretation is that the acceleration is local-

ized below �1.2R�—“impulsive”—for the former class

while it occurs “gradually” over greater heights for the latter.

Similarly, it was reported70 that active region-associated

CMEs, of which flare-associated CMEs would be a subset,

tend to be impulsive compared to prominence-associated

CMEs. The median acceleration of prominence-associated

CMEs is �50 m s�2 (averaged over the MK3-SMM FOV,

probably excluding the main acceleration phase for most

events), while the active region-associated CMEs have the

median value of �160 m s�2,70 with higher values

(> 1000 m s�2) inferred in some events.70,321,355,362 Based

on these perceived differences, it was proposed that two

distinct acceleration mechanisms exist.356,359–361,363 Indeed,

a qualitative model was advanced to explain the postulated

CME types based on different reconnection scenarios in dif-

ferent magnetic configurations: gradual for normal polarity

versus impulsive for inverse polarity.361

In coronagraph images, a certain amount of the initial

dynamics is occulted. The amount of unobserved dynamics

is minimum when the event is on the limb in the FOV. More

of the initial acceleration is visible, and the observer would

classify it as a “gradual” event. If the same CME is directed

more toward (or away from) the observer, much of the main

acceleration phase may be blocked by the occulter, leading

to the classification of an “impulsive” CME. This projection

effect was excluded in the original analysis.356 Theoretically,

the acceleration of a more compact flux rope with a smaller

Sf (flare- and active region-associated events) reaches maxi-

mum and is then quenched at a lower height (the Sf=2 scal-

ing, above). This would be interpreted as impulsive

according to the above definition. Prominence-associated

flux ropes are typically longer—have greater Sf—than com-

pact active region flux ropes, so that the main acceleration

phase extends higher—Zmax � Sf=2—than that for compact

CMEs. They would be called “gradual.” If the size of the

eruptive structure (specifically, Sf) and the projection effect

are accounted for, no bimodal distributions of CME accelera-

tion are indicated.220 This is consistent with more detailed

analyses of observed CME acceleration profiles.368–370

The Sf-scaling law is reminiscent of an earlier finding293

that a flux-rope prominence becomes unstable at apex height

�Sf=2. The two results are sometimes presented as simi-

lar,371 but the Sf scaling law refers to the height where the

acceleration peaks rather than to a stability threshold, two

distinct physical processes.

4. Uniqueness of Sf scaling

Magnetic fields in the corona cannot be directly mea-

sured, and any inference on the structure has intrinsic uncer-

tainties. We have emphasized the importance of dynamics as

an additional observable discriminator. The preceding discus-

sion focused on one such property, the Sf-scaling law, that is

characteristic of partial toroidal flux ropes driven by the

Lorentz hoop force. Although Fig. 32 supports the Sf-scaling

law in the data, it cannot prove this interpretation as unique.

It is certain, however, that equations for flux ropes with no

counterpart of Sf would lead to different solution sets.

For example, Kliem and T€or€ok298 proposed a model of

the onset of CME acceleration, often referred to as the “torus

instability” (TI). This work calculates the dynamics of a

force-free flux rope in an ambient field of the form Bc / Z�n

and evaluates the critical ncr such that for n > ncr, the flux

rope cannot be held in equilibrium by Bc. This has been used

to interpret observations372 and laboratory experiments.365

The TI equation is the bp ¼ 0 limit of Eq. (20), along with

R=a ¼ const and d2a=dt2 ¼ 0, which leads to �B
2
t =B2

pa ¼ 1

(Sec. III G 2). The TI equation in the notation here,

Mðd2Z=dt2Þ ¼ ðjI2
t =c2ÞðhR � 1=2Þ þ Fc, has the same

apparent structure as the EFR equation (16), where hR is

given by Eq. (17). It is, however, axisymmetric with no

FIG. 32. Plot of observationally inferred Sf vs. Zmax, where Sf is the distance

between the flux-rope footpoints. EPs are represented by filled circles, and

CMEs are shown as open triangles. Line A: Zmax ¼ Sf =2, Eq. (35). Line B:

Zmax ¼ ð3=2ÞSf , Eq. (38). a ¼ R0=a0 ¼ 2:3 for the sample of events. The

uncertainty in estimated a, taken to be Da60:3, results in uncertainties in

both Sf and Zmax. The error bars show the estimated total error due to height

measurements and Da. Data points 7 and 70 correspond to two possible val-

ues of Sf for the back-side event 7. The diamond marked is from an MHD

simulation.291 From Ref. 318.
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footpoints so that the length Sf does not occur. To adequately

replicate observed CME acceleration, an additional assump-

tion, ItðtÞ ¼ const, was imposed to mimic stationary foot-

points. This led to solutions in better agreement with

observed CME acceleration,298 showing that the internal

scale Sf is essential for modeling CME dynamics. The disad-

vantage of the above method is that Up ¼ cLIt 6¼ const as L
increases, violating the assumption Up ¼ const.373

Roussev et al.291 carried out a 3-D MHD simulation of

flux ropes with different initial field line “twist” (i.e., pitch

angle). The initial structure (Fig. 33) is based on the axisym-

metric toroidal flux rope proposed by Titov and D�emoulin

(TD),312 identifying the upper part of the torus with the coro-

nal structure. The simulation footpoints are “line-tied” to the

conducting boundary (z¼ 0) with high but finite mass density

and low plasma temperature compared to the corona. The

transition to the corona occurs in a layer of thickness �6�
103 km. Unlike the CSHKP simulations above,274,276,278 the

footpoints are held stationary. The TD model employs a pair

of subsurface “magnetic charges” (6q at x ¼ 6L, z< 0 in

the figure) to generate a dipolar overlying magnetic field Bc

and a line current (I0) at some depth to generate a toroidal

component Bct in the corona. It was found to be necessary to

set I0 ¼ Bct ¼ 0 to produce an eruption. This flux rope—sta-

tionary but non-equilibrium with sufficient magnetic field

twist, i.e., toroidal current—was able to overcome Bc and

erupt away. With less twist, the flux rope rose and reached a

new equilibrium height.

With I0 ¼ 0, the simulated flux rope is essentially the

same as the EFR structure [see Figs. 23 and 33(a)]. It is, there-

fore, subject to the Sf scaling law. In the eruptive case, the ini-

tial flux rope has ZR
0 ¼ 8� 104 km and RR

0 ¼ 105 km, so that

SR
f ¼ 1:96� 105 km from Eq. (25). Here, “R” refers to the

Roussev et al. simulation. Judging the peak acceleration to

occur at time t ’ 5–6 min [Fig. 33(b)], one obtains ZR
max ’ 1

�105 km. This is consistent with Eq. (39) with ZR

 ¼ 0:98

�105 km (diamond S, Fig. 32). The eruptive and non-eruptive

solutions are nearly indistinguishable until the apex reaches

4–5 times the initial height. The Sf scaling is unaffected.

As for CSHKP arcade models in 3-D, they necessarily

develop footpoints (e.g., Fig. 17). If stationary footpoints are

fully formed before the main acceleration phase, the EFR

theory and the Sf scaling should be applicable. This can be

tested by CSHKP simulation models such as those discussed

in Sec. III A. Indeed, the Roussev et al. simulation seems to

supports this expectation, although it has reconnection below

the flux rope not included in the EFR theory. Roussev et al.
interpreted their simulations in terms of an axisymmetric

flux rope model that does not possess the Sf scale.312

Physically, however, the simulated equations more accu-

rately describe the EFR flux rope with Sf ¼ const.

H. EFR theory: Physical predictions

1. Onset of eruption

Consistent with the observed persistence of pre-eruption

structures, an initial flux rope satisfying d2Z=dt2 ¼ 0 and

d2a=dt2 ¼ 0 is stable to various MHD instabilities87,310 but

may be driven out of equilibrium. Krall et al.325 investigated

a number of physical scenarios within ideal MHD and found

that poloidal flux injection produced the best fit to the

LASCO CME trajectories. A similar finding was made in a

2-D MHD simulation.37 If the poloidal flux function UpðtÞ is

increased, It increases according to ItðtÞ ¼ UpðtÞ=cLðtÞ, caus-

ing fR(t) to increase. This continues until the flux-rope expan-

sion causes L(t) to increase faster than UpðtÞ.
Mathematically, it is convenient to specify the function

dUpðtÞ=dt,86 from which UpðtÞ can be calculated: UpðtÞ
¼
Ð t

0
ðdUp=dt0Þdt0. The function dUpðtÞ=dt is the rate at which

a packet (pulse) of poloidal flux enters the flux rope

(“injected”) from a source outside the initial structure and is

referred to as the poloidal flux injection function. Once

dUpðtÞ=dt is given, the mathematical solution of Eqs. (20)

and (21) is uniquely determined. No mechanism for dUp=dt
has been specified, but Appendix gives the functional form,

FIG. 33. Numerical simulation of flux rope dynamics. (a) 3-D flux rope with

stationary footpoints. The solid lines are magnetic field lines, and the color

code indicates the magnetic field strength in units of tesla. The surface

shaded in gray is an isosurface of Bz¼ 0. The flux rope is initialized out of

equilibrium. The cartesian coordinate system is shown. (b) Simulation

results for two flux ropes: one eruptive (green) and the other non-eruptive

(red). Right axis: Height-time curves for the centroid of the apex (solid

curve) and the X-point below the flux rope (dotted curve). Left axis: Apex

velocity (dashed curves). Reproduced with permission from Roussev,

Astrophys. J. Lett. 588, L45 (2003). Copyright 2003 IOP Science.291
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a generic pulse, used in the theory. To model an observed

CME, dUpðtÞ=dt is calculated (not specified) subject to the

requirement that the solution fit the CME data. Figure 29(b)

shows a dUpðtÞ=dt calculated for the observed CME.

The injection of poloidal flux into a structure having

UpðtÞ and L(t) corresponds to the injection of poloidal mag-

netic energy Up at the rate of

dUp tð Þ
dt

���
inj
¼ Up tð Þ

c2L tð Þ
dUp tð Þ

dt
: (40)

Here, UpðtÞ ¼ ð1=2ÞLðtÞI2
t ðtÞ ¼ ð1=2ÞU2

pðtÞ=c2LðtÞ is the

poloidal energy of the flux rope. As Up increases, the flux

rope expands, and L(t) evolves. The resulting change in the

magnetic energy, �ð1=2ÞðU2
p=c2L2Þ=ðdL=dtÞ, does not affect

the amount of the injected poloidal energy. Thus, the total

injected energy is

DUpjinj ¼
1

c2

ðt

0

Up t0ð Þ
L t0ð Þ

dUp t0ð Þ
dt0

dt0: (41)

Although ItðtÞ initially increases with UpðtÞ; ItðtÞ ¼ UpðtÞ=
cLðtÞ can decrease if LðtÞ / Rlnð8R=af Þ increases fast

enough. This occurs when dItðtÞ=dt < 0, i.e.,

1

L

dL

dt
>

1

Up

dUp

dt
; (42)

which occurs when the apex height Z exceeds Z
 ¼ Sf=2,

reinforcing the importance of the length Sf in CME dynam-

ics. At the apex, the initial increase in ItðtÞ results in an

increase in BpaðtÞ / ItðtÞ=aðtÞ and a decrease in a(t). In the

footpoints where af¼ const, Bp / It with �Bt ¼ const. Thus,

the magnetic pitch of the flux rope at the apex varies differ-

ently from that at the footpoints (Appendix and Sec. III F 1).

The component Bp is nominally horizontal in and below the

photospheric surface, and the toroidal component Bt is

“vertical.” The constancy of Bt is consistent with magneto-

gram data that the vertical (LOS) flux does not show signifi-

cant changes during eruptions.304,305 Both field components

are expected to be highly filamentary on small scales (e.g.,

Fig. 8) and complex in the high-b medium (Sec. IV C).

It should be noted that the “photosphere” in the EFR

model is the base of the corona. The actual connection to the

photosphere is not specified, except that It is conserved

across the boundary layer (r � J ¼ 0). No present-day mod-

els of eruption including simulation models (Sec. III A) treat

the boundary region, across which the plasma pressure varies

by approximately five orders of magnitude (Sec. II A 4). The

rapid variations in magnetic fields in this layer are currently

modeled using force-free and non-force-free models, and

much remains unknown.374,375 High-resolution observations

(e.g., Fig. 8) suggest that the filling factor is small, and it is

likely that the toroidal current is filamented to scales not yet

resolved. Nevertheless, macroscopically, the magnetic con-

nection is relatively “rigid” in that bright coronal loops

remain closely tied to the photospheric magnetogram fea-

tures as the Sun rotates. To the extent that macroscopic quan-

tities such as It and �Bt are used, the filling factor does not

affect Eqs. (15) and (21).

2. Physical solution and predictions

It has been shown that for observed CMEs, one can find

dUpðtÞ=dt profiles that generate CME trajectories closely

replicating the data.87,94–96,220,318 In this section, we discuss

EFR solutions for observed CMEs and examine the physical
predictions of such solutions.

Consider the basic equation of motion (20). Focusing on

the Lorentz force contribution and noting J� B ¼ ðc=4pÞ
ðr � BÞ � B, Eq. (20) may be formally written as

d2Z

dt2
¼ A B;

dUp

dt
; Sf ;VSW ;Bc0; cd

� �
; (43)

showing that CME acceleration A depends on a number of

physical quantities, the most important of which are listed in

the parentheses. Here, VSWðZÞ is the SW speed as seen by

the CME apex at Z(t), with V
SW ¼ VSWðZ !1Þ. This equa-

tion shows that A depends on quantities that cannot be

directly measured. In contrast, the left-hand side (LHS) is

determined by two directly measured quantities, Z and t.
Thus, the LHS is treated as a known, and the RHS—

BðtÞ; dUpðtÞ=dt; Sf ;V


SW ; cd;…—are treated as unknowns to

be calculated in terms of ZdataðtiÞ, the CME position data,

where ti is the i-th observing time (i ¼ 1;…;N). Thus, the

formal solution for dUpðtÞ=dt takes on the form

dUp tð Þ
dt

¼ G1 Zdata tið ÞjSf ;V


SW ;Bc0; cd;…

� �
; (44)

where G1 is a functional of the trajectory ZdataðtiÞ and

depends on Sf, V
SW , cd, …, the initial flux rope and system

parameters. These quantities must be solved for simulta-
neously. Denoting the n-th unknown on the RHS as qn, we

may formally re-write Eq. (44) as

qn ¼ Gn ZdataðtiÞjqj; j 6¼ n
� �

; (45)

where j; n ¼ 1;…;K. In this notation, q1 ¼ dUpðtÞ=dt. We

may choose q2 ¼ Sf ; q3 ¼ V
SW , and so on. Solving Eq. (45)

is equivalent to solving Eq. (43). The magnetic field BCMEðtÞ
is given by the solution, R(t) and a(t), via Eqs. (8) and (19).

In practice, an iterative “shooting” method is used to

solve Eq. (45) for an observed trajectory ZdataðtiÞ. For this

purpose, it is first necessary to define a measure of the

“distance” in function space between the CME data RdataðtiÞ
and the theoretical solution RthðtiÞ:

D � 1

T

XN

i¼1

jZdata tið Þ � Zth tið Þj
DZi

dti; (46)

where DZi is the uncertainty in Zdata at ti, N is the number of

data points, dti ¼ tiþ1 � ti, and T ¼
P

i dti. Thus, D mea-

sures the average deviation of ZthðtiÞ from the observed tra-

jectory ZdataðtiÞ relative to DZi. If the deviation is equal to

DZi for all i, we obtain D ¼ 1: a value of D < 1 means that

the solution is within the error bars on the average.

Given the data ZdataðtiÞ, the shooting method solves the

coupled Eqs. (20) and (21) forward for ZthðtÞ that minimizes

D. First, a trial flux rope is specified. This can be a “generic”
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flux rope (e.g., Sf ¼ R�=2) or one based on observational

estimates. In practice, a hybrid approach is used to expedite

the computation: when available, Sf is estimated from the

candidate source structure, and Z0 is determined from the

height data; most other parameters qn are started from stan-

dard values such as Bc0 ’ 1–5 G (the lower the initial height,

the stronger Bc0), V
SW ¼ 400 km s�1, and R0=a0 ¼ 2. Once a

flux rope is initialized, dUpðtÞ=dt is adjusted until D is mini-

mized for the given initial flux rope. Next, a flux rope is

chosen with a different Sf, and a new dUpðtÞ=dt is obtained.

The process is repeated until the value of Sf is found that

minimizes D. At this point, q1 and q2 in Eq. (45) have been

tentatively determined. This is iterated for all qn, and the

overall minimum-D solution ZthðtÞ is accepted as the physi-
cal solution for the input trajectory ZdataðtiÞ. The quantities

dUp=dt, Sf, V
SW ; � � � are now the predictions of the EFR

model. The results show that the converged solutions are

insensitive to the initial trial flux ropes.

The observed spatial quantity is elongation, which is the

angular distance from the Sun. Elongation � of an observed

feature is related to the “true” distance R from Sun center by

R ¼ RObs
sin �

sin �þ lð Þ
; l � cos�1 cos / cos hð Þ; (47)

where RObs is the distance of the observer from Sun center

and R is R ¼ Z þ R�, so that DR ¼ DZ. For an observer at

1 AU, RObs ¼ 215R�. Here, / and h are the longitude and

latitude of the source location, and the feature is assumed to

be moving along the radial line emanating from / and h.

The solar disk center is / ¼ 0 and h¼ 0. The location of the

source structure is usually inferred using EUV or Ha. With

this observational input, the “true” (de-projected) distance of

the observed (projected) LE position is calculated. In track-

ing the apex, Eq. (47) assumes that it is a localized “object.”

There is a certain amount of uncertainty in relating the

observed CME—a density feature—to the unobservable

magnetic structure. This is reflected in DZi ¼ DRi.

Of the EFR predictions, certain quantities can be tested

with existing data: (1) the temporal profile of dUpðtÞ=dt ver-

sus that of ISXRðtÞ, (2) calculated Sf versus the observed pre-

eruption footpoints, and (3) magnetic field and plasma

parameters of the model CME at 1 AU versus in situ data for

MCs (e.g., B1AU; �n1AU , and �T1AU). Some quantities such as

the value of dUpðtÞ=dt and VSWðRÞ encountered by a CME

have not been measured.

3. Dynamics and evolution of CME magnetic field
to 1 AU

Let us examine a CME that was continuously tracked by

STEREO from the Sun to 1 AU where the ejecta properties

were measured. For this event, the observed CME trajectory

and in situ ejecta data can be used to test calculated theoreti-

cal results. On 2007 December 24, the COR1-A coronagraph

detected a CME, which was observed to propagate through

the FOVs of COR1, COR2, HI1, and HI2 on STEREO-A,

providing well-resolved position-time data to 1 AU. The

CME was also observed by COR2-B (on STEREO-B).

Figure 34 shows the alignment of the two STEREO

spacecraft, separated by approximately 44	. In the COR2-B

FOV, the CME appeared as a halo around the Sun with slight

asymmetry. Based on this asymmetry, the CME apex was

estimated to expand in the direction at �40	 E from

STEREO-A, nearly toward STEREO-B. This trajectory is

indicated (dashed arrow marked “CME”) in Fig. 34.

In the STEREO-A images, the CME exhibited a typical

flux-rope morphology (e.g., Fig. 24), with the inferred toroi-

dal axis slightly inclined above the ecliptic plane. The

inferred 3-D magnetic geometry is shown in Fig. 35. Figure

36 shows the position-time data of the LE (symbols). Shortly

(�6 h) after the observed LE of the CME overlapped the pro-

jected position of STEREO-B in the HI2-A FOV, the

IMPACT magnetometer376 and PLASTIC plasma instru-

ments377 aboard STEREO-B detected the prototypical mag-

netic and plasma signatures of MCs27. The observed

magnetic field is plotted in Fig. 37(a). Shown here are the

magnitude (red) and the components in the spacecraft R-T-N

coordinates (Fig. 35). The identifying magnetic signature of

MCs is the smooth rotation of the IMF over many (> 10) h,

manifested in this event as more than 24 h of northward

BNð> 0Þ followed by 24 h of southward BNð< 0Þ. The quan-

tity # (black curve) measures the rotation angle as defined in

Eq. (2), with the substitutions N $ z and T $ �y. The two

vertical lines indicate the maximum and minimum in #,

which are the LE and TE of the MC.27 The measured plasma

parameters inside the MC are �nMC ¼ 5 � 10 cm�3 and
�TMC � 3� 104 K. In the SW outside the MC, TSW �
6� 104 K, where both TMC and TSW refer to proton tempera-

tures. A key plasma characteristic of MCs is TMC<TSW.27

The EFR model was applied to this event to test the

theory in the Sun-1 AU region.33 Figure 36 shows the mini-

mum-D solution (solid curve, D ¼ 0.68) for the observed

trajectory (symbols). With DRi ¼ 1% for all i, the average

deviation is ðDRÞD ¼ 0:68%. That is, the model trajectory

and position-time data agree to within 1% throughout the 1-

AU FOV.

The solution is used to calculate the model B field and

plasma parameters at 1 AU for comparison with the in situ

FIG. 34. Positions of STEREO A (“ahead”) and STEREO B (“behind”) at

12:00 UT on 24 December 2007. The dashed curves show, from inside out-

ward from the Sun, the orbits of Mercury, Venus, and Earth, respectively.
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STEREO-B data. Figure 37(b) shows BthðtÞ inside the model

MCs. The actual flux-rope orientation and therefore the com-

ponents cannot be determined unambiguously. In this plot,

the axis of the flux rope is taken to be at 55	, to roughly

match the duration of the observed MC field. This is nearly

equal to the angle independently calculated from the IMF

data.378 The maximum magnitude BCME, in contrast, is inde-

pendent of the flux-rope orientation and can be directly com-

pared to the data: the predicted value BCME¼ 11.8 nT is

nearly equal to the measured value of 12.0 nT. Additionally,

the rotation angle # (black solid curve) of the model field

along the assumed spacecraft path is similar to that of the

measured magnetic field. Thus, the relationship between BT

and BN in the calculated flux rope is consistent with that in

the observed MC. For example, BT is greater than BR in the

observed as well as model MC fields. For both the model

and observed MC, the BT and BR components essentially

vanish where the BN component peaks.

The calculated plasma parameters are �T ¼ 4� 104 K,

TSW ¼ 7� 104 K, and �np ¼ 5 cm�3, in good agreement with

the in situ values (above). In the EFR theory, the characteris-

tic lower temperature in MCs arises from the adiabatic

expansion with c ’ 1.2. Additional ejecta parameters are

shown in Table II.

The agreement between the calculated magnetic field

and the measured MC field is significant: the input for the

model—the position-time data—contains no magnetic field

information. Evidently, the equations of motion correctly

capture the relationship between the CME expansion and the

evolution of the ejecta magnetic field.

The dependence of the CME magnetic field at 1 AU on

input solar parameters has been investigated.331 It was found

that given the same initial flux rope, BCMEð1 AUÞ is sensitive

to the total poloidal energy injected, DUpjinjðt!1Þ, not the

functional form of dUpðtÞ=dt. Throughout this ideal MHD

process, the magnetic flux is conserved except for the

injected amount. Energetically, poloidal magnetic energy is

converted to the kinetic energy and gravitational potential

energy of the flux rope. Furthermore, the energy and momen-

tum are coupled to the ambient medium via the drag term.

By virtue of doing work against tension (V � Ftens), poloidal

energy is also converted to toroidal energy.

The synthetic field is calculated along a path through the

center of the apex, but the actual centroid of the CME

appeared to have been slightly above STEREO-B (Fig. 35).

The difference in jBj is expected to be small because the gra-

dient in B at r¼ 0 is small [Fig. 37(b)], but the “true” maxi-

mum value of jBCMEj was likely somewhat greater. The LE

of the model CME overlapped the projected position of

STEREO-B approximately 6 h before the commencement of

the actual MC passage at the spacecraft. This is consistent

FIG. 35. Schematic of a magnetic cloud (MC) passing over STEREO B

(“Obs”) inferred from the source location and HI2/STEREO-A images. Only

one half of the structure (into the figure) is shown. The shaded area is the

current channel. The outermost magnetic surface is shown slightly past the

observer in the ecliptic plane. The direction of the magnetic field is based on

the polarity evidenced by photospheric magnetograms. The centroid of the

apex is slightly above the observer in the ecliptic plane. The spacecraft coor-

dinates R, T, and N are indicated. From Ref. 33.

FIG. 36. CME of 2007 December 24. SECCHI-A position-time data for the

CME LE (diamonds and circles). Solid curve is the best-fit initial-value solu-

tion of the EFR theory, which has D ¼ 0.68 [Eq. (46)], corresponding to

0.68% on the average for DRi ¼ 1%. From Ref. 33.

FIG. 37. Comparison of in situ magnetic field at 1 AU and best-fit CME

ejecta magnetic field. (a) IMPACT/STEREO-B data (3-min average) in the

R-T-N coordinates. BR (green), BT (blue), and BN (magenta). # ¼
sin�1ðBN=BÞ is the rotation angle, scaled (�5) to better fit the plot. The ver-

tical lines designate the LE and TE of the MC,27 which is the current chan-

nel (r< a). The observed maximum field is Btot ¼ 12.0 nT. (b) Field B
 of

the model ejecta at 1 AU, intersected by the observer at 55	. BN¼Bp extends

to r ¼ 2a. No ambient IMF is included. Solid red curve: B
tot with Bmax ¼
11.8 nT. Solid black curve: #
ðtÞ (scaled). The assumed geometry is given

in Fig. 35 except that the toroidal axis is taken to be in the ecliptic. See Ref.

33 for a discussion of this event.
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with the apex of the flux rope passing slightly away from

STEREO-B in longitude. The synthetic field accounts for the

expansion of a(t) during the observation—note the slight

asymmetry—but does not include possible distortion of the

minor radial cross-section. Numerical MHD simulations have

shown that the flux-rope interaction with the ambient medium

can result in such distortions.37,199,333 The theoretical calcula-

tion also does not include the so-called Shafranov shift,324

which is evident in Fig. 7 of Ref. 37

4. Physical connection between CMEs and flares

The above event did not show significant flare emis-

sions. Here, we discuss CME-flare events where the source

structures can be inferred.

Physically, flux injection function dUpðtÞ=dt corre-

sponds to an electromotive force (emf)

E tð Þ �
þ

E � dl ¼ � 1

c

dUp tð Þ
dt

; (48)

which is the total electric potential drop around a closed loop

along the flux rope and a path connecting the two footpoints.

The spatial distribution of E is not predicted by the EFR the-

ory, but the hot and highly conducting coronal part of the

flux rope cannot support a significant potential drop. Thus,

the bulk of the emf drop should be in the lower atmosphere

between the footpoints, where resistivity is higher. The char-

acteristic electric field Ê is

Ê tð Þ � E tð Þ
Sf

; (49)

which is typically of the order of Ê � 1–10 V cm�1 along a

distance of the order of Sf � 105 km, a highly super-Dreicer

field of the same temporal profile as dUpðtÞ=dt. Table II

shows that for the event of 2008 December 24, ðdUp=dtÞmx

� 1018 Mx s�1, which is E � 1010 V across Sf ’ 1:8� 105

km. The full-width-at-half-maximum (FWHM) duration for

EðtÞ is DTp ’ 70 min. There is an emf-induced electric cur-

rent between the two footpoints, but it has not been treated.

This current is distinct from and opposite to the “image”

current.266,289

The EFR theory does not treat particle acceleration

and radiation mechanisms. Nevertheless, one can conclude

that if the emf accelerates charged particles that subse-

quently radiate, the calculated temporal profile of EðtÞ—a

prediction of the theory—should be closely correlated

with that of the associated SXR light curve I SXRðtÞ regard-

less of the acceleration mechanism, provided that the time-

scale of acceleration and radiation is much shorter than

UpðtÞðdUp=dtÞ�1
. This prediction was tested using an

ensemble of CMEs for which the associated SXR data

were available.209

Shown in Fig. 38(a) are the trajectory data RdataðtiÞ for

a CME (symbols) observed by STEREO-A and a number of

EFR solutions (curves). In this event, the EUVI/STEREO-A

instrument observed a bright loop identified as the EUV

counterpart of the CME. This loop (open diamonds) was

quasi-stationary prior to the eruption. After the eruption, the

LE was tracked by COR 1 (solid circles) and COR 2 (open

diamonds). In this plot, distance is expressed in units of R�
and is derived using Eq. (47). Panels (b) and (c) show the LE

speed and acceleration, respectively, derived from the suc-

cessive position data points. In panel (d), the observed

GOES 1–8 Å SXR light curve I SXRðtÞ is shown (dashed

curve). The CME was tracked by SECCHI/STEREO-A to

1 AU and has been discussed elsewhere.209 Here, only the

data for the main acceleration phase are given.

The position uncertainties are taken to be 2% of the mea-

sured distance, i.e., DRi ¼ 0:02Ri for all i. The error bars are

comparable to the size of the symbols in panel (a). A few rep-

resentative velocity error bars are shown, propagated from

TABLE II. Predicted quantities of minimum-D solutions for 2008 December 24 CME.a

No. Db Sf (105 km) Bc0 (G) MT
b (1015 g) �Bt0

b (G) DTp (min) ðdUp=dtÞmax (1018 Mx/s) V
sw (km/s) B1AU
c (nT) �T 1AU

c (104 K)

1d 0.68 1.8 1.8 3.3 2.39 70 1.0 441 11.8 4.30

2 1.10 1.5 2.0 1.7 2.41 66 0.9 418 11.9 4.25

3 1.28 2.5 2.0 7.3 2.60 68 1.4 486 12.0 4.38

4 0.80 1.8 1.6 4.2 2.32 70 1.1 442 11.8 4.31

5 0.79 1.8 2.0 2.7 2.46 68 1.0 441 11.9 4.28

6e 0.78 1.8 2.0 3.3 2.63 64 1.1 441 12.3 4.26

7f 0.72 1.8 1.8 3.3 3.31 72 1.1 440 13.6 4.16

8g 0.71 1.8 1.8 3.3 2.39 70 1.0 442 12.6 6.52

aSolution 1 is the overall minimum-D solution. All solutions are constrained by the CME LE trajectory data. For each solution, dUpðtÞ=dt and V
sw are varied

to minimize D. Each initial flux rope is specified by Sf, a0, vp � �p0=pc0 ¼ 1; vn � �np0=�n0 ¼ 0.6, Bc0 ¼ �1 G, and cd ¼ 1 are used for all solutions except

as noted for solutions 6 and 7. The equality Bpa0 ¼ �Bt0 results from vp ¼ 1. Here, subscript “0” refers to initial quantities defined at the initial centroid

position Z0.
bCalculated using the equilibrium force-balance conditions.
cB1AU is the field strength on the flux rope axis. �T 1AU is the average temperature in the flux rope. Tsw ’ 6:8� 104 K in the ambient SW. T0 ¼ 1 MK at the ini-

tial height Z0.
dTotal poloidal energy injected is DUp ¼ 2:0� 1031 erg. Use DUp / ðdUp=dtÞ2maxDTp to scale to other solutions.
evn ¼ 1:0.
fBc0 ¼ �1:5 G.
gThe model coronal temperature at Z0 is set to T0 ¼ 1:5� 106 K. The initial structure is the same as for solution 1. The calculated 1 AU flux rope density is

�n ¼ 5.7 cm�3, with nsw ¼ 5.2 cm�3.
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the position data. The error for acceleration is much greater

and is not shown to keep the plot uncluttered. The plots show

that the LE of the CME accelerated to �1400 km s�1 in about

30 min, slowing down somewhat thereafter. Panel (c) shows

that the main acceleration phase is sharply peaked, with the

FWHM duration of approximately 10 min.

Images of the candidate source region show that a fila-

ment erupted. Using the length of the filament as a proxy for

Sf, a trial value of Sf ’ 2� 105 km is obtained. Using

the EUVI data, the initial apex height is estimated to be

Z0 ¼ 2� 105 km, and we assume a0 ¼ R0=a0 ¼ 2. These

values are used to define the trial flux rope at t¼ 0. The

shooting method yields the solution with D ¼ 0:96 or 1.9%

of the position data (DR ¼ 2%). Next, Sf, Z0, and other

quantities are varied (one at a time), and the process is iter-

ated to find the overall best-fit solution (Sec. III H 2) that

minimizes D with respect to all the quantities. This is shown

as solution 1 in Fig. 38, which has D ¼ 0:46, or 0.92%. This

solution predicts Sf ¼ 2� 105 km, Z0 ¼ 1:8� 105 km, and

a0 ¼ 2:5, all similar to the respective initial guesses. These

quantities, including dUpðtÞ=dt, are physical predictions of

the model demanded by RdataðtiÞ. Table III shows several

solutions and various predicted quantities.

Keep in mind that given a CME trajectory, the mini-

mum-D solution is unique and not dependent on initial

guesses such as Sf, Z0, and a0. For the above event, the model

predicts a value of Sf approximately equal to the observa-

tional estimate. The calculated Sf was found to be within

25%–50% of the observational proxies for the events stud-

ied.209 This implies that the EUV and Ha images provide a

good proxy for Sf. Conversely, Sf can be inferred from the

observed CME trajectory.

Another quantity given by solution 1 is the driving func-

tion dUpðtÞ=dt shown in panel (d) (solid curve designated

“1”). Because the post-flare cooling processes are not included

in the EFR model, the details of the decay phase are excluded,

and only the rise phase and durations of the peaks in dUpðtÞ=dt
(DTp) and I SXRðtÞ (DTSXR) are examined. For the GOES X-ray

data, the FWHM duration is DTSXR ’ 45 min. The FWHM

duration of dUpðtÞ=dt is DTp ’ 41 min, slightly shorter than

the observed duration. The characteristic maximum electric

field predicted by Eq. (49) is Êmax ¼ 4:49 V cm�1, where Emax

¼ 8:1� 1010 V. In Fig. 38(c), the time derivative dI SXRðtÞ=dt
of the observed GOES SXR data is shown (dashed curve,

scaled to fit the plot). The temporal profile of dI SXRðtÞ=dt is

similar to the acceleration profile: the main acceleration phase

coincides with the rise phase of the observed SXR light curve,

which is shown in panel (d) (dashed curve). This is in agree-

ment with and providing a physical explanation for the empiri-

cal findings.219,221,222 In turn, dI SXRðtÞ=dt is known to be

correlated with hard X-ray (HXR).379 The predicted dUpðtÞ=dt

for this event—extracted from the position-time data

RdataðtiÞ—correctly captures the flare emission timescales and

known temporal associations among distinct quantities.

The dependence of EFR solutions on the form of

dUpðtÞ=dt has also been investigated. Figure 38 shows a

number of solutions, obtained by imposing different

dUpðtÞ=dt with all other quantities held unchanged. Here, we

focus on solutions 3 and 4. Solution 3 (red, dash-dot) is given

by dUpðtÞ=dt with a much longer ramp-up time constant (s1)

than for solution 1. The ramp-down time constant (s2) is

unchanged at s2 ¼ 33:3 min. Here, s1 and s2 are defined in

Appendix. Specifically, s1 is increased to s1 ¼ 50 min from

the minimum-D value s1 ¼ 13:6 min (solution 1). The start

time (t1) and dUp=dtjmax are adjusted to minimize D, which

yields D ¼ 0:68. This is measurably worse than solution 1,

but the average deviation is still 1.4%. Overall, solution

3 yields a slower maximum expansion speed, VLE ’ 1100

km s�1 versus VLE ’ 1300 km s�1 (solution 1). After

T � 15:00 UT, the velocity curves are virtually indistin-

guishable as are the height-time curves. The temporal pro-

file of the acceleration (panel c), especially the timescale,

is nearly unaffected by the significant difference in the

driving term.

This can be understood as follows. Equation (31)

shows that the timescale of acceleration is sR ¼ R=VAa, It

FIG. 38. Data for CME of 2008 April 26 in the inner corona and GOES

SXR data, ISXRðtÞ. The CME was tracked to 1 AU, but only data in the inner

FOV (EUVI/COR1/COR2 SECCHI-A data) are shown (symbols). In each

panel, solution 1 (solid curve) is the minimum-D solution (D ¼ 0:46;
DR=R ¼ 0:92%). Solutions 2–4 correspond to different specified dUpðtÞ=
dt. (a) LE trajectory. (b) LE speed. (c) LE acceleration and dISXRðtÞ=dt. (d)

dUpðtÞ=dt and SXR light curve, ISXRðtÞ (dashed, black). Curve 1 is well cor-

related with ISXRðtÞ (Sec. III H 4). The time axis starts at 13:00 UT, 2008

April 26. Solutions 1–4 are tabulated and discussed in Ref. 209.
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is determined by the initial flux rope dimension (i.e., R0)

and magnetic field (Bpa0), which are not affected by the dif-

ferent dUpðtÞ=dt. The observed acceleration timescale,

therefore, provides a measure of Bpa and R0 of the initial

flux rope. For solution 1, Eq. (29) leads to �Bt0 ’ 5:1 G and

Bpa0 ’ 4:9 G, so that on the axis of the flux rope (r¼ 0), we

obtain Bt ’ 3 �Bt0 ’ 15 G and Bp¼ 0.86,138 The main accel-

eration is quenched by the factor QR � ðSf=RÞ2ðlnSf =lnRÞ2,

Eq. (37). This results from the Sf-scaling law, a purely geo-

metrical effect, and is insensitive to the profile of

dUpðtÞ=dt.
Next, the ramp-down timescale s2 is increased by 10%

with s1 unchanged. The resulting solution (dotted) is desig-

nated as “4” in panels (a)–(c). This solution has D ¼ 2:12,

which is much worse than D ¼ 0:46 for solution 1. The main

acceleration phase is identical to that of solution 1, but the

residual acceleration is slightly greater. Figure 38 shows the

observed CME trajectory and model calculation to 100R�
(�1/2 AU), indicating that the solution is sensitive to how

dUpðtÞ=dt decreases. Even though the injection of poloidal

flux is brief relative to the entire trajectory and the main

acceleration is strongly quenched by QR, the difference dur-

ing the residual acceleration phase is cumulative. Thus, the

long-time CME trajectory is a strong constraint on s2 and the

duration of flux injection DTp.

The above analysis was repeated for four other events

including short- and long-duration flares, showing similarly

close agreement between the temporal profiles of dUpðtÞ=dt
and observed I SXRðtÞ, specifically DTp � DTSXR. Evidently,

the EFR theory can extract the CME acceleration timescale

sR and the temporal profile of I SXRðtÞ from RdataðtiÞ. In par-

ticular, the rise phase of ISXRðtÞ is correctly inferred. This

supports the hypothesis that the emf EðtÞ / dUpðtÞ=dt 6¼ 0

accelerates particles responsible for the associated solar flare

emissions. In this process, particle acceleration results from

DC electric fields, rather than waves, providing a theoretical

basis for DC acceleration models.380–382

In the “standard model,” the reconnection electric field

leads to particle acceleration. As the arcade top reconnection

progresses upward [top, Fig. 16(c)], the accelerated particles

are mapped along the reconnected flux surfaces to the chro-

mosphere, where they heat the plasma to form the two rib-

bons [“flare ribbons,” Fig. 16(c)]. As successive flux

surfaces are reconnected outward (Fig. 18), the bright

Ha ribbons “move” outward. Accordingly, mapping the

observed flare ribbons onto magnetograms [Figs. 9 and

13(b)] and assuming that all the LOS flux “swept up” by the

ribbons represent reconnected flux, the reconnection electric

field has been inferred.383,384 Interestingly, such estimates—

in the range of 0.2–5 V cm�1 (Ref. 383)—are not dissimilar

to those derived from dUp=dt (�2–8 V cm�1, see above).209

The reconnection electric field has also been evaluated for

flare emissions using a 2.5-D resistive MHD simulation248

with a model current-dependent resistivity, yielding �10 V

cm�1. Specified resistivity has also been used to model

energy release in flares.385

The emf EðtÞ cannot be directly measured, but a num-

ber of testable properties can be inferred from Eq. (30).

First, E / M
1=2
T because Up scales with M

1=2
T . Second, CME

structures with longer Sf afford longer distances over which

runaway particles can be accelerated. Thus, the maximum

particle energy gained scales with M
1=2
T and Sf. The radi-

ated power scales with the number of particles accelerated

by EðtÞ. Although fast CMEs are often expected to be

correlated with powerful flares, these properties show that

flare power has no explicit or simple relationship to CME

speeds.

IV. MODELS OF SOLAR ERUPTIONS: OPEN
QUESTIONS

A. EFR and CSHKP: Observational discriminators

Largely thanks to the observations of CME dynamics

with wide FOVs (e.g., SOHO and STEREO), several new

tenets of CME physics have been established. Notably, the

hypothesis of flux-rope CMEs and the attendant hoop force

as the driving force have been validated by the observed

morphology and dynamics of CMEs; the predicted flux-rope

expansion from the Sun to 1 AU and the evolved magnetic

field at 1 AU determined by the hoop force show quantitative

agreement with both remote-sensing and in situ data. That is,

observed CMEs do behave like erupting flux ropes in the 1-

AU region around the Sun.

The presence of the predicted Sf-scaling law in the

observed CME acceleration data (Fig. 32) constitutes direct

evidence that CMEs are flux ropes with stationary footpoints

(Sf¼ const) prior to the main acceleration phase. Non-

equilibrium initial flux ropes with stationary footpoints199,291

TABLE III. Best-fit initial flux rope parameters for 2008 April 26 CME.a

No. D Sf (105 km) Z0 (105 km) a0 vp vn Bc0 (G) MT (1015 g) Bpa0 (G) Bt0 (G)

0 0.96 2.0 2.0 2.0 1.0 1.0 –2.0 2.3 4.38 4.38

1 0.46 2.0 1.8 2.5 0.5 1.0 –2.0 1.4 4.93 5.09

2b 0.43 2.0 1.8 2.5 0.5 1.0 –2.0 1.4 4.93 5.09

3c 0.68 2.0 1.8 2.5 0.5 1.0 2.0 1.4 4.93 5.09

4d 2.12 2.0 1.8 2.5 0.5 1.0 2.0 1.4 4.93 5.09

5 1.13 4.0 1.8 2.5 0.5 1.0 –2.0 4.7 4.93 5.09

6 0.54 1.0 1.8 2.5 0.5 1.0 –2.0 0.9 4.93 5.09

aSolutions constrained by the LE trajectory of the CME of 2008 April 26. Solution 1 is the overall minimum-D solution.
bBest-fit solution with cd ¼ 3.
cBest-fit solution with sR is prescribed to be 50 min. All other initial parameters remain unchanged from solution 1.
ds2 is set to s2 ¼ 36.3 min, 10% greater than that for solution 1. All other parameters remain unchanged.
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should also manifest the Sf scaling (e.g., point S in Fig. 32).

In the CSHKP models, footpoints evolve out of arcades via

reconnection. Unstable flux ropes rising through the photo-

sphere296,297 would also have evolving footpoints. The

effects of evolving footpoints on CME acceleration would

depend on the timescale of their formation, but it is certain

that equations of motion having no Sf scale length do not

produce the Sf-scaling law.298,311 It is an open question as to

when eruptive flux ropes are formed, but observational

evidence of pre-eruption cavities97,98 and flux ropes99 is

emerging.

A novel addition to solar eruption research is the con-

cept of poloidal flux injection dUpðtÞ=dt as the driver. This is

regarded as a controversial challenge to the CSHKP para-

digm,46,274 but in fact this quantity occurs in traditional mod-

els as well. In a recent simulation of the “breakout” model,

the poloidal flux Up and toroidal flux Ut of the newly formed

flux rope were calculated as functions of time.278 Figure 39

shows that UpðtÞ in the simulation increases while UtðtÞ is

nearly constant, both of which are in agreement with the

EFR theory. In the simulation, the profile of dUpðtÞ=dt is

determined by numerical reconnection. The plot confirms

that the physical quantity—increase in UpðtÞ—is present in

both models and by extension in other CSHKP models (e.g.,

Figs. 17 and 18).386 To the extent a flux rope is formed, the

increased hoop force ItBp due to the increase in UpðtÞ will

accelerate the flux rope according to Eqs. (20) and (21). The

simulated acceleration profile was not published so that its

temporal relationship to the simulated dUpðtÞ=dt cannot be

determined. It is interesting to note that not only is the down-

ward force reduced by tether cutting but also the resulting

dUpðtÞ=dt increases the hoop force. This coupling of hoop

force and reconnection adds new insight to the usual notion

that the repulsive force from the “image” current unbalanced

by the weakened tether drives the eruption.

As for the source of dUpðtÞ=dt 6¼ 0, two distinct inter-

pretations are possible: (1) the coronal arcade field (Bc) is the

source of poloidal flux and is “converted” into the “private”

poloidal field (Bp) of the evolving flux rope [Fig. 16(c)]; or

(2) the poloidal flux is transported along the subphotospheric

part of the flux-rope system and “injected” into the coronal

part (Fig. 23). The traditional “standard model” demands the

former and excludes the latter scenario by virtue of the pho-

tospheric (infinite conductivity) boundary condition. The

EFR formulation, in contrast, does not require or preclude

either scenario. Nevertheless, the main acceleration phase is

largely driven by the magnetic energy in the initial flux rope

in the EFR model. A CSHKP-like scenario with dUp=dt ¼ 0

(“magnetic energy release”) on timescales of eruption is pos-

sible.325 Neither the subphotospheric mechanism of poloidal

flux transport nor the sub-grid physics of reconnection in

CSHKP simulations has been established.

The function UpðtÞ provides a quantifiable common

point for comparison, a model discriminator between the

EFR theory and arcade models. One testable prediction is the

temporal relationship between the reconnected flux dUp=dt
and CME acceleration in arcade models. Another is the

minor radial dynamics a(t) in relation to dUpðtÞ=dt. In the

CSHKP picture, reconnection adds new flux surfaces to the

newly forming flux rope (i.e., dUp=dt > 0). Thus, the evolu-

tion of a(t) has the ideal-MHD component, Eq. (21), plus a

non-ideal correction from the addition of flux surfaces by

reconnection. In Fig. 39, this occurs from �9:5� 103 s to

�1:1� 104 s; this would be the main acceleration phase

(Sec. III G 2), where the hoop force overcomes the overlying

field Bc. In contrast, the ideal-MHD EFR eruption preserves

magnetic surfaces, and a(t) is governed by Eq. (21), with the

prediction that the aspect ratio KðtÞ, Eq. (7), increases during

the main acceleration phase (Appendix). This has been seen

in CME data [Fig. 29(b)] and a number of observed

events.96,220 The counterpart of KðtÞ in CSHKP models (e.g.,

Figs. 18 and 19) has not been investigated.

To date, observed aspect ratios have not pointed to a

need to introduce a non-ideal MHD correction to Eq. (21)

(Appendix for more details). The evolution of a(t) during the

initial stages of eruption is often occulted or difficult to

observe. Nevertheless, new observations of pre-eruption cav-

ities are emerging97,98 and may in the future shed light on

the earliest phase of the acceleration.

B. Interplanetary CME dynamics

Interplanetary MC data also provide additional means to

test the minor radial structure and expansion of model

CMEs. Published results show that model CME flux ropes in

2.5D37 and 3D199 simulations as well as in the analytic EFR

CME model86,320 can reproduce the basic macroscopic prop-

erties of observed MCs at 1 AU. In Ref. 320, the response of

the magnetosphere was simulated using the calculated CME

ejecta to drive a SW-magnetosphere interaction model.388 In

these studies, no data for the CME dynamics between the

Sun and L1 Lagrange point were available for model-data

comparison. With STEREO data, the EFR model was shown

to reproduce the observed trajectory of a CME from the Sun

to 1 AU as well as the magnetic field of the evolved MC

measured at 1 AU.33

FIG. 39. Numerical calculation of the toroidal flux UtðtÞ and poloidal flux

UpðtÞ in the “breakout” model for two scenarios. The short arrow indicates

the approximate identifiable onset time of the eruptive flare reconnection.

Reproduced with permission from Lynch et al. Astrophys. J. 697, 1918

(2009). Copyright 2009 IOP Science.278
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In situ magnetic field data [Fig. 37(a)] generally do not

allow one to determine the true minor radius of a CME flux

rope expanding past a single observer because its orientation

relative to the observer is not known. In contrast, minor

radial expansion of a flux rope as a function of distance is

independent of flux-rope orientation. There have been statis-

tical studies of the observed size of MCs as a function of

heliocentric distance (R).135,389,390 This information—

extending to �4 AU—can be compared with the prediction

of Eqs. (20) and (21): a(t) expands as a / Ri with i ’ 1

for R ’ 0.3–2 AU and i ’ 0:7 for R ’ 2–5 AU.86 These

values of i are consistent with the statistical values of

observed MCs.135,389 The subtle dependence of i on R is

traced to the increasing importance of the pressure term

bp ¼ 8pð�p � pcÞ= B2
pa as MCs expand over distances of the

order of 1 AU. To date, no comparisons of CSHKP model

predictions with data have been carried out, but the ability to

continuously track CMEs and measured the ejecta quantities

at 1 AU provides a challenging framework for CME-MC

model validation.

As noted earlier, force-free (J� B ¼ 0) flux ropes have

been used to model solar and interplanetary flux ropes133,134,256

and the minor radial expansion of CMEs,136 but non-force-free

flux ropes have also been considered.139 A flux rope that is

force-free at one instant of time need not remain force-free.

The minor radial dynamics in EFR, determined by Eq. (21)

with bp 6¼ 0, is non-force-free. The aspect ratio KðtÞ, a mea-

surable manifestation of a(t) relative to R(t) that can be pre-

dicted by different models (e.g., Refs. 37, 199, 249, 274, 276,

278, and 387), may serve as a model discriminator. The force-

free simplification is usually justified by the argument that the

plasma b so small that pressure can be neglected. An equilib-

rium flux rope in an unconfined medium, however, requires

the ambient pressure to balance the Lorentz force so that it

cannot be force-free everywhere.138

C. Poloidal flux injection: Photospheric signatures

Carrington perceived the flare brightening and its appar-

ent motion to be so akin to a “sudden conflagration” that he

expected to find noticeable large-scale changes in the photo-

sphere.1 Comparing the sunspot sketches drawn before and

after the flare, Carrington was unable to discern “any change

whatever,” concluding that the brightening was the release

of energy stored in the corona above the sunspots. The form

of this energy was not identified, but after the discovery of

magnetic fields in sunspots,148 magnetic energy in the corona

became the leading candidate, giving rise to the seminal idea

of magnetic reconnection as a means to release the stored

energy.253 Ever since, this paradigm of coronal energy stor-

age and release via reconnection has guided the models and

interpretations of energetic solar phenomena.

Subsequent to Carrington, photospheric changes that

may indicate the emergence of energy from below to power

flares—some “unusual” and “rapid” changes—have been

sought with largely negative conclusions.391–393 Such studies

found changes in magnetograms, but they were judged to be

transient and “evolutionary” (i.e., “usual” and “slow”). This

interpretation is based on intuitive expectations rather than

comparisons with signatures predicted by physical mecha-

nisms: the question of what to look for and on what spatio-

temporal scales was not addressed. Nevertheless, the adage

that the photospheric magnetic field does not change before,

during, or after flares became the accepted assumption of

flare models, a legacy of Carrington’s notion.

Later observations have found systematic changes asso-

ciated with eruptions,394–399 and Sudol and Harvey399 have

suggested that the long-held adage should be re-examined.

The physical processes implied by such changes are now a

matter of new research.304,305 Separately, a number of

studies have examined the magnetic helicity budget in con-

nection with CMEs.400–402 In these studies, the LOS magne-

tograms of CME source regions were used to deduce the

horizontal velocity of magnetic footpoints and estimate the

flux of magnetic helicity K �
Ð

VA � Bd3x into the corona.

They concluded that the observed photospheric motion is

insufficient to account for the estimated helicity or energy

ejected by the CMEs. They suggested that injection of sub-

photospheric twisting of field lines, i.e., poloidal flux injec-

tion in the language of the EFR theory, is needed. Here,

for the flux rope topology, K � UpUt so that DK ¼ DÐ
A � Bd3x � ðdUp=dtÞUtDt, where Ut ¼ const (Sec. III F 2).

The field lines penetrate the photosphere so that the relative

helicity must be used to obtain gauge-invariant estimates.

Helicity injection necessarily implies flux injection, but the

converse is not implied.

A caveat is that the helicity inferred from photospheric

data cannot be unambiguously related to the energy of a spe-

cific coronal structure without additional knowledge because

the energy Up ¼ U2
p=2c2L / K2=ða4 �B

2
t LÞ depends on L and

Ut ¼ pa2 �Bt of the structure into which helicity is injected. A

similar caveat applies to poloidal flux injection because

Up / U2
p=L.

Coronal storage of magnetic energy lends itself to a con-

ceptually pleasing and mathematically tractable formulation

of solar eruptions in the half space z � 0: specify the normal

component of the magnetic field Bnðx; yÞ and the flow field

v?ðx; y; tÞ, treating the photosphere (z¼ 0) as an infinitely

conducting and infinitely (i.e., non-reactive) massive sur-

face.243 This formulation decouples the corona from subpho-

tospheric magnetic fields on the dynamical timescales. The

focus of all models within the CSHKP paradigm is to find a

form of Bnðx; yÞ and v?ðx; y; tÞ that can quasi-statically build

up and then eruptively release the stored magnetic energy.

Against this historical legacy, the fact that the EFR

model allows the injected flux (dUp=dt 6¼ 0) to be of subpho-

tospheric origin became controversial among coronal MHD

modelers.41,42,274 The argument is that if the energy of erup-

tion of 1030–1032 ergs is injected through the photosphere to

drive a CME, it must significantly disturb the massive photo-

sphere regardless of mechanisms. This argument has been

quantified by Forbes,403,404 shown in full in Fig. 40. Consider

a patch of purely horizontal magnetic field Bh in area A in the

photosphere. The Poynting vector is S ¼ ðc=4pÞE� B.

Using Eþ ð1=cÞV� B ¼ 0, one obtains Sz ¼ ð1=4pÞVzB
2
h,

where Bh � jBj and z is the vertical direction. If this Poynting

flux persists for Dt, the total magnetic energy through A is

WB ¼ SzADt. For given WB,
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Vz ¼ ð4pÞWB=ðB2
hADtÞ: (50)

Thus, the injected poloidal energy can be directly measured

as Doppler shift because Vz is fully coupled to B2. Using

WB ¼ 1032 ergs (a large flare), A ¼ 1010 km2, Bh ¼ 100 G

(b
 1), and Dt ¼ 103 s, Eq. (50) yields Vz ¼ 12.5 km s�1.

No such horizontal magnetic field or coherent plasma motion

at this speed in contiguous patches of this size is observed,

and Forbes argued that poloidal flux injection mechanisms

could be ruled out. This conclusion is predicated on the

assumption that the specified configuration is the necessary

consequence of poloidal flux injection.

A similar calculation for a cylindrical flux rope was per-

formed using a longer time period Dt � 104 s but a smaller

area A � 108 km2.405–407 This work also assumed Bz¼ 0,

yielding Vz / ðB2
pADtÞ�1

, where Bp is purely horizontal.

This is, not surprisingly, essentially the same as Eq. (50).

The paper argued that the poloidal flux injection hypothesis

of the EFR theory is “falsified.” It is a mathematically com-

plex argument, but this “complexity” is reducible, revealing

basically the same calculation as Ref. 403: start with a speci-

fied monolithic patch of poloidal field (Bz¼ 0) and calculate

the vertical Poynting flux Sz, leading to Eq. (50) with a dif-

ferent constant factor. This work developed the “optimal

velocity” method to account for non-vertical plasma motion.

Here, “optimal” refers to minimization of Lagrangians of the

form I i ¼
Ð rc

0
rv2

i dr, subject to some ad hoc constraints on vi,

the fluid velocity in the i-th direction; I i contain no force or

injected magnetic energy.

The Forbes-Schuck argument asserts that regardless of

the mechanism, poloidal magnetic flux transported through

the surface necessarily appears as large patches of horizontal

magnetic field. Yet, this configuration is not known to occur

in any flux emergence or injection process. No physical or

logical relevance to flux injection is demonstrated.

D. Photospheric magnetic fields

The above discussion shows that understanding the

plasma dynamics of magnetic energy transport across the

photosphere is essential for clarifying the energy budget in

eruptions. The long-standing adage of coronal energy storage

is based on the legacy built on early observations with low

spatiotemporal resolution.391–393 New observations show

that magnetic fields in the solar photosphere occur on small

spatiotemporal scales.151,165,167–169

It is instructive to examine the observed features of

known flux emergence/injection phenomena. The most

prominent of such processes is the emergence of new sun-

spots in the photosphere: an active region (‘ � 104–105 km)

first appears as a pair of sunspots having strong magnetic

fields of opposite polarity. The sunspots gradually sepa-

rate—as would the footpoints of a rising flux—over a few

days. Until recently, magnetograms showed little magnetic

activities between the emerging sunspots save an occasional

small bipolar element. This led to the common notion that

magnetic energy of the order of 1033 ergs requires days to

emerge and is not observable in the photosphere.391–393

Recent observations by the Swedish Vacuum Solar

Telescope with much higher resolution (0.2900 �210 km),

however, show small-scale features that are interpreted as

“serpentine” field lines.283,284 Sunspots themselves, the larg-

est and most strongly magnetized structures in the photo-

sphere, appear to be highly filamented (Fig. 8). The Hinode
SOT/SP magnetograph (�200 km resolution) observed an

emerging sunspot event and captured the appearance of a sea

of small bipolar features. This process has been studied using

a radiative MHD simulation of an emerging flux rope. Figure

41(a) shows the flux rope magnetic field with the footpoints

at the lower simulation boundary indicated by converging

field lines. Figure 41(b) is a synthetic magnetogram for this

field in the photospheric surface, where the field of the

well-organized flux rope appears as small bipoles (whiteþ,

black �), interpreted as the footpoints of undular field

“lines.” This is shown in Fig. 42. These bipoles may be the

previously unobservable footpoints of filamentary loops in

AFSs,204 which appear in tens of minutes to a few

hours.43,202,203 This indicates that the timescale of flux emer-

gence is hours, not days.

The serpentine field in the simulation appears to result

from the interaction with the convective flows (Fig. 42) at

the granular cell size of 1000 km in the surface, but the fact

that the bipoles occur on scales of 200 km or below implies

that additional processes such as plasma instabilities412 are

at work. More generally, magnetic fields in the photo-

sphere—measured as net flux per pixel—show scale

FIG. 40. Analysis of the energetics of flux injection. A viewgraph page from

the talk given by T. G. Forbes at the American Geophysical Union Spring

Meeting (2001) at the invitation of Chen. Courtesy of T. G. Forbes.
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invariance down to the limit of resolution under both quiet

and active conditions.167–169,283,413 That even strong photo-

spheric magnetic fields occur on small scales is consistent

with the small natural scales of plasmas (Table I). Large

patches of horizontal magnetic field are not consistent with

these observations or the known physical processes in the

Sun.

As for the Poynting flux associated with the serpentine

field, Fig. 42 shows that Vz in Eq. (50) may apply to the apex

of each \-shaped loop where Sz is coupled to Vz but that

such features are much smaller than the patch dimensions of

104–105 km assumed in Refs. 403 and 405. On this scale, a

significant amount of poloidal energy emerges as B2
z , which

is not measurable as the Doppler motion Vz and cannot be

accounted for by Eq. (50).

For the 3-D dynamics involved in poloidal flux injection

through the photosphere, it is important to account for the

azimuthal electric field Eh at the flux rope footpoints

@Eh

@z
¼ 1

c

@Br

@t
;

1

r

@

@r
rEhð Þ ¼ � 1

c

@Bz

@t
; (51)

where the legs of the flux rope in the photosphere are assumed

to be vertical and the standard cylindrical coordinates are used

with @=@h ¼ 0. This field has a component Ep along the wavy

Bp lines illustrated in Fig. 23. By Ohm’s law, an electric cur-

rent Jp ¼ rEp is produced, where r is the plasma conductivity.

This implies that the serpentine “rods” shown in Fig. 42 are

small-scale current filaments (thin flux ropes), which have their

own poloidal fields in the photosphere, replicating this struc-

ture on the scale of filamentary serpentine lines. The small

plasma scale lengths suggest that this process can cascade

down to much smaller sizes, consistent with the scale invari-

ance suggested by observations.167,169 As for the increasing Jp

in the vertical sections of serpentine structures, this corre-

sponds to a Poynting flux in the minor radial (horizontal) direc-

tion converging toward the current on all scales. This means

Sh 6¼ 0, which is a priori neglected in Eq. (50).

Another important point is that the undular Bp field lines

can reconnect and shed the heavy plasma tied to the field

lines,192,406 illustrated in 3-D by Fig. 42. In this regard, the

so-called Parker instability407 plays an essential role, where

the plasma on a magnetic field line is stratified with higher

density at the bottom of a U-shaped field line. The recon-

nected Bp field would form the poloidal field around the flux

FIG. 42. Shedding of subphotospheric

mass from rising undular field lines

due to local reconnection. Reproduced

with permission from Cheung et al.,
Astrophys. J. 720, 233 (2010).

Copyright 2010 IOP Science.192 (a)

Cartoon of how mass is removed from

emerging magnetic field lines. The ser-

pentine field is attributed to the con-

vective granular upflows. (b) 3-D

depiction of the simulated emerging

magnetic elements. Upper panel: den-

sity perturbations along field lines

(darker is denser). Lower panel: z com-

ponent of the fluid flow momentum

(red is downflow).

FIG. 41. Magnetic field of an emerging flux rope in a radiative MHD simulation. (a) The feet of the flux rope, located at the lower simulation boundary

(z ¼ �7:5� 103 km) with minor radius a ¼ 3:6� 103 km, are indicated by the converging field lines. (b) Synthetic LOS magnetogram of the flux-rope field

in the photosphere (z¼ 0). Well-organized magnetic field of an emerging flux rope appears as a sea of bipoles—white (þ) and black (–)—that are the foot-

points of undular (“serpentine”) field lines. They are much smaller than the dimension of the underlying magnetic structure and result from the interaction

between the rising field and granular convection flows in the simulation. In the Sun, various instabilities can also play a role as a flux rope rises from a much

deeper source. From Ref. 192.
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rope in the corona (Fig. 23). These dynamical processes are

excluded in monolithic patches of horizontal fields. Note that

the Parker instability has been seen in numerical

simulations.408,409

The above discussion identifies three major predictions

for the photospheric signatures of poloidal flux injection: (1)

the injected poloidal field emerges through the photosphere

in the form of filamentary undular structures on small scales,

(2) such serpentine field can reconnect in the photosphere

and below, continually “shedding” the dense material as a

magnetic structure rises, and (3) the induced current Jp due

to Eh, Eq. (51), is essential in the magnetic flux budget and

its measurement. These are 3-D and dynamical effects. Low-

dimensional simulations, where the dense subphotospheric

plasma cannot be shed or drained, show that it is difficult, if

not impossible, even for 2-D subphotospheric magnetic

structures to rise to the corona.410,411 The above predictions

are potentially testable by detailed simulations of physical

flux injection mechanisms.

V. SUMMARY AND REMARKS

The paper has presented a discussion of the state-of-the-

art understanding of the eruptive processes from observa-

tional, theoretical, and modeling points of view. The focus

has been on the physics of CMEs—their magnetic configura-

tion, acceleration mechanism and forces, and their physical

relationships with the major manifestations of eruption: EPs,

flare emissions, and interplanetary MCs. The observed

dynamics are consistent with the EFR theory, currently, the

most extensively tested by remote solar as well as in situ SW

data. The theory also produces the temporal profiles of asso-

ciated flare SXR emissions, tested by an ensemble of CME-

flare events. This suggests a new theoretical framework to

unify the CME-EP-flare-MC phenomenon. A “tutorial” on

the EFR theory has been given (Secs. III F and III G). The

EFR concept is contrasted with the traditional CSHKP para-

digm, and model discriminators are identified. New answers

to long-standing questions regarding solar eruptions and their

connection to geoplasma space are emerging:

1. CMEs are erupting magnetic flux ropes from the earliest
stages observed. A key identifier of flux-rope CMEs is the

dynamics, i.e., the agreement between the observed CME-

EP dynamics and the calculated dynamics of toroidal flux

ropes having fixed footpoints (Sf ¼ const). SOHO and

STEREO observations from the Sun to 1 AU, combined

with ACE data, have provided an unprecedented basis for

testing model predictions. The ideal-MHD EFR theory has

accurately reproduced observed CME/EP trajectories. The

observed aspect ratio KðtÞ, Eq. (7), where available, is rep-

licated by such solutions (Sec. III H 2), implying that the

equations of motion captures the 3-D CME dynamics in

the two coupled orthogonal directions. There is increasing

observational evidence that CMEs have the flux rope

topology prior to the onset.97–99

2. CME flux ropes are driven by the Lorentz hoop force (ItBp).

A manifestation of this force is the predicted Sf scaling law,

which has been observed in CME-EP data (Fig. 32). It is a

geometrical effect that quenches the hoop force according

to QR / ðSf =RÞ2, Eq. (37). It is specific to toroidal flux

ropes with stationary footpoints (Figs. 30 and 31). The

length scale Sf ¼ const is essential to correctly calculate

CME acceleration: models using the hoop force but without

constrained footpoints do not exhibit this property.

3. Initial flux-rope magnetic field is determined by the toroi-
dal equilibrium. The initial field Bpa0 is given by Eq. (29),

resulting from toroidal force balance, dZ=dt2 ¼ 0 and

d2a=dt2 ¼ 0 at t ¼ 0. This determines the timescale of the

main acceleration phase, the Alfv�enic time sR / R0=Bpa0.

4. Pre-eruptive flux ropes are driven out of equilibrium by
the Lorentz hoop force due to the increasing poloidal flux,

UpðtÞ. The source of Up is not specified and has not been

established: it may be of subphotospheric or coronal ori-

gin. Numerical MHD models also produce dUp=dt 6¼ 0

due to reconnection.278 This should appear as a non-ideal

MHD correction to Eq. (21), a possible model discrimina-

tor. To date, no need for such a correction has been indi-

cated by data, but more detailed observation of the very

earliest phase of acceleration is required. Unresolved

issues for both scenarios have been discussed in Sec. IV.

5. Poloidal flux injection generates an emf EðtÞ ¼ �ð1=cÞ
dUpðtÞ=dt, which can accelerate particles to flare ener-
gies. The temporal profiles of dUpðtÞ=dt predicted by EFR

for observed CMEs coincides with the associated flare

SXR emission profile I SXRðtÞ. See Fig. 38(d). For CMEs,

E � 1010 V over 105 km. This supports the hypothesis

that the emf EðtÞ accelerates particles producing flare

emissions. The emf E scales with M
1=2
T and Sf (Sec.

III H 4). The ideal MHD EFR theory predicts EðtÞ, but

particle acceleration must be separately modeled.

6. MCs correspond to the evolved current channels of CME
flux ropes. The STEREO spacecraft have, for the first time,

continuously tracked CMEs and measured the ejecta mag-

netic and plasma data at 1 AU. Theoretically, the current

channel of the CME flux rope evolves into an MC as the

heliospheric counterpart. For a few events, the EFR solution

replicates both the CME dynamics and the evolved counter-

part observed at 1 AU.33 There is evidence that MCs main-

tain their magnetic and thermal connection to the Sun.35,36

7. The observed CME dynamics and CME-to-MC evolution
can be correctly replicated by the EFR theory only if
prominence mass is included in the initial equilibrium flux
rope. The cold prominence plasma is integrally coupled

to the long-time CME dynamics via the gravity term

mi�np 6¼ 0 in Eq. (22) and determines the initial flux-rope

magnetic field, which determines the Lorentz hoop force.

The observed structural relationship between CMEs and

associated EPs [e.g., Figs. 10(a), 24, and 27] is consistent

with the flux-rope CME concept (Fig. 22). Combined

with the temporal relationship EðtÞ / I SXRðtÞ (approxi-

mately), the EFR theory can potentially provide a unified

framework to understand the integrated CME-EP-flare-

MC process.

The agreement between the predicted quantities—EðtÞ
and Bthð1 AUÞ—and the observed counterparts—I SXRðtÞ
(temporal profile) and Bdatað1 AUÞ—is significant because

the input to the calculation, the CME position-time data
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ZdataðtiÞ, contains no explicit information on magnetic field,

SXR emissions, or particle acceleration. The ideal-MHD

EFR equations are evidently able to extract the timescale of

flare energy release and predict the evolution of CME mag-

netic field from ZdataðtiÞ alone (Secs. III H 2 and III H 3). This

implies that the equations correctly capture the relationship

between the position-time data Z(t) and the magnetic field

evolution; they are the “HD” and “M” of MHD, respectively.

The recent advances have not answered all questions,

but a number of important issues can now be better defined

(Sec. IV). A major question is the physical interpretation of

an increase in the flux-rope poloidal flux, dUp=dt > 0, pre-

sent in both the EFR and CSHKP models. The EFR theory

allows (but does not require) poloidal magnetic energy injec-

tion from the convection zone, the ultimate source of all

solar magnetic energy. The physical process, however, has

not been modeled, and potential photospheric signatures of

subphotospheric poloidal flux injection have yet to be estab-

lished. The CSHKP paradigm, in contrast, places the energy

of eruption to be in the corona, requiring reconnection in the

corona that converts coronal flux into the poloidal flux of an

evolving flux rope (Sec. IV A). The required physical mecha-

nism in the corona has yet to be demonstrated.

It is clear that the poloidal flux injection function

dUpðtÞ=dt > 0 predicted by the EFR is applicable to the

CSHKP construct. While the traditional CSHKP formulation

excludes the subphotospheric sources by imposing the photo-

spheric boundary condition, there is no physical reason to do

so. Indeed, new attempts to relax the constraints imposed

by this traditional boundary condition and include subphoto-

spheric magnetic structures and sources are emerging.296,297,411

The challenge is that most of the photospheric plasma dynam-

ics is driven by subphotospheric dynamics (e.g., Refs. 192,

193, and 408), is strongly coupled to radiation, occurs on small

scales,151,165,167,169 and requires fully 3-D simulations.

Potential model discriminators including the observed

aspect ratio and certain photospheric features have been sug-

gested, which need to be better understood with further

modeling and higher-resolution observations. It is noted that

the discipline of helioseismology, both local and global, has

made important strides in quantifying the relationships

between the unobservable magnetic field in the convection

zone and observed photospheric data.160 In the view of the

present author, helioseismology will play a pivotal role in

answering some of the most fundamental questions regarding

solar magnetism, of which eruptions are but one manifesta-

tion. The physics of the expansion of partial flux ropes in a

background plasma is generalizable to flux ropes in the solar

convection zone, stellar atmospheres,414–417 and laboratory

plasma experiments.365,418–420 Well-constructed and scalable

experiments can potentially simulate specific assumptions

and processes embodied in theories and numerical models of

solar eruptions.

ACKNOWLEDGMENTS

I wish to express my gratitude to Dr. Valbona Kunkel of

George Mason University, my former Ph.D. student, and Dr.

Russell Howard of the Space Science Division (SSD), Naval

Research Laboratory (NRL), for numerous discussions over

many years. The depth and extent of Dr. Howard’s

knowledge of the CME phenomenon, especially his insight

dating back to the very first observation of CMEs, have been

beneficial. I also wish to record my deep gratitude to the late

Dr. Guenter E. Brueckner of the SSD/NRL who supported

my initial effort to establish a program in solar plasma

physics in the Plasma Physics Division/NRL. It is fitting that

the observations by the LASCO instruments, of which Dr.

Brueckner was Principal Investigator, extended the

coronagraph field of view to 32R�, which played a key role

in establishing the then-controversial flux-rope CME

paradigm. I also wish to thank two anonymous referees who

provided numerous comments from the traditional point of

view during several iterations, leading to more extensive

discussions of differences between the new theory and the

prevailing models in Sec. IV. The work was supported by

the Naval Research Laboratory Base Research Program.

APPENDIX: POLOIDAL FLUX INJECTION FUNCTION

The quantity dUpðtÞ=dt is a mathematical function that

enters the EFR theory as the driving function: when it is

increased from zero, the flux rope is set into motion. It repre-

sents a packet of poloidal flux injected into the existing flux

rope. The EFR model uses a simple generic pulse in terms of

a number of parameters as follows:

dUp tð Þ
dt

¼

q0 0 � t � t1;

q0 þ q1 sech2 t2 � tð Þ=s1

� �
� sech2 t2 � t1ð Þ=s1

� �n o
; t1 < t < t2;

q0 þ q1 1� sech2 t2 � t1ð Þ=s1

� �n o
� dUp=dt
� �

max
; t2 � t � t3;

dUp=dt
� �

max
sech2 t� t3ð Þ=s2

� �
; t3 < t;

8>>>>>><
>>>>>>:

(A1)

where q0 and q1 are non-negative constants, and s1 (s2) is the

ramp-up (ramp-down) timescale. the main pulse starts at

t¼ t1 and reaches maximum at t¼ t2. The flux injection rate

is constant at ðdUp=dtÞmax in the time interval ½t2; t3�.
Thereafter, dUpðtÞ=dt decreases and asymptotes to zero. In

reality, a packet of Up need not be a single-peak pulse, but a
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more general profile may be represented as a superposition

of multiple single-peaks.

In the CSHKP framework, the functional form of

dUpðtÞ=dt would be determined by the coronal reconnection

physics on the macroscopic scales. In simulations, the time con-

stants s1 and s2 and the magnitude of the pulse ðdUp=dtÞmax are

determined by grid-based numerical dissipation.

For modeling observed CME-flare events using the EFR

theory, all the parameters in the above expressions are con-

strained by CME trajectory data ZdataðtiÞ (Sec. III H 2). No

mechanisms are specified. Figure 43(a) shows two examples

of dUpðtÞ=dt. For profile “1,” t2¼ t3 is required. This is the

minimum-D solution with D ¼ 0:46 (Fig. 38). Profile 2 is

obtained by imposing the constraint t3 � t2 ¼ 30 min and

minimizing D. For this solution, D ¼ 1:01, and the LE speed

(not shown) is similar to that of curve 3 in Fig. 38(b). The

thin vertical line is where the acceleration is maximum [Fig.

38(c)]. It is typical that observed CME data result in

t3 � t2 ’ 0. It is also typical that q0 ’ 0. Some CMEs do

exhibit gradual rise prior to the main acceleration, sometimes

refer to as the “initiation phase.”219 In such events, the EFR

equations predict a small nonzero value q0 � q1. Some

examples are given in Ref. 209.

Figure 43(b) shows the poloidal component Bpf �
Bpðaf Þ of the “footpoint” and the average toroidal component
�Btf of the footpoint at the base of the corona for the two solu-

tions. The total toroidal current ItðtÞ has the identical profile

as Bpf ðtÞ and is not separately shown. It is important to note

that �Btf ¼ const. The toroidal current ItðtÞ is shown, normal-

ized to the initial value It0 and scaled to fit the plot. Panel (c)

shows the magnetic field components of the flux rope apex,

Bpa ¼ Bpðr ¼ aaÞ (solid and dash-dot) and �Bta (dashed)

for the two profiles. For this particular initial flux rope,

BpaðtÞ ’ �BtaðtÞ for all t and are not distinguishable.

( �BtaðtÞ–dashed–for solution 1 is visible near t ¼ 13 : 00 UT.)

The peaks in Figs. 43(b) and 43(c) are caused by the

same process that causes the aspect ratio K to increase (Sec.

III E 2): as UpðtÞ increases, ItðtÞ ¼ Up=cLðtÞ increases (panel

c) as do Bp ¼ cIt=ca. At the footpoint, af¼ const and there-

fore Bpf ðtÞ / ItðtÞ and �BtðtÞ ¼ const. At the apex, the

increased pinch force causes aaðtÞ to decrease slightly so that

the relative increase in BpaðtÞ / ItðtÞ=aaðtÞ is greater than

that in Bpf, as can be seen by comparing panels (b) and (c).

The most important difference, however, is in �Bt. Because

flux conservation requires UtðtÞ ¼ const; �BtaðtÞ ¼ Ut=pa2
aðtÞ,

which increases during the main acceleration phase because

aaðtÞ decreases by the increased pinch force.

From Up ¼ cLðtÞItðtÞ and Ut ¼ pa2 �Bt, one sees that

CaðtÞ ’ const implies UpðtÞaaðtÞ=RðtÞlnðR=af Þ ’ const,
where constant factors have been omitted. Thus, RðtÞ
lnðR=af Þ=aaðtÞ � UpðtÞ. During the main acceleration phase,

and R=a � RðtÞ=aaðtÞ / UpðtÞ=lnðR=af Þ 6¼ const.
An interesting manifestation of the last property can be

seen in the following quantity,

CðtÞ ¼ BpðtÞ= �BtðtÞ; (A2)

which is the characteristic pitch of the flux-rope field lines.

The local magnetic field pitch angle gðr; tÞ � tan�1½Cðr; tÞ�
inside a flux rope is variable, ranging from g¼ 0 at r¼ 0 to

ga ¼ tan�1ðCÞ at r¼ a. Figure 44 plots the characteristic

magnetic pitch at the apex CaðtÞ and at the footpoint Cf ðtÞ,
showing that Cf ðtÞ is peaked but CaðtÞ is nearly constant.

This means that the pitch or the “twist” of the field lines in

FIG. 44. Magnetic field pitch at the footpoint Cf ðtÞ and apex CaðtÞ for solu-

tion 1 in Fig. 43. The vertical line indicates the time of acceleration maxi-

mum. CaðtÞ is nearly constant. The peak in Cf correlated with the rising

phase of dUpðtÞ=dt (Fig. 43) and constancy of Ca are characteristic of flux-

rope dynamics due to poloidal flux injection in the EFR theory.

FIG. 43. Flux injection function given by Eq. (A1) and its relationship to the

magnetic field. For the CME of 2008 April 24 (Fig. 38). (a) Two profiles of

dUtðtÞ=dt. Solid curves: the minimum-D solution (solution 1), for which

D ¼ 0:46. The EFR equations require t3 � t2 ¼ 0 for this CME. For solution

“2” (dashed curve), dUtðtÞ=dt is required to have t3 � t2 ¼ 30 min. D is min-

imized with this constraint. D ¼ 1:01 for this solution. (b) Magnetic field

components at the base of the corona (footpoints), Bpf and �Btf . Note that
�Btf ¼ const: For solutions 1 (solid) and 2(dashed). The toroidal component
�Btf remains constant while the poloidal component Bpf increases for about

10–20 min. ItðtÞ=It0 is shown (dotted, arbitrary units). (c) Field components

at the apex, where BpaðtÞ � �BtðtÞ.
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the “legs” down to the footpoints of an erupting flux rope

increases during the main acceleration phase, while the mag-

netic field pitch at and around the apex is nearly constant.

The peak in Cf ðtÞ is due to the peak in Bpf, which arises from

the peak in pinch force.

The above property is general (see Sec. II.4.4 of Ref. 86

and Sec. 6 of Ref. 220) and may be observable during the

early stages of prominence eruption. Assuming that the char-

acteristic braided features in EPs (Figs. 4, 5, and 28) repre-

sent plasmas outlining magnetic field, it has been inferred

from the apparent twist that the toroidal current in the lower

legs increased for 30–40 min during the early phase of an

observed EP.326 In a statistical study of EPs exhibiting

apparent helical features, images of those observed at the

onset of eruption and in the acceleration phase tend to show

greatest twist while images of post-acceleration prominences

exhibit reduced twist.327 Where individual EPs could be fol-

lowed, the twist of a prominence near the apex appeared to

change only slightly. These observed properties—including

the timescale—and inferences are consistent with the general

behavior shown in Figs. 43 and 38 and may be evidence of

the predicted magnetic field response to flux injection. Aside

from the few detailed studies of EPs observed in Ha men-

tioned above, these properties have not received much

attention.
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246J. A. Linker, R. Lionello, Z. Mikić, and T. Amari, J. Geophys. Res. 106,

25165, doi:10.1029/2000JA004020 (2001).
247D. Uzdensky, Astrophys. J. 574, 1011 (2002).
248C. Z. Cheng, Y. Ren, G. S. Choe, and Y.-J. Moon, Astrophys. J. 596,

1341 (2003).
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